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Abstract

In this thesis, the LS I +61◦303 X-ray binary system is studied in great detail in Very High
Energy (VHE, E > 50 GeV) gamma-rays with the Major Atmospheric Gamma-ray Imaging
Cherenkov (MAGIC) telescope. X-ray binaries were long suspected to be potential gamma-
ray sources. In the 1970’s, the COS B satellite reported gamma-rays from the vicinity of
LS I +61◦303. Even after the more accurate measurements of the EGRET detector in the late
1990’s, the association of LS I +61◦303 as the source of the gamma-rays remained ambiguous
until MAGIC (with its higher angular resolution measurements) identified LS I +61◦303 as
the VHE gamma-ray source.

The total observation time of 225 hours on LS I +61◦303 places the binary system among
the best studied VHE gamma-ray sources by MAGIC. The data were taken between 2005
and 2008 in three distinct observation campaigns (OC) each with more than 50 hours of
observation time.

The huge amount of data taken on LS I +61◦303 and the dense sampling of the system’s
orbital period allowed the detection of a periodicity in the VHE gamma-ray emission. This
is the first time that a periodic modulation in a light curve could be proven in observations
performed by MAGIC and the second time in the field of VHE gamma-ray astronomy. The
obtained period of P = 26.60±0.45 d−1 is compatible with the best measured orbital period
of LS I +61◦303 obtained by radio measurements.

Further investigations of the system were carried out in orbital phase bins of ∆φ = 0.1,
where the phases (φ) reach from 0–1.0 within one orbit. LS I +61◦303 is significantly detected
in all OC’s only in the 0.6–0.7 phase range close to the apastron of the compact object. In
this phase range, the light curve shows an outburst of 2–4 days’ duration while measurements
- for example around the periastron passage of the compact object - yield only upper limits.
The spectrum of the gamma-ray excess derived from the outbursts is well described by a
simple power law:
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In the most recent measurements conducted in 2007 and 2008, additional significant fluxes
were measured in the 0.8–1.0 phase range, not seen in previous observations. The derived
spectrum in this phase range is poorly described by a simple power law. The spectrum is
fitted better by a power law with an energy-dependent spectral index of the following form:
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This hint for spectral variability might be caused by a different production mechanism
of the VHE gamma-rays dominating the emission at these phase ranges compared to the
periodic outburst.

The diurnal light curves were investigated for flux variability on short timescales (less than
a few hours). Several nights present hints for short-time variability. The most promising of
those nights indicates a flux increase by a factor of three on a timescale as short as 30 minutes.
Similar behavior is observed in the X-rays by several measurements performed in the last
few years.

In addition to the VHE gamma-ray measurements, multiwavelength studies have been
carried out at radio frequencies and X-ray energies in several observation campaigns. The
LS I +61◦303 X-ray spectra obtained in this thesis are all compatible with absorbed power
laws. The spectral index of these power laws lies between 1.34–1.87 in agreement with
previously published results by other observations. No prominent accretion disc feature such
as iron-line emission or black-body radiation - as expected in the case of a microquasar - is
detected in X-rays.

Evidence for a correlation between the flux levels in simultaneously taken X-ray and VHE
gamma-ray data is found on a level of 3.4σ significance. A correlation study on the phase bin
averaged light curve in X-ray and VHE gamma-rays was performed in a distinct observation
campaign. A hint for correlation on the 2σ significance level is obtained by this study.

The correlated fluxes in the two energy bands can be explained by assuming that X-ray
and VHE gamma-ray emission originate from the same particle population. In this case,
the higher flux at X-ray energies favors a leptonic origin of the emission. In this scenario,
the X-rays are attributed to synchrotron radiation of relativistic electrons. These electrons
produce the VHE gamma-ray emission due to inverse Compton upscattering of UV photons
provided by the companion star.

Theoretical models try to explain the emission of LS I +61◦303 either in terms of a
microquasar scenario or by proposing that a compact pulsar wind is responsible for the
VHE gamma-ray emission. In terms of the observational results presented here, several
microquasar models can be excluded by the measured VHE gamma-ray light curve and
spectra. Nevertheless, two other leptonic microquasar models are compatible with the VHE
gamma-ray emission.

In the case of the pulsar wind models, the scenario - attributing the emission to a mono-
energetic free pulsar wind - can be rejected. On the other hand, the free pulsar wind,
consisting of a power law distribution of electrons, can at least explain the VHE gamma-ray
part of the presented results very well.

Two models attribute the VHE gamma-ray emission to the shocked (by the stellar wind)
pulsar wind. One of the models suggests a hadronic origin of the VHE gamma-rays, which is
improbable due to the X-ray/VHE gamma-ray flux correlation described above but cannot
be fully excluded.

The spectral energy density derived in this work provides important information for the
further development of the models.

The technical part of this thesis describes the development and implementation of the



MAGIC II camera control software.
In addition, the stability of the telescope’s performance was studied between 2005–2008

in terms of investigating the effects on the Crab Nebula light curve and on its spectrum
which are generated by the various hardware setups, the observation modes, the background
light conditions and the zenith angle ranges used over a time span of four years. The sta-
bility study exhibits only a slight systematic increase both of the integral flux (by 12%) and
the spectral index of ∆Γ = 0.2, after the change to the 2 GHz read-out system of MAGIC.
This systematic uncertainty is small compared to statistical uncertainties of measurements
of weak sources like LS I +61◦303. Generally, the MAGIC telescope displayed a very stable
performance between 2005 and 2008.





Zusammenfassung

Gegenstand dieser Dissertation ist die detaillierte Studie des Röntgenstrahlen emittieren-
den Binärsystems LS I +61◦303 in sehr hochenergetischen Gammastrahlenbereichen (E >
50 GeV) mithilfe des Major Atmospheric Gamma-ray Imaging Cherenkov (MAGIC) Teleskops.
Schon früh wurde die These aufgestellt, Röntgenstrahlen emittierende Binärsysteme seien
potentielle Quellen von Gammastrahlung: In den 1970er Jahren konnte erstmals Gam-
mastrahlung in der unmittelbaren Nähe von LS I +61◦303 durch den Satelliten COS B
gemessen werden. Nachdem selbst präzisere Messungen des EGRET detectors in den 1990er
Jahren LS I +61◦303 nicht eindeutig als Gammastrahlenquelle identifizieren konnten, gelang
es schließlich mithilfe der hohen Winkelauflösung des MAGIC Teleskops, LS I +61◦303 in
sehr hochenergetischen Gammastrahlenbereichen zu beobachten.

Aufgrund der immensen Beobachtungsdauer von insgesamt 225 Stunden gehört das Binär-
system LS I +61◦303 zu den den am besten untersuchten sehr hochenergetischen Gamma-
strahlenquellen des MAGIC-Projekts. Die Daten wurden in drei verschiedenen Observations-
zyklen aufgenommen, die jeweils über 50 Stunden Beobachtungszeit umfassen und zwischen
2005 und 2008 stattfanden.

Die große Menge an Daten, die an LS I +61◦303 genommen wurden und die dicht
aufeinander folgenden, stichprobenartigen Messungen der Umlaufbahnperiode des Systems
ermöglichten die Entdeckung einer Periodizität innerhalb der sehr hochenergetischen Gam-
mastrahlenemission. Erstmals im Rahmen des MAGIC-Projekts und zum zweiten Mal in-
nerhalb der sehr hochenergetischen Gammastrahlenstronomie konnte auf diese Weise die
periodische Modulation einer Lichtkurve bewiesen werden. Deren gemessene Periode von
P = 26.60 ± 0.45 d−1 stimmt mit der am präzisesten gemessenen Umlaufbahnperiode von
LS I +61◦303, abgeleitet von Messungen im Radiobereich, überein.

Weitergehende Untersuchungen des Systems fanden in den Intervallen der orbitalen Phasen
mit einer Spanne von ∆φ = 0.1 statt, dabei reichen die orbitalen Phasen (φ) von 0–1.0 in-
nerhalb einer Umlaufbahn. In allen drei Observationszyklen kann LS I +61◦303 nur im
Phasenbereich 0.6–0.7, nahe des Apastron des kompakten Objekts, mit hoher Signifikanz
beobachtet werden.

In diesem Phasenbereich zeigt die Lichtkurve einen deutlichen Ausschlag im Laufe einer
Zeitspanne von zwei bis vier Tagen, während Messungen in anderen Phasen - z.B. während
der höchstmöglichen Annährung des kompakten Objektes an den Stern - nur obere Grenzen
für mögliche Emissionen liefern. Das Spektrum des von den Ausschlägen erzeugten Gam-
mastrahlenüberschusses kann sehr gut durch ein einfaches Potenzgesetz beschrieben werden:
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In den jüngsten, zwischen 2007 und 2008 vorgenommenen Messungen konnten weitere
signifikante Flüsse im Phasenbereich 0.8–1.0 beobachtet werden, die in früheren Observatio-
nen nicht sichtbar waren. Das Spektrum dieses Phasenbereichs lässt sich jedoch nur unzu-
reichend durch ein einfaches Potenzgesetz beschreiben. Eine bessere Anpassung ermöglicht
ein Potenzgesetz mit energieabhängigem Exponentenn der folgenden Form:
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Dieser Hinweis auf spektrale Variabilität könnte durch einen vom Produktionsmechanis-

mus des periodischen Ausbruchs abweichenden Prozess, der innerhalb dieser Phasenbereiche
die sehr hochenergetische Gammastrahlen Emission dominiert, verursacht werden.

Lichtkurven einzelner Tage wurden auf Variabilität der Flüsse innerhalb kurzer Zeit-
skalen (wenige Stunden) untersucht. In einigen Nächten lassen sich Hinweise auf Kurzzeit-
Variabilität finden. Die meistversprechende dieser Nächte bezeugt eine Steigerung des Flusses
um das Dreifache innerhalb einer Zeitdauer von nur 30 Minuten. Ein ähnliches Verhalten
kann bei Röntgenstrahlung beobachtet werden, wie zahlreiche Messungen der letzten Jahre
belegen.

Neben den Messungen der sehr hochenergetischen Gammastrahlung wurden zusätzliche
Multi-Wellenlängen Studien in mehreren Observationszyklen in Radiofrequenzen und Rönt-
genenergien unternommen. Alle im Rahmen dieser Arbeit erstellten LS I +61◦303 Rönt-
genstrahlenspektren sind kompatibel mit absorbierten Potenzgesetzen. Der Exponent dieser
Gesetze liegt, in Übereinstimmung mit bereits publizierten Ergebnissen anderer Messungen,
zwischen 1.34–1.87. Keines der bekannten Merkmale von Akkretionsscheiben, wie Emission
einer Eisenlinie oder Schwarzkörperstrahlung, die man im Falle eines Mikroquasars erwartet
würde, kann im Röntgenbereich nachgewiesen werden.

Hinweise auf eine Korrelation zwischen den Flussebenen der parallel gemessenen Röntgen-
und sehr hochenergetischen Gammastrahlen lassen sich mit einer Signifikanz von 3.4σ fest-
stellen. Die durchschnittlichen Lichtkurven der Phasenintervalle sowohl von Röntgen- als
auch sehr hochenergetischer Gammastrahlen wurden in einer Korrelationsstudie miteinander
verglichen. In dieser Studie können die Hinweise auf Korrelation mit einer Signifikanz von
2σ angegeben werden.

Die Korrelation der Flüsse in den beiden Energiebereichen könnte aufgrund der Annahme
erklärt werden, dass die Emissionen von Röntgenstrahlen und sehr hochenergetischen Gam-
mastrahlen von der gleichen Teilchenpopulation verursacht werden. In diesem Fall spricht
der höhere Fluss im Röntgenstrahlenbereich für einen leptonischen Ursprung der Emission.
Somit entsprechen diese Röntgenstrahlen den Synchrotronstrahlen relativistischer Elektro-
nen. Diese Elektronen erzeugen durch inverse Comptonstreuung von UV-Photonen des Be-
gleitsterns die sehr hochenergetische Gammastrahlenemission.

Theoretische Modelle versuchen die Emissionen von LS I +61◦303 zu erklären, indem das
Binärsystem entweder durch Mikroquasarmodelle beschrieben, oder ein kompakter Pulsar-
wind als Quelle der sehr hochenergetischen Gammastrahlung angenommen wird. Aufgrund
der hier dargelegten Lichtkurven und -spektren können mehrere Mikroquasarmodelle aus-
geschlossen werden. Nur zwei der leptonischen Modelle bieten eine Erklärung für die sehr



hochenergetische Gammastrahlenemission, die nicht mit den gemessenen Daten im Wider-
spruch steht.

In Falle der Pulsarwindmodelle können monoenergetische freie Pulsarwinde als Ursache
der Emissionen ausgeschlossen werden. Dagegen bietet der freie Pulsarwind, bestehend aus
Elektronen, deren Energieverteilung einem Potenzgesetz folgt, zumindest ein gutes Erklärungs-
modell für die sehr hochenergetischen Gammastrahlen und stimmt in diesem Sinne mit den
hier ermittelten Daten überein.

Zwei Modelle schreiben den durch Sternwinde geschockten Pulsarwinden die sehr hoch-
energetische Gammastrahlenemission zu. Eines dieser Modelle nimmt einen hadronischen Ur-
sprung der sehr hochenergetischen Gammastrahlung an. Im Hinblick auf die oben beschriebene
Korrelation der Flüsse zwischen Röntgen- und sehr hochenergetischen Gammastrahlen ist ein
hadronischer Ursprung sehr unwahrscheinlich, kann aber nicht vollends ausgeschlossen wer-
den.

Die spektrale Energiedichte, die in dieser Arbeit gemessen wurde, stellt wichtige Infor-
mationen für die weitere Entwicklung von Modellen bereit.

Im technischen Teil dieser Arbeit werden die Entwicklung und Inbetriebnahme der Kon-
trollsoftware der Kamera für MAGIC II beschrieben.

Auch die Prüfung der Stabilität der Leistungsfähigkeit des Teleskops zwischen 2005
und 2008 bildete einen Teil dieser Arbeit. Für diese Zeitspanne wurden die Lichtkurve
und das Spektrum des Krebsnebels auf mögliche Auswirkungen von Aktualisierungen der
Teleskopkomponenten und der Observationsmethoden, Stärke des Untergrundlichts und un-
terschiedlichen Zenithwinkelbereichen überprüft. Die Untersuchungsergebnisse der Stabilität
der Leistungsfähigkeit des Teleskops zeigen nur einen kleinen systematischen Anstieg sowohl
des integrierten Flusses (von 12%) als auch des spektralen Indexes um ∆Γ = 0.2 nach
dem Wechsel zum 2 GHz Auslesesystem von MAGIC. Diese systematische Unsicherheit er-
weist sich als klein im Vergleich zu statistischen Unsicherheiten, die sich bei der Messung
schwacher Quellen wie LS I +61◦303 ergeben. Im Allgemeinen lässt sich sagen, dass das
MAGIC Teleskop in der Zeit von 2005 bis 2008 eine sehr stabile Leistungsfähigkeit aufwies.
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Preface

Very high energy (VHE, E > 50GeV) gamma-ray astronomy is a recent and very rapidly

developing field of science. In 1989, the Whipple collaboration discovered the first VHE

gamma-ray signal on a 9-standard deviation level: The Crab Nebula. Since then, 1989 is

considered as the birth year of contemporary VHE gamma-ray astronomy. A lot of new

sources were discovered in the following years, most of them by the new third generation of

imaging atmospheric Cherenkov telescopes. The MAGIC, HESS and VERITAS telescopes

belong to this new generation of instruments. My work in this very interesting field is focused

on the study of VHE gamma-ray binaries with MAGIC. Due to the work reported in this

thesis, LS I +61◦303 is identified as a VHE gamma-ray binary, increasing the number of

known gamma-ray binaries to three and thus establishing a new class of VHE gamma-ray

sources. Prior to the discovery of the PSR B1259-63 and LS 5039 binary systems by the

HESS collaboration and LS I +61◦303 by the MAGIC collaboration, no binary system had

been established as a VHE gamma-ray emitter.

The topic of this thesis is the detailed study of LS I +61◦303 with the MAGIC telescope.

The detailed analysis of the 225 hours observation time leads to the first ever detection of

a periodic VHE gamma-ray signal by MAGIC. This is the second time periodicity could be

proven in VHE gamma-ray astronomy. Analysis of the spectral and temporal behavior of

the VHE gamma-ray emission from LS I +61◦303 strongly constrains several theory models

and even excludes several of them. With the multiwavelength data at radio frequencies and

X-ray energies that were taken simultaneously, the first solid spectral energy densities (SED)

could be presented. In addition to the VHE gamma-ray data, I analyzed the Swift X-ray

data. This simultaneous SED provides a benchmark for all models for testing if they can

describe not only the VHE gamma-ray emission of LS I +61◦303 but also the full emission

processes taking place in this system.

My further contributions to the MAGIC experiment are the development of analysis tools

and the improvement of the existing ones. In addition, I have developed the software for the

MAGIC II camera control and designed a test for its control components. I also contributed

to the commissioning of the 2 GHz read-out upgrade of MAGIC I (the so-called “MUX”) .
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6 PREFACE

The thesis is organized as follows: The first chapter briefly explains both my interest in

VHE gamma-ray astronomy and the basic production mechanisms of this radiation in the

cosmic accelerators. Afterwards, the source types currently detected in VHE gamma-rays,

as well as the processes leading to the emission, are summarized. In the second chapter,

the X-ray binaries and their potential as VHE gamma-ray emitters are discussed. The

different possible scenarios are outlined and the expected emission features discussed. The

third chapter introduces the imaging atmospheric Cherenkov technique for detecting VHE

gamma-rays from the ground. The MAGIC telescopes are described in the fourth chapter,

with emphasis on the components such as the 2 GHz read out upgrade of MAGIC I and the

camera of MAGIC II on which I worked. In the fifth chapter, the analysis of the MAGIC

data is described in great detail. In addition, the X-ray analysis which I performed for

the LS I +61◦303 data is explained briefly. Finally, the method to test for periodicity in

light curves is explained. The sixth chapter deals with the first long-term performance

study of MAGIC I and the investigation of the effects of observation modes, the hardware

setups, the performance parameters of the telescope and moonlight observations both on the

spectrum and on the light curve measurements. Within the seventh chapter, the LS I +61◦303

observations in VHE gamma-rays and the multiwavelength campaigns undertaken both in

the X-rays and in the radio band are discussed in detail. After this, the flux correlation

of these lower energetic emissions with the VHE gamma-ray measurements are presented.

Finally, the impact of the VHE gamma-ray and multiwavelength observation results on the

models of the emission from LS I +61◦303 are discussed. The conclusions of the results

presented here are drawn in chapter eight. Finally, a short outlook is given for the (already

planned) future observations of LS I +61◦303.



Chapter 1

VHE gamma-ray astrophysics

Very high energy (VHE) gamma-ray astronomy, explores the radiation above E > 50 GeV in

the universe . It is the most recently opened window onto electro magnetic (EM) radiation for

the purpose of exploring our universe. This chapter will give a brief overview of how these very

high energetic messengers are created and how their observation can help us to understand

the violent processes in our universe. First, I shall explain about cosmic rays - the first very

high energetic cosmic radiation to be discovered. From the observation of cosmic rays, the

questions of how are these particles created and accelerated in the universe arise. What type

of cosmic accelerators generate them? Where are the sources located and how can we detect

them? To try to answer these questions, the theoretically possible acceleration mechanism

of charged particles in magnetic and electrical fields will be discussed briefly. In this context,

the production of cosmic rays will inevitably lead to VHE gamma-ray production. Then, the

interaction of the VHE gamma-rays with the environment (at their origin) and the resultant

inferences will be considered. After outlining these basic production processes, I shall give an

overview of the various cosmic accelerators which are good candidates for VHE gamma-ray

production and summarize the current detection successes. Here, I shall also comment on

other very interesting topics which can be studied by VHE gamma-ray astronomy.

1.1 Cosmic rays

The first evidence for charged particles hitting the Earth’s atmosphere was found in the

famous balloon experiment by Victor Hess (Hess, 1912). Hess found that the higher the

balloon’s altitude, the faster an electrometer discharges. He concluded that the discharge

must come from charged particles which are more abundant in the higher atmosphere and

hence come from outer space. Since the discovery of cosmic rays, a very large effort has

been made to measure their energy spectrum and composition. One of the main questions

7
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still open is: What are the sources of these cosmic rays? To understand the difficulties

in answering this question, the cosmic ray spectrum must be considered. The spectrum of

cosmic rays (see Fig. 1.1) extends over 13 orders of magnitude in energy and reaches as

high as 1020 eV. Several distinct features are visible in the cosmic ray spectrum. The lower

Figure 1.1: The cosmic ray spectrum as measured over 13 orders of magnitude. The most
significant features are indicated as well as some more intuitive particle fluxes. Figure taken
from Swordy (1997).

energetic part (E < 1 GeV) is dominated by the solar wind and particles accelerated in the

interplanetary shock in our solar system. Above this energy, the spectrum follows a power

law with spectral index Γ = −2.7 up to energies of about 3 × 1015 eV. The cosmic rays

responsible for this part of the spectrum are thought to be of galactic origin. For even higher

energies, the spectrum shows a softening and the point at which this occurs is called the

“knee”. Particles with energy above the knee are probably of extra galactic origin, since

they could not be confined within our galaxy’s magnetic field. For a recent review about this

energy range, see Bluemer et al. (2009). At the highest energies, a cutoff in the spectrum is

predicted due to the interaction of the cosmic rays with cosmic microwave background (CMB)
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radiation - the famous GZK-cutoff (Greisen, 1966; Zatsepin and Kuz’min, 1966). Despite

many theoretical suggestions where to look for the sources of cosmic rays, no definite answer

about their sources has be given up to now. One complication is that the tracing of the

sources is not possible in terms of the cosmic rays themselves. Since the cosmic rays consist

of charged particles, they are deflected by the galactic magnetic field and thus do not give

information about the direction of their source. Nevertheless, wherever they are produced,

the mechanism will not only produce them but also, due to their interaction with matter,

will always generate byproducts like leptons from charged pion decay and gamma-rays from

neutral pion decay. From these particle decays, the resulting neutrinos and gamma-rays are

not deflected by the magnetic fields and point directly back to the source. In consequence

these particles are perfect messengers of the cosmic ray sources.

In Fig. 1.2 the possible sources which can accelerate particles to ultra high energies

(UHE, E > 1015 eV) are shown. This plot was first compiled by A.M. Hillas (Hillas, 1984)

and shows the maximum energy which can be reached in various sources, depending on their

magnetic field and its extension. In addition, these sources are potential places for VHE

gamma-ray production and thus natural targets for VHE gamma-ray astronomy to study

in detail the high energy processes taking place in them. Recently, a correlation of cosmic
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Figure 1.2: The so-called Hillas plot (Hillas, 1984) shows the potential sources of the ultra
high energy cosmic rays (E ∼ 1020 eV). The maximum energy is determined by the magnetic
field in the source and the extension of the magnetic field. The figure is adapted from Blümer
and Kampert (2000).
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ray event arrival directions (with energies above 5.7 × 1019 eV) with the position of nearby

(75 Mpc) Active Galactic Nuclei (AGN’s) has been claimed by the Auger experiment (The

Pierre Auger Collaboration et al., 2007). If this claim is true, one source of UHE cosmic rays

would have been found - but the correlation is not very significant and better statistics to

be recorded in future years will show if this correlation does in fact hold true.

1.2 Particle acceleration mechanism

A very interesting question is how particles are accelerated in the cosmic objects. On Earth,

we can accelerate particles but we need huge energies to do so and the efficiency is in general

rather low. However, nature must have some efficient mechanism to accelerate particles to

VHE or even UHE, considering the maximum achieved energy of the measured cosmic ray

spectrum.

1.2.1 Acceleration mechanisms

There are several processes which can lead to efficient particle acceleration. One-shot accel-

eration in huge electric fields will accelerate all charged particles to the same energy, where

the energy gain is equal to the difference in the electrical potential. Other acceleration

mechanisms use magnetic fields to accelerate the particles. Proposed processes involving

magnetic fields are First- and Second-order Fermi acceleration (Fermi, 1949) and shear ac-

celeration (Ostrowski, 2000). Here, only the basic principle of Fermi shock acceleration will

be described and, for a detailed treatment, the reader is referred to the literature (Gaisser,

1990; Longair, 1994).

In Fermi Second-order acceleration, the magnetic field scatters the particle (without a

collision) into a molecular cloud. The cloud moves with random speed V and scatters the

particle, which gains in average energy per collision. If the mean free path between clouds is

L, the energy gain over time can be written as:

dE

dt
=

4

3

(
V 2

cL

)
E = αE (1.1)

From eq. (1.1) it is clear that the energy gain is Second order in V and, taking into account

the diffusion energy losses, the following particle spectrum is obtained.

N(E) = const× E−Γ (1.2)

Here Γ = 1 + (αtesc)
−1 where tesc is the characteristic time the particle remains in the

acceleration region. So the Second-order Fermi acceleration mechanism leads to a non-

universal power law index and the energy gain is rather slow.
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Another more efficient possibility is the First-order Fermi acceleration. In this scenario,

a strong plain supersonic shock is assumed and high energy particles pass through the shock.

Due to scattering, the particles’ velocity distribution in front of the shock is isotropic. The

particles gain some energy by passing through the shock and then their velocity distribution

becomes isotropic (with respect to the flow behind the shock front), again by scattering on

the turbulence behind the shock. If the particles move again across the shock front, they

encounter gas moving towards them with the same speed as the shock front and, again,

increase their energy by the same amount. Thus, the particles gain every time they cross the

shock front energy. The important point is that their velocity distribution becomes isotropic

as soon as they cross the shock. It can be shown that the energy gain per particle is ∼ V
c

and

thus proportional in first order to the speed of the shockwave. The energy gain of the particle

is taken from the kinetic energy of the shock. In the case of non-relativistic shocks, the energy

distribution of the particles is again a power law but this time with the universal exponent

Γ = 2. This is a remarkable process since strong shocks occur in many astrophysical sources,

as will be discussed in subsequent sections. The spectral index is modified if the shock is

relativistic or weak. In the case of weak shocks, steeper spectra are expected and the same is

true for electron spectra which suffer synchrotron radiation (e.g. Heavens and Meisenheimer

1987). In addition, relativistic particles will modify the magnetic field of the shock by their

movement and this can lead to enhancement in the maximum energy achievable in fixed

acceleration dimension (see Berezhko 1996; Berezhko and Völk 1997).

1.2.2 Maximum energy achieved by cosmic accelerators

A vital parameter for identifying sources of VHEs and UHEs is the maximum energy achiev-

able for individual particles in any cosmic accelerator. In general, interactions with the

ambient medium around or in the accelerator can alter the maximum achievable energy by

several orders of magnitude. These circumstances will be discussed in more detail in the next

section.

Every accelerator can only increase the energy of any charged particle as long as it

remains in it. This leads to the so-called Hillas criterium (Hillas, 1984) which states that the

maximum energy is reached when the Lamor radius (rL = E/qB with E particle energy, q

particle charge and B magnetic field in the accelerator) of the particle exceeds the extension

of the accelerator (da). Hence, the maximum achievable energy until the inevitable escape

of the particle from whatever accelerator is:

Emax = qBda (1.3)
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To study further the maximum energy reachable in a given source, details about the accel-

eration timescales must be known. In general, the maximum energy is reached after a time

tacc = tesc/cool where tesc/cool is the escape or cooling time. Normally, the acceleration time in

the absence of cooling processes can be defined (source-independent) as

tacc = η
rL
c

= η
E

qBda
(1.4)

The parameter η represents the accelerator efficiency and depends on the details of the ac-

celeration mechanism (see the previous section). Often η is left as a free parameter in models

of VHE gamma-ray emission to be determined by fitting the model to the measurements.

The different cooling processes decrease the maximum possible acceleration time for

tcool < tesc. In addition, they may lead to the production of VHE gamma-rays and lower

energetic photons. These very important cooling processes are explained in the next sections.

1.3 VHE gamma-rays

Just as the acceleration of charged particles in shock waves was described in the previous

section, this section will explain how these particles generate VHE gamma-rays and which

types of processes will modify the observed spectrum on Earth. It is important to know the

different cooling times to determine the dominant emission channel of the source. For each

possible VHE gamma-ray, source different ambient parameters have to be taken into account

which makes a case to case evaluation necessary. Nonetheless it is mandatory to know the

basic processes and the dependency on the various parameters present in the accelerator

or production site1. It is clear that each radiative production of VHE gamma-rays will

modify the energy distribution of the radiating particle population. In almost all models, an

equilibrium by newly injected particles and cooling losses is assumed. The time of dynamical

emission to reach this equilibrium is often not considered. This is different in the dynamical

emission expected from binaries which is described in chapter 2.

1.3.1 Leptonic production

If the accelerated particles are leptons (electrons), then there are three major processes

through which photons can be generated.

• synchrotron radiation in magnetic fields

1The production site of VHE gamma-rays can be different to the site of particle acceleration. See sec-
tion 1.4.4 for one possible scenario.
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• Bremsstrahlung

• inverse Compton scattering of seed photons

The production of VHE gamma-rays by leptons is only possible via inverse Compton

(IC) scattering and Bremsstrahlung. Nevertheless, the synchrotron emission process is very

important for VHE gamma-ray emission since it is often the dominant cooling process and

thus can prevent the particle acceleration to VHE if the magnetic field is too high. In addition,

the seed photon population which is upscattered by the IC effect can be dominantly produced

by synchrotron radiation. Here, I shall summarize in brief the most important aspects for

gamma-ray astronomy of all three processes. Special attention is given to the spectral energy

distribution of the photons produced by these processes and the cooling timescales.

Synchrotron radiation

Synchrotron radiation will always occur if electrons are accelerated in magnetic fields. The

produced synchrotron photon energy spectra will peak at

Epeak = γ2
e

eB

2πme

(1.5)

Where γe is the electron Lorentz factor, me the electron mass, e the electron charge and B

the magnetic field. Since a power law distribution of electron energies is expected, it is useful

to note that such a distribution would lead to a power law distribution in the synchrotron

photon energy. Another important effect is the synchrotron self-absorption which leads to

a spectral change in the lower energies. The self-absorbed part of the spectrum will be

dN/dE ∝ E5/2 and thus the spectral index will be independent of the particle spectrum

which emits the synchrotron radiation. It is evident that the synchrotron emission will not

extend to TeV energies, at least for electrons. For a detailed description of the synchrotron

emission and derivation of the most interesting relations, see e.g. Longair (1994).

In general, not only electrons but all charged particles will produce synchrotron radiation.

As stated in the last section, for the maximum energy achieved by the accelerator the cooling

time is an important quantity. For any type of charged particle, the synchrotron cooling time

in a disordered magnetic field can be described as

tsyn ≈ 4× 102

(
em

qme

)4

B−2E−1 [s] (1.6)

Here q is the particle charge and m its mass, me is the electron mass, B is the magnetic field

in Gauss and E the particle energy in TeV. Due to the strong dependency on the particle

mass, the cooling time only plays a role for electrons.
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Bremsstrahlung

Bremsstrahlung is emitted essentially by electrons and the derivation of the energy loss in

the case of ultra relativistic electrons was first calculated by Bethe and Heitler (1934). The

most important property in the context of VHE gamma-ray production is that the energy

loss is proportional to the energy of the electron. Furthermore, a power law distribution of

electrons will generate a power law spectrum of bremsstrahlung photons with exactly the

same spectral index as the electrons. The maximum energy of the bremsstrahlung photons

is equal to the electron energy and is, on average, one third of it. This emphasizes that

bremsstrahlung might produce VHE gamma-rays and has to be taken into account whenever

the ambient medium consists out of atoms or molecules. Bremsstrahlung plays a major role

in the development of cascades, for example when a cosmic ray hits the atmosphere of the

Earth, as will be explained in chapter 3 or the VHE gamma-rays penetrate a dense stellar

wind of a massive star like in a binary system (see chapter 2).

Inverse Compton scattering

The most important process for the production of VHE gamma-rays is undoubted inverse

Compton scattering (IC). In this process, low energetic photons are upscattered by relativistic

electrons and can reach the same energy as the electrons.

The cross-section of IC can be calculated in the classical limit for EγEe � m2
ec

4 and is

simply the Thomson cross-section.

σth =
8

3
πr2

e (1.7)

Here re = e2/4πε0mec
2 is the classical electron radius. In the ultra relativistic case (EγEe �

m2
ec

4), the cross-section can be approximated as a special case of the Klein-Nishina cross-

section.

σkn ≈ πr2
e

1

ε

(
ln 2ε+

1

2

)
(1.8)

Where ε = Eγ/mec
2 is the photon energy in units of the electron rest frame energy. In this

energy regime, the electrons suffer high energy losses and the maximum achievable energy is

approximately

Eic,max ≈ 4γ2Eγ (1.9)

This energy can be well in the VHE gamma-ray domain if the electrons are energetic enough.

The important cooling time in the Klein-Nishina regime, for a black-body distribution of

seed photons, is:

tcool,ic ≈ 102

(
R

R∗

)2

T−2.3E0.7 [s] (1.10)
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where R and R∗ are the distance to the origin and the radius of the seed photon region. The

unit of the black-body temperature T is 104 K and, for the electron energy, E TeV.

For detailed modelling of individual source spectra, the full angular dependent Klein-

Nishina cross-section must be calculated to obtain a realistic value for the flux expected at

the observer location.

1.3.2 Hadronic production

Hadronic particles can produce VHE gamma-rays via proton-proton (pp) interactions

p + p → π0 + π+ + π− (1.11)

π0 → γγ (1.12)

π− → µ− + νµ (1.13)

π+ → µ+ + νµ (1.14)

The cooling timescale for pp collisions is (Kelner et al., 2006):

tcool,pp ≈
1015

nt
[s] (1.15)

Here nt is the target density per cm3. An energy threshold of Eth ∼ 140 MeV exists for the

inelastic pp collisions which corresponds to the rest mass of the pions. For typical target

densities in the cosmic accelerators, the maximum energy is most likely limited by the escape

time and not the cooling time.

In pp interactions not only gamma-rays are produced. While the π0 decay into gamma-

rays, the charged pions will produce neutrinos and electron/positrons. The positrons can

produce again gamma-rays via pair annihilation with ambient electrons (if present). The

luminosity of all end products of the various decay channels is expected to be within a narrow

range allowing a maximum flux deviation of a factor of 2 (Kelner et al., 2006). Thus, cosmic

hadron accelerators should be detectable in neutrino telescopes like IceCube or ANTARES

and yield about the same flux as in gamma-rays.

Another hadronic production mechanism of VHE gamma-rays is the photon-meson pro-

duction. The process is described in detail in Kelner and Aharonian (2008). The energy

threshold for this interaction is

Eth,pγ = mpc
2εth,pγ/2ε = 5× 108T−1 TeV (1.16)

where mp is the proton rest mass and ε, εth,pγ is the energy of the target photon in the

laboratory and the proton rest frame, respectively. The cooling time can be approximated
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as:

tp,γ ∼
1018

NX

[s] (1.17)

with NX ≈ L/4πεR2c where L is the luminosity of the photon field and R the distance to

the source of the photons. As in the case of pp collisions, the cooling time is very long if the

photon source is, for example, a massive star and thus the maximum energy is again limited

by the accelerator dimension.

1.3.3 VHE gamma-ray absorption

The produced VHE gamma-ray radiation is not necessarily the one observed on Earth. The

very important absorption processes have to be taken into account, especially in the study of

VHE gamma-ray emission of compact binary systems which are investigated in this thesis.

Another example where absorption plays a vital role is the VHE emission from distant AGN’s.

The absorption in the VHE regime is mainly photon-photon absorption and requires either

high target photon densities, as in the case of compact high mass X-ray binaries (HMXB),

or large distances with low target photon densities, as in the case of distant AGN’s. The

absorption process modifies not only the photon distribution but can lead to electro magnetic

pair cascading. These processes can significantly alter the emission spectrum of the source.

For cascading in a strong magnetic field, a sharp super exponential cutoff in the gamma-ray

spectrum is expected. A prime example of cascading yielding dominant gamma-ray emission

is the magnetosphere of pulsars. What is more, cascading might also play a vital role in the

vicinity of AGN accretion discs or compact binary systems. The detailed processes which

are possible in binaries will be described in more detail in the chapter 2.

1.4 VHE gamma-ray sources

The previous sections described how charged particles are accelerated and produce not only

cosmic rays but can yield a significant flux in gamma-rays and neutrinos as well. So one

fundamental question which can be answered by VHE gamma-ray astronomy is: What are

the sources of cosmic rays and where are these sources? However, this is not the only very

interesting question. As can be seen from the previous sections, the acceleration mechanism

and their properties can be tested and studied by the investigation of VHE gamma-ray

sources. Together with the study of radio to soft gamma-ray multiwavelength behavior of

any accelerator, a deep insight can be gained on the processes taking place in them and their

surrounding medium. This understanding of the various processes taking place in the cosmic

accelerators will enhance our understanding of astronomy, plasma physics, electrodynamics
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Figure 1.3: All sources detected in VHE gamma-rays up to February 2009 are shown in this
skymap in galactic coordinates. The legend shows the individual source types. Most of these
sources have been discovered by the current generation of Cherenkov telescopes.

and general relativity. In particular, compact binary systems (see the next chapter) provide

excellent laboratories for these kinds of studies. Here a brief description of the up-to-now

detected source classes, together with the resultant physics studies is presented. In total

more than 80 sources have been discovered in VHE gamma-rays up to February 2009 and

MAGIC2 contributed eleven discoveries to the total amount. All currently known sources

are displayed in the skymap shown in Fig. 1.3.

1.4.1 Pulsars

Pulsars are believed to be fast rotating neutron stars (NS) which have the strongest magnetic

fields known in the universe (B ∼ 1012G). Pulsars are observed as periodic emitters of EM

radiation from radio frequencies up to gamma-ray energies.

The first pulsar was discovered in radio and as of today most known pulsars are radio

pulsars. This discovery triggered the question what mechanism causes the emission. Here

I will only comment on the emission of gamma-rays. The pulsar forms, due to its fast

rotating magnetic field, a so called “light cylinder”. The light cylinder is defined as the

surface parallel to the rotation axis at the distance of the last closed magnetic field line.3

2Major Atmospheric Gamma-ray Imaging Cherenkov (telescope)
3At this distance the speed of light is equal to the speed of the moving magnetic field and since it cannot

move faster than this all magnetic field lines extending beyond this distance are not closed anymore.



18 CHAPTER 1. VHE GAMMA-RAY ASTROPHYSICS

A co-rotating plasma is thought to fill the light cylinder because the particles are confined

to the magnetic field lines. This plasma prevents due to its conductivity the induction of

electrical fields (Goldreich and Julian, 1969). There are three exceptional regions proposed

which are called gaps (see Fig.1.4 for an illustration).

Figure 1.4: Schematic view of the cross-section of the polodial plane of the pulsar. The
possible sites of particle acceleration are marked as well as the light cylinder the rotation
axis (Ω), the magnetic field axis (B) and the inclination angle between them α. Popular
sketch by A. Harding

In the polar cap model the electrical field region is above the polar cap and charged

particles are thought to be accelerated in it and producing gamma-rays due to synchrotron

radiation and IC upscattering of lower energetic photons. The gamma-rays will interact

with the extremely strong magnetic field and undergo pair production leading to a sharp

super-exponential cutoff in the gamma-ray spectrum at a few GeV. For example models

and details see Sturrock (1971); Ruderman and Sutherland (1975); Daugherty and Harding

(1982); Harding et al. (2002) and references therein.

Another type of models are the outer gap models, originally proposed by Cheng et al.

(1986a,b). They assume that between the open field lines and the last closed field line a

gap in the plasma is formed because of the escape of the particles following the open field

lines. In this gap particles can be accelerated. Since the magnetic field is less in this region
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compared to the polar cap (which is close to the NS surface) the produced gamma-rays do

not suffer from the strong magnetic pair cascading but only from γγ absorption. Thus the

predicted spectral cutoff is only exponential in case of the outer gap models and the predicted

gamma-ray spectrum extends to higher energies. For more recent outer gap modelling see

e.g. Hirotani (2007).

Finally there is an intermediate case between the previously mentioned scenarios called

slot gap model (see Muslimov and Harding (2003) and references therein). The main advan-

tage of this model is that it can describe the wider pulse profiles observed by experiments,

compared to the polar cap model yielding always very narrow pulse shapes. The predicted

energy cutoff in the gamma-ray spectrum is intermediate between the outer gap and polar

cap predictions.

Despite the intense search for pulsed VHE gamma-ray emission from various pulsars,

the first detection was not achieved until 2008 when the MAGIC collaboration discov-

ered, 19 years after the steady emission, the Crab Nebula pulsed emission above energies

of 25 GeV (Aliu et al., 2008b). From this measurement the polar cap model is disfavored

but not yet ruled out.

The periodic pulses detected from the pulsar are not caused by the emitting process but

due to the fast rotation of the pulsar. Whenever the emission region in the pulsar vicinity is

not aligned with the rotational axis of the pulsar then the emission region describes a circle

on the celestial sphere and thus is only visible for a very short time for an observer at any

location on the circle. This results in an observed pulsed light curve at the observer. Due to

this fact, commonly the term “pulsed emission” is used even so the pulse shape of the light

curve is only caused by the rotation, while the emitter is thought to be constant.

The pulsars are the power supply of the pulsar wind which consists of the out-streaming

particles from the open field lines. The pulsar wind propagates for some time freely and

formes then by interaction with the ambient medium a pulsar wind nebula.

1.4.2 Pulsar wind nebulae

The first detected VHE gamma-ray source, the Crab nebula, is a so-called pulsar wind nebula

(PWN). The pulsar accelerates charged particles in its magnetosphere (see Pulsars in the

previous section) and these particles build a free particle wind when they leave the light

cylinder of the pulsar. This wind propagates freely until it has swept up ambient medium

with mass equal to its own energy. Then a termination shock forms and in this shock the

particles can be accelerated to even higher energies. The different regions of the pulsar wind

nebula are shown in Fig. 1.5 and more details about possible emission from PWN’s will be
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given in the section about gamma-ray binaries. For a recent review on PWN see Kirk et al.

(2007).

1.4.3 Supernova remnants

Stars with more than 5 M� will most likely end their lives in a super nova explosion, expelling

most of their mass into the ambient medium. The thus-expanding supernova shock will form

a shell type supernova remnant (SNR). The shell will expand and shock the ambient medium

producing a termination shock and accelerate particles in this shock front. Depending on the

evolutionary model of the supernova remnant, the time when the SNR shell emits gamma-

rays may be different. It takes rather longer to accelerate particles to VHE energies. These

particles can produce gamma-rays either by leptonic or hadronic processes. Due to energy

considerations, shell type supernova remnants could contribute the majority of the galac-

tic cosmic rays. Prominent shell type super nova remnants emitting VHE gamma-rays are

RX J1713.7-3946 (Aharonian et al., 2004b) or Cassiopeia A (Aharonian et al., 2001; Albert

et al., 2007c). Both of these SNR’s are possible cosmic ray accelerators but the exclusion of

leptonic models is not straight-forward and thus the question whether SNR’s are the sources
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of galactic cosmic rays remains open for the time being.

1.4.4 Unidentified sources

A large class of new detected VHE gamma-ray sources, with no clear identified counterpart

in any other waveband, are called unidentified sources Aharonian et al. (2008). The first

source discovered of this type is TeV J2032 +4130 (Aharonian et al., 2002; Albert et al.,

2008c) and, up to now, the origin of the VHE gamma-rays detected from it has not been

solved. One possible scenario to explain the emission is that VHE protons escape from an

old SNR shock4 and travel through space until they hit a molecular cloud and produce VHE

gamma-rays inside it (see Aharonian et al. 1994; Gabici et al. 2007 and references therein).

This could lead to no counterpart in other wavelengths at the position of the VHE gamma-

ray emission. Such a scenario of an interacting SNR with a molecular cloud might be at

work in the newly discovered VHE gamma-ray source MAGIC J0616+225 inside the SNR

IC443 (Albert et al., 2007a).

1.4.5 Star clusters

There are two types of star clusters - open clusters and so-called globular clusters (GC).

Star clusters are places where stars are formed at the same time. Young open clusters can

contain a large amount of heavy, short-lived O and B stars which have high mass loss rates

and fast stellar winds with termination velocities of several thousand kilometers per second.

In the shocks between the stellar winds, particles could be accelerated to VHE and produce

gamma-rays. Until now HESS J1023-575 is the only VHE gamma-ray source found inside an

open cluster (Aharonian et al., 2007b) and it is not clear if the emission is due to the open

cluster or originates from a Wolf-Rayet5 (WR) binary system. Up to now no isolated WR

binary was discovered in VHE gamma-rays (Aliu et al., 2008a) but no other open cluster has

been discovered either.

The other type of star clusters, the GC, are among the oldest known objects in the

universe. GC contain only evolved stages of the stellar sequence and are likely to contain

a large amount of millisecond pulsars (Tavani, 1993). These millisecond pulsars produce

strong winds which will collide inside the GC with each other and might accelerate particles

in these shocks, which produce VHE gamma-rays (Bednarek and Sitarek, 2007; Venter et al.,

4The expanding SNR shock will lead to lower magnetic fields the longer it expands and at the same time
the particle energy increases due to the acceleration. So, after some 104 years, the protons cannot be confined
in the shock anymore.

5For a detailed review of Wolf-Rayet stars see Crowther (2007).
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2009). Indeed, the FERMI gamma-ray telescope (FERMI) has discovered high energy (HE)

gamma-ray radiation from the southern GC Tuc47 (Abdo, 2009). Up to now only upper

limits in VHE exist, for example on Tuc47 (Aharonian et al., 2009b) and on M13 (Jogler

et al., 2009).

1.4.6 Blazars

Blazars are a subclass of the AGN’s to which all of the extragalactic VHE gamma-ray sources

belong. It is widely believed that galaxies where the galactic nucleus is many times brighter

than the host galaxy have a super massive black hole in their center. This super massive black

hole accretes matter and might eject relativistic collimated plasma outflows (jets). In these

jets, shocks can form and accelerate particles. The gamma-rays produced by the accelerated

relativistic particles will be boosted towards an observer who looks down the jet. AGN’s

which have the jet directed to Earth are called blazars. Blazars are the strongest variable

gamma-ray sources detected so far (GRB’s - Gamma Ray Bursts - might be brighter) and

can reach flux levels several times higher compared to the strongest steady source, the Crab

Nebula - as observed, for example, in Mrk 501 (Aharonian et al., 1999; Albert et al., 2007e)

and PKS 2155-304 (Aharonian et al., 2007a).

Blazars should display a similar behavior as the microquasar subclass of binary systems.

The microquasars are described in more detail along with the similarities to blazars in chap-

ter 2.

1.4.7 Radio galaxies

Besides the blazars, there are some other types of galaxies which display or might dis-

play VHE gamma radiation. The most famous example is the giant elliptical radio galaxy

M87 (Aharonian et al., 2006b) which is the central galaxy in the Virgo galaxy cluster. M87

displays a jet visible from radio to hard X-rays but the inclination of the jet towards the Earth

is very large compared to blazars. Several models try to describe the VHE gamma-ray emis-

sion from M87 (e.g. Neronov and Aharonian (2007)) and recent measurements suggest that

the origin of the emission is very close (a few Schwarzschild radii) to the black hole (Albert

et al., 2008b).

Another radio galaxy very recently discovered in VHE gamma-rays is Centaurus A (Aha-

ronian et al., 2009a) which is amongst the brightest extragalactic radio sources. Both cur-

rently discovered radio galaxies are very close to our galaxy and, in the case of Centaurus A,

a very dim VHE gamma-ray source (0.8% of the Crab Nebula flux above 250 GeV). Never-

theless, the detection of two radio galaxies in VHE gamma-rays makes this type of galaxy a



1.5. FUNDAMENTAL PHYSICS 23

new class of object in the extreme Universe.

1.4.8 Gamma-ray bursts

Gamma-ray bursts (GRB) are the most energetic events known in the universe. They last

only up to tens of seconds during which they release power to the order of P ∼ 1051 −
1054 erg s−1. This is the so-called prompt emission and it is sometimes followed by an

afterglow (van Paradijs et al., 2000).

Most of the GRB’s take place at large cosmological distances and the most distant one

(GRB 090423) was detected at a red-shift of z ∼ 8. For VHE gamma-ray detection, a

relatively close-by GRB (z < 1) would be needed, otherwise the universe would be opaque

for VHE gamma-rays due to the extra galactic background light absorption (Albert et al.,

2008c). To observe VHE gamma-rays from a GRB, a low energy threshold and fast reaction

time (or large field of view) is required. These conditions are very well fulfilled by the MAGIC

telescope and the FERMI satellite. Until now, no GRB has been detected at VHE and only

upper limits are reported (Albert et al., 2007b). A recent review about the theory of GRB’s

can be found in Mészáros (2002).

1.5 Fundamental physics

The search for the sources of cosmic rays is an important topic for VHE gamma-ray astron-

omy but not the only one. The multiple types of VHE gamma-ray sources discovered so far,

have resulted in the study of various high energy phenomena such as jet physics, particle

acceleration mechanisms and absorption processes and have thus extended the fundamen-

tal understanding of physics. VHE gamma-ray astronomy might even give insight to more

fundamental open questions like the search for dark matter or the test of Lorentz invari-

ance (Albert et al., 2008). These are more exotic topics but they are of great interest to the

scientific community and thus will naturally be addressed by VHE gamma-ray observatories

like MAGIC. So far, no evidence for dark matter annihilation into VHE gamma-rays has

been found and upper limits are derived for some candidate sources (Albert et al., 2008a;

Aliu et al., 2009b).
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Chapter 2

Gamma-ray binaries

Most stars in our galaxy belong to a multi-star system. Most of these are binary systems

and the majority of them are not interesting for the VHE gamma-ray astronomer. A special

subclass of binary systems, the X-ray binaries (XRB), were long suspected to be emitters

of VHE particles. Despite some claims of discovery of VHE gamma-rays from XRB’s (all of

which could not be verified by other experiments), it was not until 2005 that the first binary

system - PSR B1259-63 - was discovered to be a VHE gamma-ray emitter (Aharonian et al.,

2005a). Soon afterwards, two more systems were discovered: LS 5039 (Aharonian et al.,

2005b) and LS I +61◦303 (Albert et al., 2006). The last two were classified as microquasar

at the time of their discovery and there has been a large effort to understand the processes

taking place in these systems. In this thesis, the LS I +61◦303 system is studied in the

greatest detail from its discovery until the latest data taken by MAGIC. In this chapter,

the basic concept of VHE gamma-ray emission from binary systems will be explained. In

addition, the scientific interest in these systems will be explained as well as the methods used

to help in answering the many open questions about these systems.

The chapter is organized in the following way: First, the two possible scenarios of VHE

gamma-ray emitting binaries are introduced. Then, the various processes affecting the emis-

sion from the binary and its consequences for the observations will be discussed. In the final

section of this chapter, the current status of the gamma-ray emitting binaries not observable

from the MAGIC site will be reviewed.

2.1 A classification of X-ray binaries

X-ray binaries are divided into two subclasses: the High Mass X-ray Binaries (HMXB) and

the Low Mass X-ray Binaries (LMXB). Each of these systems consists of a compact object,

25
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which is either a neutron star or a black hole and an optical companion star1. Depending on

the mass of the companion star the system is referred to as an HMXB in the case of a massive

O or B star and as an LMXB in the case of a less massive (typically M? < M�) star. The

main difference between both classes is the photon field of the optical star. In the case of the

HMXB, a fast stellar wind is present and the system is most likely powered by wind accretion

where the X-ray luminosity is L ≈ 1035−1036 erg s−1 while, in the case of accretion via Roche

lobe overflow, the luminosity is L ≈ 1038 erg s−1. In LMXB’s, the accretion is always due

to Roche lobe overflow. A detailed description of the various properties of these systems

is out of the scope of this thesis and the interested reader is referred to the review book

written by Lewin and van der Klis (2006). In total 114 HMXB have so far been identified

in our galaxy and they are listed with their properties in Liu et al. (2006) and the 128 of

the Magellanic clouds are listed in Liu et al. (2005). The same type of catalogue exists for

LMXB (Liu et al., 2007) and useful information, as well as further references for each object,

are provided therein.

To reference the potential to emit VHE gamma-rays, another classification scheme of

XRB’s is preferable and two other subclasses are introduced. One class is formed by the

microquasars in which the non-thermal emission is powered by accretion and the other class

is the pulsar wind binaries, in which the non-thermal radiation is powered by the rotational

energy of the pulsar. Both types will be described in the following sections.

2.2 Microquasars

Microquasars are XRB’s which are accretion-powered and display collimated plasma ejec-

tions which emit synchrotron radiation in the radio frequency. The term microquasar was

introduced after the discovery of the two-sided collimated radio jets around the compact

X-ray source 1E1740.7-2942 by Mirabel et al. (1992).

The name already suggests that microquasars are downscaled versions of the extra galactic

quasi-stellar objects (quasars) displaying similar behavior. Since most properties of these

systems are directly related to the mass of the compact object, the study of microquasar

can reveal vital information about processes which would take million of years to observe in

the extragalactic quasars. Fig. 2.1 shows the dimensional differences of the microquasar and

quasar. Since their discovery, microquasars have been studied in detail at all wavelengths,

especially to understand the jet-accretion-disc coupling and the jet formation processes. In

the following paragraphs, the different processes in microquasars will be introduced and their

1Optical companion star means that the companion star is emitting in the optical wavelength.
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Figure 2.1: Comparison of a quasar (left) and a microquasar (right). The main difference is
thought to be the dimensions due to the difference in the black hole mass by a factor of one
million. Figure taken from Mirabel and Rodŕıguez (1998).

relevance for VHE gamma-ray production discussed.

2.2.1 Accretion

Accretion is the process by which a compact object captures matter from its surroundings -

from its companion star in the case of a binary system. Accretion can take place via disc-

accretion or wind-accretion. An accretion disc is formed around the compact object and

maintained by the matter flow from the optical companion via the inner Lagrange point if

the optical companion fills its Roche lobe2(see e.g. Shapiro and Teukolsky 1986). In the case

of wind-accretion, there might be no accretion disc but simply spherical accretion. Plasma

2The Roche lobe is the equipotential surface around two stars in a binary system which connects the two
stars. A star can be larger than its Roche lobe and this is called Roche lobe overflow.
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in the accretion disc looses its angular momentum due to friction, thus heating the plasma

to such high temperatures that it emits a black body spectrum peaking in the X-rays. The

inner part of the accretion disc is hotter than the outer plasma.

In general, accretion is a very difficult topic and has to be studied for each binary indi-

vidually. The following aspects have to be taken into account:

• The three-dimensional geometry of the accretion flow: can it be described hydrody-

namically (short mean-free path of the particles in the plasma)?

• The dominant heating and cooling mechanisms: is the medium optical thin or thick in

relation to the radiation it emits?

• The magnetic field and its role (stress induction in the plasma) in the cooling and

heating processes

• The radiation pressure and its effect on the accretion plasma

• The flow boundary conditions when the material hits the NS and the boundary to the

ambient medium of the accretion disc3

Thus the time dependent, multidimensional, relativistic, magneto-hydrodynamic (MHD)

equations, including radiative transfer, must be solved. This is only possible with numerical

simulations or in very simplified models. Idealized accretion models with analytic solutions

can be found in Shapiro and Teukolsky (1986). A more recent review including MHD simu-

lations is given by Done et al. (2007).

While the detailed description is out of the scope of this thesis, the basic properties will

be given, assuming a simplified model, to show dependencies on the mass of the compact

object.

The most important quantity is the accretion rate which determines the maximal amount

of energy ready to be radiated. The accretion rate depends on the type of accretion described

in the beginning of this section and on the geometry of the orbit of the compact object. In

the simple case of spherical symmetric accretion (as present in many HMXB’s), the accretion

can cause a maximum luminosity called the Eddington-luminosity. The reason for the upper

luminosity boundary is that the in-falling material radiates away its angular momentum and

the resulting radiation induces radiation pressure onto the electrons in the plasma of the

accretion disc. The electrons transfer the pressure via the electrostatic force to the protons

3In case of a black hole as the compact object, the boundary problem is only present between the accretion
disc and the ambient medium, since the event horizon prevents any violation of boundary conditions.
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in the plasma and, hence, the accretion onto the compact object can be stopped by its own

radiation. The condition for this is that the gravitational force is equal to the radiation

pressure.

σthL

4πr2c
=

GMm

r2
(2.1)

Ledd =
4πGMmc

σth

(2.2)

Here σth is the Thomson cross-section, M the mass of the compact object and m the combined

mass of the proton and the electron. It is important to notice that Ledd depends only on

the mass of the compact object. Higher luminosity than Ledd can be achieved in different

accretion geometries but they will not exceed much Ledd. In almost all accretion prescriptions,

the luminosity is given in units of Ledd.

In addition to the accretion energy, the emission spectrum of the accretion disc in binaries

is of great interest. The main emission feature of the disc is caused by its temperature

and can be described as a multiple black-body radiation spectrum. The reason for more

than one black-body component is that the temperature in the accretion disc is radius-

dependent. In addition to the black body component, a corona around the accretion disc

can be present which might considerably alter the observed spectrum in relation to the black

body spectrum. The accretion disc can be truncated towards the compact object and a hot

corona-like flow formed around the compact object. Such a truncation of the disc can be

formed by instabilities in the plasma which will control the heating and cooling processes in

the disc. A detailed description of these complex processes is given in Done et al. (2007) and

references therein.

Another common feature in accretion disc spectra is the iron Kα-line emission. The

energy range of the emission is for stellar mass black holes, like those present in binaries, in

the soft (E > 0.1 keV) to hard X-rays (E > 10 MeV). The detailed spectral shape depends

on the emission state of the binary which is explained in section 2.2.3.

2.2.2 Jets

Jets are collimated plasma outflows which are, by definition, present in all microquasars.

It is thought that the jets are collimated and driven by the poloidal component of the

magnetic field (Blandford and Znajek, 1977; Blandford and Payne, 1982; Ferreira, 1997).

The complex jet-launching process and the jet accretion connection is not fully understood

and many models simply assume an injected luminosity into the jet which is a fraction of

the accretion rate (Linj = LṀacc), where L is the electron kinetic luminosity and thus a free

parameter to be determined by model fits to the measured spectral energy density (SED).
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jet base binary system scale free jet scale jet termination region

Figure 2.2: The individual jet regions and scales in which the various particle acceleration
processes take place. For more information see section 2.2.2.

This assumption is reasonable, as observations suggests a correlation between accretion rate

and jet power (Fender et al., 2004).

Jet physics are very interesting but the focus here is on the particle acceleration, interac-

tion of the jet with the ambient medium and VHE gamma-ray emission in the case of binary

systems.

In most cases, the model of the jet assumes a homogenous jet and such models are called

one-zone models. The more complicated models that distinguish between a faster spine in

the jet and slower moving outer sheets are denoted as two- or multi-zone models. In addition,

there might exist distinct regions along the jet at certain distance scales from the compact

object. Thus the jet can be divided into subregions which are defined by their distance from

the compact object. This is illustrated in Fig. 2.2 and the division in these zones is useful

to account for the different ambient medium conditions present, as well as for the internal

parameters of the jet.

At the jet base, particles might be accelerated by magnetic energy dissipation through

MHD instabilities (see for example Zenitani and Hoshino (2001)). A magneto-centrifugal

mechanism taking place very close to the Kerr black hole could accelerate particles as well

and such processes are proposed to explain the VHE gamma-ray emission for non-blazar

AGN’s, as found in M87 (Neronov and Aharonian, 2007; Rieger and Aharonian, 2008).

At scales of the binary system dimensions, first and second order Fermi acceleration as

well as shear acceleration can work efficiently to produce multi TeV particles. In the case of

shear acceleration, a multi-zone model of the jet would be required. Fermi-acceleration can



2.2. MICROQUASARS 31

take place in internal shocks (first order) or in magnetic turbulence (second order) in the

jet. The strong wind in HMXB’s can lead to a jet bending due to the anisotropic pressure

on the jet and this can lead to recollimation shocks, in which particles can be accelerated

as well. Such behavior is predicted by MHD simulations performed by Perucho and Bosch-

Ramon (2008). The dense stellar wind can even lead to jet disruption and prevent observable

large-scale jet-like features.

On the free jet scale (1015 − 1016 cm), no interaction between the jet and the ambient

medium is expected due to the very high ram pressure of the jet compared to the inter-

stellar medium (ISM). The only possibility of particle acceleration would be plasma blobs

moving with different velocities in the jet. Upon encounter, these could create shock fronts.

Therefore, the jet could be invisible at these scales or display distinct emission knots, as

observed in extragalactic AGN’s - for example in M87 (see Harris 2001 for a review).

The farthest region from the compact object is the so-called termination region, in which

the swept-up ISM inertia starts to affect the jet propagation. This may cause two shocks -

the reverse shock, moving backwards in the jet, and a forward bow shock. There is also the

possibility that the jet is distorted and mixes with the ISM without producing shocks (Heinz

and Sunyaev, 2002).

In the individual parts of the jet, particle acceleration might have different appearances

and this can lead to distinct observational expectations - for example, in relation to the

detection of extended emission regions, or SED features, which are caused by the contribution

of the distinct emission processes in the individual jet regions. Detailed observation in a wide

energy range (multiwavelength observations) can reveal the various processes at work. For

example the VHE gamma-ray emission can provide vital information about the relativistic

particle population and about absorption effects on the binary scale if the injection power

into the jet can be estimated by X-ray observations of the accretion flux.

To be able to interpret the multi wavelength (MW) SED, it is necessary to study the

dominant cooling mechanism in the individual jet regions. The possible mechanisms taking

place for photon production are already described in chapter 1.3 and the detailed balance

of the processes depends on the binary system components such as stellar wind density and

speed, stellar surface temperature, orbital eccentricity, orbital inclination and jet inclination

with respect to the orbital plane (only to name the most important ones). Thus a detailed,

general description cannot be derived but an individual modelling of each microquasar must

be performed.

Finally, the jet does not have to be a continuous plasma flow but can be composed of

distinct ejecta called bubbles. The famous example of the giant outburst of GRS 1915+105
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GRS 1915+105

Figure 2.3: Jet ejecta evolution vs time of the microquasar GRS 1915+105 as measured at
8.4 GHz by the VLA radio interferometer in 1994 by Mirabel and Rodriguez (1994). Image
courtesy of NRAO/AUI.

is shown in Fig. 2.3. In this figure, another feature of the microquasar jets is shown - the

superluminal motion. Superluminal motion means that the apparent jet velocity measured

is higher than the speed of light4 and this is caused by dopplerboosting of the relativistic

jet and commonly found in extragalactic AGN’s. This is another indication of the similarity

of the microquasar to their extragalactic counterparts. These similarities found between

the extragalactic and galactic jet sources suggests that, by studying one type, additional

information about the other can be obtained.

4Of course, this is only true for the measured apparent velocity.
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Figure 2.4: The low-hard state (blue) and high-soft state (red) of Cyg X-1. The system also
displays intermediate states (not shown) which mark the transition from one of the two main
states to the other. The figure is adapted from Gierliński et al. (1999).

2.2.3 The different emission states

Distinct emission states of the microquasar systems are very interesting phenomena. These

states are believed to be caused by instabilities in the accretion disc which can trigger each

other and thus lead to quasi-periodic oscillations (QPO) between different accretion compo-

nents. A detailed description of the various states can be found in Done et al. (2007). The

main states are the so-called low-hard state, LHS (or only hard state) and the high-soft state,

HSS (or soft state). The naming convention is a bit confusing since the terms were created

when only X-ray observations in the soft X-rays were available. Thus, the low in LHS (high

in HSS) means that the flux is low (high) at the low energetic (E . 2 keV) X-rays. When the

higher energetic X-rays could be measured the state name was defined, in addition to the flux

level at soft X-rays, by the spectral index of the power law at higher X-ray energies. Thus,

the hard in LHS (soft in HSS) stands for a hard (soft) power law at higher (E & 2 kev) X-ray

energies. The X-ray spectra of the microquasar Cyg X-1 in the LHS and HSS are shown in

Fig. 2.4.

In the LHS, the accretion disc is truncated far from the last stable orbit and the inner

part between the disc and the last stable orbit is filled by a hot plasma (corona). In this state,

the jet should be present and the X-ray spectra could be partially emitted by the accelerated

particles (synchrotron radiation and bremsstrahlung) in the jet. There exist theories which

predict that the jet could even dominate over the emission from the accretion disc and corona.

The current understanding of the different states is that the balance of the disc and

corona is a function of time, due to the influence of the instabilities in the accretion disc
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to each other. One description for the LHS is that the corona yield a hard X-ray spectrum

peaking around 100 keV. The corona scatters soft photons from the cool disc to hard X-rays

and hard photons from the corona are reflected by the cool disc. The reflection component

can produce the line features in the LHS state. The jet which is expected to be present in

the LHS is thought to emit infrared (IR), radio and maybe X-ray photons. The jet should

also be responsible for the HE and VHE radiation, as described in the next section.

In the HSS, the accretion disc should extend close to the last stable orbit and no corona

and no jet should be present, only small hot plasma (active regions) above and below the disc

might be left over from the corona. In this state, the cold accretion disc dominates the X-ray

spectrum by its black body radiation. The extending soft power law feature present in the

HSS can be caused by the active regions due to the upscattering of soft X-rays from the disc.

The hard X-rays will be reflected from the accretion disc and cause a reflection feature as in

the LHS. An illustration of the two states, together with a model of the contributions from

the different components for Cyg X-1 is shown in Fig. 2.5. While the detailed investigation

of the X-ray spectrum is important to understand the jet-launching mechanism and the

disc-corona-jet coupling, a simultaneous observation in VHE gamma-rays might give crucial

insights into the particle population dominating the emission in the jet. For this reason MW

campaigns are vital to draw a comprehensive picture of the processes in microquasars.

2.2.4 VHE gamma-ray emission

The only likely source of VHE gamma-ray emission in a microquasar is the jet. So far, all of

the measured fluxes at MeV energies from accretion processes (disc + corona) are much too

low (if they extend at all to higher energies) to expect detectable fluxes at VHE gamma-rays

with the current generation of gamma-ray detectors.

Nevertheless, the accretion process and especially its injection of energy into the jet are

vital parameters to model the VHE emission from microquasars. As explained in the previ-

ous section, the jets might not be present in all states and thus a variability, not necessarily

connected to the orbital period, is expected from such systems. Furthermore, the injected

energy into the jet must not be constant, nor is there a clear dependence between the ac-

cretion rate Ṁacc and the emission state. This increases the expectation of non-periodic,

variable emissions. On the other hand, a quasi-periodic (QP) emission depending on the

state can be expected if the jet injection energy is constant during the state. Therefore,

a detailed investigation of periodicities and variability timescales in VHE gamma-rays and

their correlation (both in flux level and spectral index) with the X-ray and radio emission

could provide vital information about the jet/accretion connection and the position of the
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E [keV]

Figure 2.5: In the left panel, the X-ray spectra of the two different states LHS (upper panel)
and HSS (lower panel) as measured in Cyg X-1 are shown. The black solid line shows the
complete spectrum, the blue (dashed) line give the comptonization component due to a) hot
thermal electrons, b) nonthermal electrons. The green (long dashed) and red (dotted) lines
correspond to the black-body and reflection component. Finally, the cyan (dashed dotted)
shows a Compton scattering component with different spatial origin than the corona in a)
and in b) by thermal electrons. The spectra are taken from Zdziarski and Gierliński (2004).
The right panel shows schematically the components present in the states, the jet (yellow) is
only present in the LHS and the hot corona (red) dominates the inner part of the accretion
zone, while the cold accretion disc (blue) is truncated already far away from the last stable
orbit. In the HSS, the accretion disc reaches up to the last stable orbit and only very small
patches of the corona still exist above and below the disc.
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emitter along the jet.

The link between the observed and emitted VHE gamma-rays is confused by gamma-ray

propagation and absorption in the binary system. The photon-photon absorption or cas-

cading effects can alter the observed spectrum considerably or even prevent the detection of

VHE gamma-rays. On the other hand, if absorption effects are observed in a VHE spectrum,

then the emission region must be within the binary, thus providing valuable information.

Another source of variability can be the clumpy wind structure in HMXB’s (see Dessart and

Owocki 2003, 2005; Puls et al. 2006 and references therein). The effect on VHE gamma-ray

emission level was estimated to be a variability of a few percent (Owocki et al., 2009).

Besides the location of the emitter, the particle population responsible for the emission can

also provide information on the jet composition and interaction. The jet can be dominantly

composed of hadrons (protons and ions) or electrons. A split into hadronic and leptonic

dominated models for the explanation of VHE gamma-ray emission is convenient.

Hadronic VHE gamma-ray emission models for microquasars are suggested by several au-

thors (Romero et al., 2003, 2005; Bednarek, 2005; Aharonian et al., 2006a). In the hadronic

scenario, secondary leptons will also be produced and thus a synchrotron component is

expected (as in the leptonic models) as well as a contribution to the VHE gamma-ray com-

ponent. One model where hadronic production dominates the VHE emission is shown in

Fig. 2.6. The model is used here as an illustrative example, the details are provided in Romero

(2008). It is obvious that a considerable amount of synchrotron radiation is produced by

secondary pairs which might be detectable in X-rays if the luminosity of the accretion disc

is not too high. In some cases, the primary hadronic emission spectrum can be consider-

ablely changed by the secondary emission - especially if the magnetic field is low enough

to allow for cascades (Orellana et al., 2007; Bosch-Ramon et al., 2008). The dependency

of the cascading on the magnetic field is illustrated in Fig. 2.7. Several other models for

cascading exist (Bednarek, 1997; Aharonian et al., 2006a) and the effect of the cascade on

the emission depends not only on the magnetic field but also on the stellar radiation, on the

geometry of the system and on the inclination of the orbital plane to the line of sight of the

observer. Consequently, a detailed discussion of these effects must be applied individually to

each binary system.

The aforementioned spectra are produced by a VHE emitter within the binary system.

Outside of the system, the cascade could dominate the radio emission and might even prevent

the radio jet from identification.

The free section of the jet would be dark in VHE gamma-rays in case of hadronic dom-

ination but, in the termination region, VHE gamma-ray emission might again be produced
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Figure 2.6: The SED for a hadronic microquasar scenario taken from (Romero, 2008). The
synchrotron emission of secondary pairs and protons dominate the SED at energies below
1 keV and above it, respectively. The VHE emission is essentially produced by the inelastic
proton-proton interactions, while proton-photon production plays a minor role below 100
TeV.

by hadronic interaction.

Two major possibilities for leptonic VHE gamma-ray emission processes exist. Either the

synchrotron emission generated by the electrons is upscattered by IC to VHE gamma-rays

(self-absorbed synchrotron Compton, SSC) or photons from the stellar companion are up-

scattered (external Compton, EC). In HMXB, due to the high target density of UV photons,

the external Compton effect is most likely at work. In LMXB systems, the target photon

field provided by the stellar wind does not yield a high efficiency for EC, so the SSC model is

more likely. The SSC model is the preferred model to explain the VHE gamma-ray emission

in extragalactic AGN’s (see e.g. Ghisellini et al. 1998). For microquasar emission, this model

was suggested by several authors (Atoyan and Aharonian, 1999; Gupta et al., 2006). In the

case of the SCC mechanism, the jet might be detected even in the free region (Atoyan and

Aharonian, 1999) if the jet is powerful enough to produce internal shocks at this range.

The EC process is most likely taking place at the binary scale as long as the emitting

region is close to the luminous star. On larger scales, the SSC component might become

dominant. The detailed measurement of the VHE gamma-ray part of the SED might reveal



38 CHAPTER 2. GAMMA-RAY BINARIES

27

29

31

33

35

lo
g 

( 
εL

ε [
er

g/
s]

 )

100 G
10 G
1 G

−5 −3 −1 1 3 5 7 9 11 13
log ( ε [eV] )

27

29

31

33

35

lo
g 

( 
εL

ε [
er

g/
s]

 )

100 G
10 G
1 G

sync IC

sync
IC

Г= 2

Г= 3

Figure 2.7: The SED dependence on the magnetic field for secondary pair created photons.
The upper panel shows the SED for a power law distribution of injected primary gamma-rays
with spectral index Γ = 2 and the lower panel for Γ = 3. It is evident that strong magnetic
fields suppress the IC component significantly while increasing the synchrotron emission. A
very high magnetic field can even suppress the development of the cascade. The figure is
taken from Bosch-Ramon et al. (2008).

the processes at work. If the orbit is highly eccentric, as it is the case for several micro-

quasars, the anisotropy of the photon density along the orbit should be visible in the light

curve. The detailed spectral shape is, in general, difficult to predict because gamma-ray

absorption might play a vital role and should cause a time variability in the flux.

Several assumed processes in microquasars are the same as in their extragalactic coun-

terparts. Thus, knots in the jet and jet disc coupling can be effectively studied in the

microquasars as well as dependencies of the accretion rate which is, in principle, more easy

to estimate because the mass loss of the donor star can be directly measured. Nevertheless,

some differences are expected and, especially in the VHE gamma-ray domain, one difference

is vital.
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The inclination of the jet to the observer’s line of sight is a crucial parameter for the

observed spectra of VHE gamma-rays. In the case of blazars, the gamma-rays in the jet

are doppler boosted to VHE’s. Consequently, only AGN’s with a jet pointing directly at

the observer are detected in VHE gamma-rays. The flux observed at Earth is related to the

doppler boosting factor given by

Fobs ∝ L
δ4

jet

d2
(2.3)

δr,a = [Γjet (1± βjet cos θ)]−1 (2.4)

Here Fobs is the observed flux at Earth and L is the luminosity of the source, δjet = δa + δr

is the doppler boosting factor composed from the approaching and receding jet and Γ is the

relativistic gamma factor of the jet and β = vjet/c. This strong flux dependency on δ makes

possible the detection of blazars up to at least z = 0.536 (Albert et al., 2008c). Only two

very close-by AGN’s which do not belong to the class of blazars have so far been detected. So

blazars are detected because their jet points at us, leading to a strong relativistic boosting.

This is not the case for the microquasars, at least if they are not too distant. For example,

in GRS 1915+105 the inclination of the jet towards us is θ ≥ 70◦ (Mirabel and Rodŕıguez,

1999) and thus both jets - and not only the approaching one as for blazars - are seen with

almost the same contribution to the total flux. It is even more dramatic because of the

superluminal motion of the jets in GRS 1915+105 (Γ ∼ 2.5) which leads to both jets being

deboosted, meaning δ < 1 and hence the movement reduces the observed flux at Earth. This

is quite the contrary to what is observed in blazars. Extragalactic blazars can be observed

at Earth, even if their luminosity is much below the Eddington luminosity, if their doppler

boosting factor is high enough (commonly values of 10–100 are assumed for current detected

blazars). A much higher accretion luminosity is needed for microquasars so that the jets can

be powerful enough to be detected in VHE gamma-rays.

In analogy to blazars, there could be microblazars which have their jets pointed directly at

Earth. Good candidates of such systems would be jet sources where only one jet is detected.

An example of such a case might be Cyg X-3 (Mioduszewski et al., 2001). The relativistic

boosting makes microblazars interesting targets for VHE gamma-ray observations even if

they are as distant as Cyg X-3 (d ∼ 7 kpc). It was suggested that the ultraluminous X-

ray sources (ULX) detected in other galaxies might be microblazars with their jet directed

towards Earth (Georganopoulos et al., 2002). But, there exists evidence that the ULX’s might

be powered by thermal emission of intermediate mass black holes (Winter et al., 2006).
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2.3 Pulsar wind binaries

A pulsar wind binary denotes a binary system which consists of an optical companion star

and a rotational powered pulsar which produces a compact pulsar wind within the binary

system. The basic definition of pulsar and pulsar wind are already given in section 1.4.1

and 1.4.2. Here, some more details about the expected emission features and the influence

of the companion star wind on the VHE gamma-ray emission will be discussed. The pulsar

wind will certainly interact with the stellar wind and create a termination shock between

them. The main question is which wind is more powerful and will confine the other wind.

In a HMXB, the stellar wind is rather powerful and might create a bow shock in the pulsar

wind and it was suggested that this might lead to a cometary tail radio feature as proposed

for LS I +61◦303 by Dhawan et al. (2006). If this geometry should prove to be valid, the

maximum power of the pulsar wind can be estimated by balancing it with the stellar wind

power. The detailed shape of the termination shock is challenging to determine and might

vary with orbital phase, depending on the orbital parameters and the class of the optical

companion star in the system.

There will be always two components of the pulsar wind present, the free wind and the

shocked wind. The shocked wind is known to be a potential accelerator to TeV energies and

thus VHE gamma-ray emission from this region is expected. The lower energetic emission

from both wind regions are essentially synchrotron radiation and IC emission which can be

both identified as power law distributions in radio (only synchrotron) and X-rays. A thermal

component in the X-ray, as in the accretion scenario, is not expected. The radio morphology

should not show jet-like features but can give changing appearances along the orbit of the

compact object, since the distance between the star and neutron star (especially in orbits of

high eccentricity) will vary and so will the position of the shock front between their winds.

This might lead to a moving peak position of the radio flux with respect to the orbital phase.

A clear identification of the pulsar wind scenario would be the detection of radio pulses

from the binary. Nonetheless, the pulsar light beam might not be directed at Earth or the

pulsed emission might be absorbed if the binary is very compact. The later is observed in

PSR B1259-63 when the pulsar is close (around periastron) to its companion (Johnston et al.,

2005).

If the pulsar would be accreting, it should show the typical bursts5 detected from such

systems.

5The hydrogen accreted by the NS can pile up on its surface. When enough hydrogen is gathered that
the critical density for thermonuclear fusion to helium is reached a sudden flare visible in X-rays can be
observed. This process is similar to the novae observed from white dwarf stars.
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So there exist several possibilities to distinguish the accretion from the rotation powered

scenario from the radio to X-ray emission. The VHE gamma-ray production inside the pulsar

wind binary and its emission features are described in the next section.

2.3.1 VHE gamma-ray emission

That pulsar wind nebulae can be strong VHE gamma-ray emitters is undoubted, for example

the strongest steady source (the Crab Nebula) is a PWN. Most of the identified galactic VHE

gamma-ray sources are thought to be PWN’s, making these objects prime candidates for the

search for VHE gamma-ray emission. It is natural to assume that a pulsar in a binary can

produce a powerful PWN which is shocked by the companion wind, with particles being

accelerated in this shock. One of the first suggestions of such a model for the non-thermal

emission in binaries was made by Maraschi and Treves (1981). After the discovery of the

first binaries in VHE gamma-rays, an increased interest revived this emission mechanism for

binaries and several more models appeared (Dubus, 2006b; Chernyakova et al., 2006; Cerutti

et al., 2008; Sierpowska-Bartosik and Torres, 2008). The models vary in suggesting the origin

of the VHE gamma-ray emission. While Dubus (2006b) and Chernyakova et al. (2006) see

the termination shock as the emitter region, the free pulsar wind is suggested as the emitter

by Cerutti et al. (2008) and Sierpowska-Bartosik and Torres (2008). The free pulsar wind

could consist out of TeV electrons which produce VHE photons by IC upscattering of the

photons from the companion star6. Up to now, no model includes both wind regions as

emitters and so the task to find a complete description for PWN binaries remains open.

In addition to the emitting region, there are more individual assumptions in the models.

Leptonic emission models producing VHE gamma-rays only due to IC are proposed by Cerutti

et al. (2008) and Sierpowska-Bartosik and Torres (2008). There exists as well a model which

suggests an additional hadronic component to explain the VHE gamma-ray emission while

attributing the X-ray to soft gamma-ray emission to IC of electrons (Chernyakova et al.,

2006). In the hadronic model, some ions or protons must be present in the pulsar wind and,

indeed, some theories assume that the neutron star is covered by an iron crust which can

be heated and thus emit iron nuclei which might be accelerated in the magnetosphere and

ionized by the large electric fields of the pulsar. They could contribute some small fraction

to the particles in the pulsar wind (PW). These ions might then interact with the matter of

the stellar wind, creating VHE gamma-rays via π0 decay or from IC by secondary leptons

from the charged pion decays.

6Note that the UV photons of the star can propagate into the pulsar wind without being hindered by the
termination shock. The shock is created by the matter in the stellar wind.
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The VHE gamma-ray emission due to the pulsar wind might be modulated by propagation

and absorption effects in the binary. The geometry of the orbit and the direction towards

the observer will determine which parts of the wind (free and/or shocked) are dominating

the observed emission (see i.e. Sierpowska-Bartosik and Torres (2009)). Another possible

source of variability is the development of cascades which might be time-dependent due to

different magnetic fields present at the emitter depending on the orbital geometry and the

shock position. The effect of cascading would be the same, as described in the microquasar

case. The wind clumps in HMXB could cause variability on short timescales and this was

first suggested by Zdziarski et al. (2008). In case of a strongly clumped wind, the calculation

of the termination shock is very difficult and, up to now, no detailed description has been

possible. In case of a clumped wind, there might even be beamed emission in the direction

of the observer while, in general, only non-beamed emission is expected for the pulsar wind

scenario. This implies that only near-by (d . 4 kpc) PWN binaries should be visible in

VHE gamma-rays.

The emission from the system can be periodically modulated if strong anisotropic ab-

sorption effects (eccentric orbit of compact object) occur in the system.

2.4 Absorption in binary systems

Photon absorption effects are very important in HMXB, since the massive stars have a high

luminosity (L & 1038erg s−1). Since these OB type stars have, in general, high surface

temperatures (T ∼ 3 × 104 K), the target photons have energies peaking in the UV range.

The absorption effects in binaries are calculated by several scientist but differ, for example,

in accounting for the finite size of the star (Protheroe and Stanev, 1987; Moskalenko and

Karakula, 1994; Bednarek, 1997; Böttcher and Dermer, 2005; Dubus, 2006a; Khangulyan

et al., 2008; Reynoso et al., 2008; Sierpowska-Bartosik and Torres, 2008). From all these

calculations, it is evident that the absorption processes in binaries play a vital role and will

often dominate the shape of the emission spectrum. Absorption effects could cause an orbital

periodicity in the emission or might even suppress the VHE emission if the photon field of

the star is to dense. Such a case might be true for the microquasar Cyg X–3 which is among

the most compact systems known, with an orbital period of only 0.4 days and a hot WR star

as the optical companion.

The detailed influence on the observed spectrum and light curve of every source must be

calculated individually. More information about these effects on LS I +61◦303 are given in

chapter 7.
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2.5 Detected binary systems in gamma-rays

With the advent of the new generation of very sensitive VHE gamma-ray detectors like

MAGIC, H.E.S.S. and VERITAS, the first binary systems could be identified as VHE gamma-

ray emitters. This thesis presents the up-to-now most detailed analysis of LS I +61◦303 and

all available information on it can be found in chapter 7. The other detected binaries are

PSR B1259-63 (Aharonian et al., 2005a) and LS 5039 (Aharonian et al., 2005b). Another

VHE source possibly associated with a binary is HESS J0632+057 (Aharonian et al., 2007c;

Hinton et al., 2009; Acciari et al., 2009). The VHE gamma-ray source HESS J0632+057 is

pointlike and emits variable radiation in the radio and X-rays band and thus makes it a good

candidate for a binary system. An extragalactic source shining through the Milky Way is

rather disfavored since a Be star is detected at the same position and Be stars are very often

members in HMXB. Whether this Be star is accompanied by a compact object can be tested

by measuring its radial velocities to obtain the orbital parameters of the system.

A hint for VHE gamma-ray emission in a short transient event (Tobs ∼ 80 min) is found

in Cyg X–1 by MAGIC (Albert et al., 2007f). The significance of this signal is unfortunately

marginal with 3.2σ in the whole observation night (Tobs ∼ 160 min). Despite a huge amount

of additional data taken in 2007–2008 on this source, no further emission is detected (Saito

et al., 2009).

Most of the theories discussed here and the suggestions about how the emission mech-

anism might work were published after the detection of the three solid detected sources

(LS I +61◦303, LS 5039, PSR B1259-63). This emphasizes the fact that the VHE gamma-

ray emission of binary systems is still an unsolved puzzle but, as more data becomes available,

the better understood are the emitter mechanisms. The importance of high quality data in

the VHE gamma-ray domain for the development and tuning of the various models can be

well traced by the publication avalanche triggered each time new VHE gamma-ray data be-

comes available (see, for example, chapter 7 about LS I +61◦303 in this thesis). One of

the main questions is which emission scenario (microquasar or PWN binary) is valid in the

detected binaries. While the detection of radio pulses in PSR B1259-63 makes this case

clear, it is not so obvious in the other binaries. Up to now, no definite microquasar has been

detected in VHE gamma-rays - a solid detection of Cyg X–1, GRS 1915+105 or SS 433 would

solve this question and give vital information to confirm or reject what is at present merely

the hypothesis about the microquasar scenario. This is the reason why so much observation

time is invested in the VHE gamma-ray study of clearly identified microquasar systems. Up

to now, these observations have yielded no detection. Nevertheless, even non-detection can
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constrain severely the emission models by conflicting with their predictions.

The question which scenario is true for LS I +61◦303 is one of the main topics of this thesis

and the interpretation of the VHE gamma-ray emission from the system is discussed in great

detail in section 7.12. This question cannot be solved by VHE gamma-ray studies alone but

must also include the other emission bands of non-thermal emission (radio, X-rays). In the

study of LS I +61◦303 extensive multiwavelength campaigns are undertaken to understand

the complete SED and each model which describes the SED correctly can be accepted as

a description of the system. More and more data taken over long timescales are needed in

order to understand better the energy processes taking place in binaries. The large amount

(hundreds of hours)of highly competitive observation time granted in ground-based VHE

gamma-ray detectors such as MAGIC and X-ray satellites like Chandra and XMM-Newton

indicates how important these studies are and how high their scientific impact.



Chapter 3

Imaging Atmospheric Cherenkov
Telescopes

In this chapter, the most successful detection method to observe gamma-rays of energy

above 25 GeV from the Earth’s surface is explained. Since our atmosphere is opaque to EM

waves of that energy, only indirect detection is possible. To be able to detect them, the

Earth’s atmosphere is used as a calorimeter and the Cherenkov light emitted by the charged

particles is detected by an imaging telescope on the surface of the Earth. To understand

the dependencies between the shower development and the Cherenkov light transmission

on the atmosphere, several characteristics of the shower development and Cherenkov light

production are described. In section 3.4, the systematic uncertainties in the measured fluxes

and spectra obtained by ground-based VHE gamma-ray astronomy (and how to take them

into account) are discussed.

3.1 Extensive air showers

Whenever a particle hits the atmosphere and its energy is high (E & 5 GeV), a particle

cascade is initiated. The primary particle interacts with the molecules in the air and produces

secondary particles which interact again with the air molecules and thus iteratively more and

more particles are generated and each particle generation carries less energy than their parent

generation. After some time the individual particles do not carry enough energy to split up

further and the energy loss due to ionization and absorption dominates, thus the particle

number decreases and the cascade dies out. Such a cascade is called an extensive air shower

(EAS).

The shape of the cascade is different for the different particle types. The main difference

is given by the dominant interaction of the particle with the atmosphere. While all charged

particles can interact electromagnetically, the hadrons will dominantly interact hadronically
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because the cross-section is much larger than the EM cross-section. This is important since

gamma-ray astronomy is interested only in gamma-rays whereas most particles hitting the

atmosphere are cosmic rays (mainly protons) - and these are background events to be rejected.

The difference in cascade development depends on the dominant interaction, leading to a

wider lateral spread in hadronic-induced showers, since the transverse momentum transfer

is higher in these interactions compared to the EM interactions. In addition, the interaction

length of the hadrons is much larger compared to the EM interaction length of leptons (and

gamma-rays), leading to a deeper penetration into the atmosphere for the hadronic particles

compared to the gamma-rays. Furthermore the larger hadronic interaction length leads to

larger fluctuations between showers initiated by primary particles with the same energy.

In Fig. 3.1 a typical hadronic- and gamma-ray- induced air shower are shown to illustrate

the differences in appearance.

Hadronic showers develop EM subshowers due to neutral pion production in the hadronic

interaction. The π0 decays almost always via the channel π0 → γγ and thus initiates two

EM subshowers. These EM showers carry roughly one third of the energy of the primary

particle since the neutral pions make one third of all produced pions and should carry on

average, due to momentum conservation, one third of the primary particle energy. Thus, the

EM part of a hadronic shower is roughly comparable to a gamma-ray- induced cascade with

only one third of the energy of the hadron. The details of EAS development can be studied

only by Monte Carlo (MC) simulations. In the case of the EM cascades, a description with

simplifying formulas is possible and helpful to understand the basic properties.

A description of the development of an EAS can be obtained by coupled transport equa-

tions (Gaisser, 1990), which describes the propagation of the particles transversing the at-

mosphere.

dNi(E,X)

dX
= −(

1

λi
+

1

di
)Ni(E,X) +

∑
j

∫
Fij(Ei, Ej)

Ei

Nj(Ej)

λj
dEj (3.1)

In equation (3.1) dNi(E,X)/dX is the change of the particle number of type i per slant

depth (X). On the right side, the first term gives the decrease of the number of type i particles

due to decay and interaction while the sum over the integral describes the probability that

a particle of type i decays to a particle of type j1. The integral is needed because of the

different energies which the daughter particles may have. This equation can be solved for

EM cascades and the solution found by Greisen (1956) for the longitudinal development is

given in equation 3.2.

1resulting in an increase in the number of type j particles
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a) b)

Figure 3.1: a) shows a simulated gamma-ray- and b) a simulated proton-induced air shower.
In both plots, the red particles are electrons and positrons while the green lines indicate
gammas and the blue trajectories are muons. The showers were simulated with the Corsika
extensive air shower package and both primary particles had an energy of E = 200GeV.
Courtesy of F. Schmidt, Leeds, now Chicago.
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Ne =
0.31√

log[E0/Ec]
eT (1−1.5(log[S])) (3.2)

In this equation, E0 is the energy of the primary particle, Ec the critical energy (need to

from a cascade), T is the shower depth and S is the shower age.

The shower depth is the distance the particles have transversed in the atmosphere measured

in radiation length. The shower age is a relative parameter that reaches from 0 (start of

the cascade) to 2 (died-out cascade) and describes the development of the shower in a way

that the shower maximum is at S=1. The shower age is related to the shower depth with

equation (3.3).

S = 3/(1 + 2(log[E0/Ec])/T ) (3.3)

To be able to describe the shower development in the atmosphere, an atmospheric model

must be assumed. If a simple isothermal atmosphere with an exponential density profile is

assumed, a relation between T and the height measured from ground h is given by equa-

tion (3.4).

T =
X

λ
e−h/H (3.4)

Here, X is the slant depth at ground (X = 1023 g/cm2), λ is the interaction length in air

and H = is the height at which the pressure is decreased to 1/e of the pressure at sea level.

In Fig. 3.2 Ne is shown for three different energies.

The following conclusions can be drawn from eq. 3.2 and Fig. 3.2:

• The higher the primary particles energy, the higher the number of secondary particles

• Higher energetic primary particle cascades develop their maximum of secondary parti-

cles deeper in the atmosphere

• The showers of primary particles with energy less than 500 GeV will have no consider-

able amount of particles reaching the ground.

From these facts, one can already see that the amount of particles in the shower gives a

good indication of the energy and this can even be refined using the height of the maximum

number of particles in the cascade. In addition, it is clear that any observatory which wants

to measure lower energetic primary particles cannot do so at low altitudes. Furthermore, a

dense coverage on the ground is needed so as not to miss some of the view particles in the

cascade. This renders direct detection of cascade particles for low energies (E < 500 GeV)
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Figure 3.2: The number of e (Ne) versus the height measured from the ground for 500 GeV
(blue), 100 GeV (red) and 50 GeV (green) gamma-ray- initiated cascades. NOTE: the height
of the maximum is shifted to higher values for lower energies.

expensive if the low fluxes from the astronomical sources are to be measured. A better

method to obtain a large effective detector area is to measure the particles in the cascade

indirectly with the help of their Cherenkov light emission. This technique is described in the

next section.

3.2 Cherenkov light production

Cherenkov light is emitted by all charged particles which move in a polarizable medium above

the speed of light in this medium. The amount of light emitted by any cascade is in first

order proportional to the energy of the cascade and thus to the primary particles’ energy. In

our atmosphere, the speed of light is not constant but changes with altitude, this variation

of speed being caused by the density changes of the atmosphere. Since the speed of any

particle is determined by its mass and its momentum, the threshold energy for Cherenkov

light production depends on the mass, as follows:

Eth =
m0c

2

√
1− n−2

(3.5)

Here m0 is the rest frame mass of the particle and n is the refraction index of the medium.

Assuming an exponential behavior, of the refraction index as a function of altitude in the

atmosphere gives the minimum energy needed to emit Cherenkov light for the different par-

ticles present in an air shower. As can be seen from Fig. 3.3, the threshold energy of the

electrons (and positrons) is at the lowest level. Thus, mainly electrons and positrons emit
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Figure 3.3: The minimum energy needed for Cherenkov light production versus the height
of the particle emitting the light. The magenta line is for kaons, the green line for pions, the
red line for muons and the blue line for electrons. An exponential dependency is assumed
for the density of the atmosphere as a function of the height.

Cherenkov light since they form in EM cascades rapidly and, even at energies below 30 MeV,

they emit Cherenkov light at sea level. The other particle types must have considerably

higher energies to emit Cherenkov light and given that they are much less abundant, even

in hadronic events, they contribute little to the total light intensity emitted by the cascade.

Cherenkov light is emitted under a certain angle which is given by:

θ = arccos

(
1

βn

)
(3.6)

The so-called Cherenkov angle depends on the refractive index n and thus changes with

altitude. Since the secondary particle tracks have different inclination angles to the trajectory

of the primary particle, the Cherenkov light of the cascade is not simply a circle on the ground

but a superposition of many hollow circles and ellipses, one for each shower particle above

the threshold energy. The 2D intensity profile (at the observation level) of the cumulative

Cherenkov light of all EAS particles is called the Cherenkov lightpool. There is no analytical

formula to obtain the Cherenkov lightpool emitted from any cascade on the ground and Monte

Carlo simulations are needed to get this information. The Cherenkov lightpool created by

a gamma-ray- and a hadronic-induced cascade are shown in Fig. 3.4. The high intensity of

the Cherenkov light up to impact parameters of 120 m is caused by direct Cherenkov light

from the shower, while the light recorded further away is scattered by the atmosphere with

a rare large scattering angle. Another relevant parameter is the Cherenkov light spectrum.

This spectrum is important to optimize the response of the detector and to understand the
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Figure 3.4: Cherenkov light intensity as a function of the distance of the telescope to the
shower’s main axis. The triangles represent a MC simulation for 100 GeV gamma-induced
showers while the squares represent a 400 GeV-induced proton shower. The zenith angle of
the simulation is 0◦ and the observation level at 2200 m altitude.

importance of the refraction and absorption effects in the atmosphere.

Assuming that the refraction index is constant with wavelength (λ) the basic intensity

dependency on the emitted wavelength is:

I(λ) ∝ λ−2 (3.7)

This dependency leads to the highest emission at UV and blue optical wavelengths. The

total intensity of Cherenkov light emitted by the cascade is, of course, proportional to the

number of electrons above the Cherenkov light production threshold in the cascade and thus,

in first order, proportional to the energy E of the primary particle.

Not all Cherenkov photons reach the ground and attenuation effects, which are in general

wavelength dependent, have to be taken into account to obtain the intensity at the observa-

tion level. Unfortunately, the highest intensity part of the Cherenkov emission suffers from

almost total absorption. Cherenkov photons with λ < 280 nm do not reach the observation

level due to the very strong absorption of ozone (O3) and oxygen. A comparison between

the emitted and the observed (with observation 2200 m above sea level) Cherenkov light

spectra from EAS of different energies is shown in Fig 3.5, together with the transmission

of light from space to the observation level and the major absorption mechanism at work.
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Figure 3.5: a) shows the wavelength dependent Cherenkov light intensity as emitted (solid)
by EAS of different energies and as observed at the observation level (dashed). b) displays
the different absorption effects and their wavelength dependence for the transmission of light
from space. Figure a) is taken from Wagner (2006) and b) adapted from Bernlöhr (2000).

There are two main components of the interaction of Cherenkov light and the particles in

the atmosphere: The Rayleigh and the Mie scattering. Rayleigh scattering is inevitable even

in a perfect atmosphere but it is theoretically and experimentally well-described and can be

taken into account in the MC simulation, at least as an ideal. Ideal meaning that the atmo-

sphere can of course change with seasons, pressure, humidity and so on. So the description

will be only valid within a range of these parameters. A detailed study about the different

atmospheric models and atmospheric composition on the Cherenkov light spectrum is given

in Bernlöhr (2000).

The Mie scattering is mainly caused by particles in the air which are large compared

to the wavelength of the Cherenkov light and no good theoretical description of the cross-

sections exists. The dominant materials causing Mie scattering are aerosols and dust in the

air.

Another important fact is the short spread in the arrival times of the Cherenkov light at

the observation level. The time span in which the whole emitted light of the cascade reaches

the detector is only a few nanoseconds. Thus, a detector must have a very fast response and

a short integration time, otherwise the night sky background light (see Roach and Gordon

(1973) for a review on night sky background light) would be much more intense compared

to the Cherenkov light. The exact arrival time spread of a Cherenkov shower, which is

recorded by a detector, can be used for the identification of the primary particle as well as

the geometrical shape of the shower (Aliu et al., 2009a). The arrival time distribution is again

obtained by MC simulations. The use of arrival times in the analysis of the shower images
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successfully improved the sensitivity of the MAGIC telescope, compared to the analysis

without exploiting the time information. A detailed description of the usage of the arrival

times of the Cherenkov photons will be given in chapter 5.1.1 which describes the analysis

of the MAGIC data.

3.3 The imaging technique

The Imaging Atmospheric Cherenkov Telescope (IACT) records a picture of the Cherenkov

light emitted by a cascade and characterizes it by evaluating the properties of the image.

As described in the previous sections, the properties of the shower depend on the particle

initiating the cascade but this information is exclusively needed to reject non gamma-ray-

induced background events. If the gamma-rays are identified then several parameters, such

as the direction from which it was emitted and the energy of the particle, are of interest.

To obtain the Cherenkov light image, the telescope must be inside the lightpool of the

shower. The projection of a shower in the imaging plane of the telescope is shown in Fig. 3.6.

Since the camera has a limited size, the shower image can be truncated if the shower has a

large impact parameter and high energy. From Fig. 3.6 it is evident that the later developing

cascade (lower in the atmosphere) is imaged by the farther outlying pixels and these are the

parts of the cascade most likely to be truncated. Modern IACTs like MAGIC have camera

diameters of 3.5–5 degrees and are able to image showers completely only in a certain range

of impact parameters and energies. Truncated images suffer from worse energy and direc-

tion reconstruction compared to fully contained images. The details of the reconstruction

mechanism and the effects of the limited camera size are given in the analysis description,

see chapter 5. It is clear that the limited size of the camera2 of any IACT limits the effective

collection area in which it can record shower images useful for analysis. Nevertheless, the

collection area of IACT’s is in the order of several 104 m2, thus enabling them to detect the

faint fluxes of the gamma-ray sources. The strongest steady gamma-ray source, the Crab

Nebula, has an integral flux above E > 300 GeV of (1.31± 0.03)× 10−10 cm−2 s−1, meaning

that several gamma-rays are recorded per minute by an IACT like MAGIC.

This makes a significant detection of a gamma-ray source, like the Crab Nebula, possible

in few minutes. The advantage of recording shower images from cascades in a much larger

area compared to the size of the telescope and the large accessible energy range, from 70 GeV

up to 20 TeV, makes IACT’s excellent instruments for VHE gamma-ray astronomy.

2In fact the size of the trigger region of the camera is the most limiting factor if it is not identical to the
camera size, as in the case of MAGIC
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EAS

γ
IACT camera

EAS image

Figure 3.6: Schematic view of the mapping of the shower onto the focal plane and the image
obtained in the IACT camera. The asymmetric deformation of the shower due to the non
linear mapping function is indicated.

3.4 The uncertainties in IACT measurements

A very important topic is the understanding of the systematic uncertainties of any exper-

iment. In the case of gamma-ray astronomy with IACT’s it is very important to think of

observations instead of experiments. With an IACT, a gamma-ray source can only be ob-

served with no guarantee that the source will be observed again in the same emission state as

it was in the previous observation. A prominent example for such unique events are GRB’s

and to some extent AGN outbursts and transient phenomena in binaries.

Since the observer cannot influence the source behavior it is important to know the

detector performance and uncertainties in the measured quantities. Only if the uncertainties

are known is the interpretation of transient phenomena possible. Here, two different types

of systematic uncertainties must be distinguished. The first type of uncertainty is related

to the telescope and the description of the ideal atmosphere, along with the Cherenkov

light production by cascades. In all parts (detector, shower simulation, atmospheric model),

systematic uncertainties are present but they can be evaluated and are constant in time.
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The other type of uncertainty is time dependent and these uncertainties are more im-

portant for the interpretation of the measurements. Their major source is the change in

atmospheric conditions. The atmosphere is not a stable medium and several important

parameters such as aerosol abundance, humidity, temperature, air pressure and dust grain

content can change, even on short timescales. All these parameters cannot be easily mon-

itored from the observation level but they might have an effect on the measurement. For

example, higher humidity or aerosol abundance will increase the amount of Cherenkov light

which is scattered away from the camera and at the same moment increases the background

light of the night sky. This will lead to worse signal to noise ratio in the camera and reduce

the reconstructed Cherenkov light intensity of the shower. Thus, the detected shower im-

age will not lead to the primary particle parameters since the image deviates from the MC

estimated expectation which is used in the analysis.

These time-dependent uncertainties are very difficult to compensate for and until now

only good quality data is analyzed and the remaining data is discarded. Good quality data

must fall within a predefined range of atmospheric parameter values. In that way, the

uncertainties of the measurements can be evaluated and the gamma-ray parameters can be

reconstructed with the use of the ideal atmospheric MC simulations. The data quality can be

most efficiently judged by the trigger rate of the telescope. The trigger rate is caused mainly

by protons since they are much more abundant compared to gamma-rays but the effect on

both shower types due to atmospheric conditions is similar. The method of the data quality

evaluation proceed in the following steps. The standard candle, the Crab Nebula, is observed

on a very transparent night. The trigger rate of this observation is noted and the data is

analyzed to obtain a reference VHE gamma-ray spectrum from the Crab Nebula. Then the

Crab Nebula is observed under various atmospheric conditions (different trigger rates) and

the individually obtained spectra are compared to the reference spectrum. All observations

which yield spectra within the statistical errors of the reference measurement are defined

as good quality data. The trigger rates of the good quality observations define an interval

of conditions in which reliable measurements are possible. From the good quality data, a

minimum trigger rate is defined which corresponds to the worst condition in which data can

still be analyzed.

This data quality check uses the following assumption. The standard candle source must

display constant behavior in time. This is the case for the Crab Nebula, since all spectra

from all different IACT taken over more than two decades agree well within their estimated

systematic uncertainties. Another point which should be taken into account is that worse

atmospheric conditions affect the lower energetic showers more dramatically and thus a
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source with a very soft spectrum might be more affected when compared to the Crab Nebula

observations.

A detailed description of the estimation of the performance parameters of MAGIC and

their stability is given in chapter 6.



Chapter 4

The MAGIC telescopes

Figure 4.1: The MAGIC telescopes just after sunset in December 2008

The Major Atmospheric Gamma-ray Imaging Cherenkov (MAGIC) telescopes are located

at the Observatory de Roque de los Muchachos on the Canary Island La Palma (28.75◦N,

17.86◦W, 2225 m above sea level). The telescopes are spaced 85 m away from each other.

The first MAGIC telescope began operation in 2004 and was commissioned until 2005. In

2006, it was decided to construct a second MAGIC telescope on the same site to enable

stereoscopic observations. The commissioning of the second telescope began in December

2008 and will take until autumn 2009. Since the second telescope incorporates many design

improvements compared to the first it is often called an improved clone. Here, I will describe

both MAGIC telescopes and focus on the MAGIC II camera and the camera control program

57
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because I contributed a major part into its development and programming.

Both telescopes have the light weight structure of the reflector and the light weight

camera in common in order to reduce the moment of inertia of the telescope, thus enabling

it to reposition as fast as possible to react on short transient phenomena like GRB’s. The

total weight of each of the telescopes is around 60 tons. A maximum time of 100 s is needed

to point it to any position in the sky. The average positioning time is about 40 s making

MAGIC the fastest moving Cherenkov telescope in the world.

Furthermore, both telescopes possess 17 m diameter parabolic reflectors with a focal

length of 17 m. This gives them a fast optical system with a f/1 ratio. These fast systems

require good mirror properties to achieve reasonable point spread functions (PSF) at the

border of the camera. Due to coma (an optical abberation present in all parabolic mirrors)

a point-like image gets distorted to a triangle shape pointing to the camera’s center. The

optical quality of the telescopes guarantee that the PSF is completely enclosed in the area

of one pixel, at least in the trigger area. In addition, the focusing of the mirror elements

is done for each pointing direction and corrects slight bending of the light weighted frame.

This active mirror control (AMC) is described in detail in Biland et al. (2008).

Another consequence of the slight bending is the need for a pointing accuracy check. This

is done by means of a system called star guider which consists of a charge coupling device

(CCD) camera in the center of the reflector with the reference light emitting diodes (LED)

arranged in a circle on the photo multiplier tube (PMT) camera frame. The star guider

CCD is simultaneously imaging the night sky, along with the MAGIC PMT camera and half

of the LED circle on the PMT camera frame. From the LED position, the camera center

position can be readily determined and the comparison between the recognized stars and

their catalog position provides the celestial coordinates of the camera center. This position

can be monitored continuously, providing corrections for the telescope pointing deviations.

The current pointing accuracy of MAGIC is 1 arcmin and can be improved to ∼ 30 arcsec

with a calibrated star guider system. The whole star guider system, its calibration and the

pointing model applied in MAGIC, is described in Wagner (2006).

4.1 MAGIC I

MAGIC I has a tessellated reflector of 17 m diameter built by 964 single mirrors with dimen-

sions 49.5×49.5 cm2. The single mirrors are mounted in groups of four and at the rim of the

reflector in groups of three on panels which can be moved by the active mirror control. Each
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panel is adjusted for the current pointing direction in such a way that the reflector shape is

a parabola. This reflector shape is chosen to minimize the arrival time spread of the photons

on the camera plane. The total mirror area of MAGIC I is 239 m2. The structure supporting

the reflector is made of carbon fibre tubes to reduce the total weight of the telescope to about

60 tons.

4.1.1 The camera of MAGIC I

The camera of MAGIC I has a hexagonal shape and covers a field of view (FoV) of 3.5−3.8◦.

The camera consists of 576 PMT’s where two sizes of PMT’s are used. The inner camera

with a diameter of about one degree is formed by 396 0.1◦ diameter PMT’s surrounded by

four rings of 0.2◦ diameter PMT’s. On top of each hemispherical PMT, a hexagonal hollow

winstone cone (WC) is attached. The WC is used to guide the light to the sensitive area

of the PMT entrance window and minimizes the dead space between the PMT’s. Each

PMT is coated by a lacquer which includes a wavelength shifter (Paneque et al., 2003). This

additional coating improves the light collection efficiency of the telescope by ∼ 5% (Paneque,

2004).

The PMT’s are designed to be able to operate under moderate moonlight without damage.

For this reason, the PMT’s posses only six acceleration dynodes instead of the ten stages in

common PMT’s. Thus the gain of the MAGIC PMT’s is only about 104 and the signal is

further amplified by a low noise amplifier before it is converted by multimode vertical-cavity

surface-emitting lasers (VCSEL) to an analog optical signal and then transmitted by optical

fibres to the MAGIC counting house. The readout electronics are not included in the camera

but placed in the control building 100 m away from MAGIC I. This reduces the weight of

the camera, its power consumption and the necessary cooling capacity and enabling the use

of flash analogue to digital converters (FADC) for the readout system. Detailed information

about the MAGIC I camera and its performance can be found in Paneque (2004) and Gaug

(2006).

4.1.2 The read out system of MAGIC I

MAGIC I used 300 MHz FADC’s to make a dense sampling of the time structure of the

signal. To obtain a larger dynamic range the signal is split up into two identical signals.

One of these signals is amplified by a factor of 10 (high gain signal) while the other is non

amplified (low gain signal). The reason for this is to increase the dynamic range of the

system which works with only 8 bits. The FADC samples both gain levels after each other

and each is sampled by 16 time slices. Each time slice is an integration of 3.3 ns. The time
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slice information is stored temporarily for t = 100 µs in a ring buffer and saved to disc when

a trigger signal arrives. More information about the 300 MHz FADC system can be found

in Albert et al. (2008a).

Since the arrival time information can be exploited only if the time resolution is high

enough, an upgrade of the read out system to multiplexed 10 bit 2 GHz FADC’s (abbreviation

MUX) was performed in April 2006. For commissioning and testing, only the trigger region

was connected to the new MUX and, in addition, the old FADC readout was used in parallel.

To do this the signal was split up before going to the trigger and one signal went to the old

FADC, the other to the MUX. Each of the MUX channels samples the signals of 16 pixels

by delaying the signal between the pixels by multiples of 40 ns. This leaves the MUX 40 ns

to sample the signal of each pixel before switching to the next pixel. Each time slice has a

width of only 0.5 ns giving a far superior time resolution compared to the previously used

FADC’s. Due to the larger dynamic range, when compared with the 300 MHz FADC’s the

splitting into high and low gain signals is not needed anymore, making the calibration easier.

The advantage in the analysis of the MUX FADC’s will be described in chapter 5 in detail. I

contributed to the commissioning of the MUX, which took until April 2007. At this time, all

pixels were changed to the MUX read out. More information about the MUX can be found

in Goebel et al. (2007).

4.1.3 The trigger system of MAGIC I

The trigger area of the MAGIC I telescope is limited to the inner camera and has a diameter

of about 0.9◦. The trigger system of MAGIC I consists of two stages. The first stage, denoted

level 0, is a discriminator which checks if the individual pixel signal amplitude is above a

certain threshold. These discriminator thresholds (DT) are adjusted individually for each

pixel by the individual pixel rate control (IPRC). The IPRC uses one DT set for each source

depending on the background light level in the FoV of the source. Accidental triggers due

to stars in the camera FoV can be evaded by this procedure. The IPRC is always active

during the observation and thus the DT values for any given pixel vary with time and are not

constant. For all signals above the DT, a square pulse of 6 ns width is produced and further

evaluated by the level one trigger (L1). All pixels belonging to the trigger are grouped into

19 regions consisting of 36 pixels each (see Fig. 4.2). These regions are called macrocells

and all pixel signals within one macrocell can be combined by a trigger logic. To generate

a L1 trigger a number of n next neighbor (NN) pixels must be fired in coincidence in any

macrocell. Currently, the 4 NN condition is used as a trigger. The L1 triggers the start of the

readout process described in the previous section. The trigger energy threshold of MAGIC
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Figure 4.2: The 19 macrocells are forming the trigger region of the MAGIC I telescope. Not
all small pixels in the inner camera are included in the trigger. The macrocells overlap to
give a high trigger efficiency.

is about 55 GeV using the L1 trigger.

To further reduce the energy threshold by keeping the trigger rate below 1.3 kHz1, a new

trigger scheme was implemented in late 2007, the so-called sum trigger. In this trigger, all

signals of a closely packed number of 19 pixels (called a patch) is summed up and compared

to an adjustable DT. To evade triggers caused by afterpulsing of PMT’s, broken individual

pixels or bright stars in the FoV, all signals are clipped at a level of six phe charge. This

allows to keep the DT of the sum trigger low without generating huge trigger rates caused

by accidental triggers. With the sum trigger, a lower energy trigger threshold of 25GeV can

be achieved. The system is described in more detail in (Aliu et al., 2008b).

4.1.4 The calibration system of MAGIC I

The calibration system of MAGIC is schematically shown in Fig.4.3. There exist three

distinct methods to calibrate the measured Analog to Digital Converter (ADC) counts to

photons. The calibration light pulse is produced by 16 pulser boards equipped with identical

LED’s. 13 modules carry five LED’s each while one board carries only one LED and two

1This is the maximum rate the data acquisition (DAQ) can handle
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Figure 4.3: The schematic view of the MAGIC I calibration system setup.

other boards carry three LED’s each. The LED’s can emit light at three different wavelengths

(370 nm, 460 nm, 520 nm). This enables the user to check wavelength depended calibration

of each individual PMT. The calibration pulse duration is about 2–3 ns full width half

maximum (FWHM).

Three different methods can be used to find the exact amount of light emitted by the

calibration pulser box. The first is the positive intrinsic negative (PIN) diode method, where

a calibrated PIN diode is used to measure the exact amount of photons which fall onto its

entrance window. By counting the amount of photons one can easily calculate the photons

per area at the camera. The PIN diode is cross calibrated with an 241Am source, radiating

59.95 keV photons.

The second calibration method measures the light arriving at the camera plane directly by

using a so-called blind pixel. The blind pixel is operated at a higher gain and has an entrance

window (sensitive area) of exactly 1 cm2. Additionally, there is a calibrated attenuator which

reduces the light amplitude by a factor of 1000. The attenuation makes it possible to measure

single phe in the blind pixel, while the rest of the PMT’s can be operated at nominal data

taking parameters and still get enough light to produce large individual signals. Knowing

the quantum efficiency (QE) of the blind pixel and the measured number of phe, one can

easily calculate the photons per cm2 at the camera plane and thus calibrate the signals in

all pixels.

The last calibration method does not use any additional photon detector but instead uses

the deviation from the poissonian statistics in the camera pixel signals. It is called the excess
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noise factor method. The mean number of phe at the first dynode is given by:

mphe = F 2 · (Q)− P )2

σ2
Q − σ2

P

(4.1)

Here Q denotes the mean charge and σQ the standard deviation of the distribution. While

P is the pedestal and σP the electronic noise. F is defined as:

F =

√
1 + (

σG

G
)2 (4.2)

G is the gain of the PMT and σG its standard deviation. The F factor is measured by

evaluating single photon electron spectra from each individual PMT. Knowing the F factor

and measuring mphe, eq. 4.1 can be used to evaluate the mean charge.

4.2 MAGIC II

Figure 4.4: The MAGIC II telescope during installation of the optical fibres for the PMT
signal transmission in December 2008. The two different mirror types used in the reflector
can be identified by the black laser hole containing the AMC laser in the middle of the inner
aluminium mirrors.

Many hardware improvements have been implemented in the MAGIC II telescope as

compared to MAGIC I. Most of these changes were done to improve the sensitivity of the
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Figure 4.5: The left sketch shows the cluster arrangement in the MAGIC II camera and the
right shows the single pixel configuration. If all clusters are completely equipped with pixels,
the shape would be hexagonal. The current configuration leads to a more symmetric round
shape.

telescope and make operation, upgrades and maintenance easier. Here, I will summarize the

systems of MAGIC II, emphasizing the new camera design to which I contributed the control

program and several tests of hardware components.

The basic structure was slightly modified to make the frame supporting the reflector

stiffer. The first test showed a better tracking compared to the first telescope. In addition,

the reflector (Bastieri et al., 2007) consists out of 240 1 m2 quadratic mirrors each mounted

on one moveable panel steered by the AMC. Two types of mirrors are used; while the inner

reflector is composed out of aluminium milled mirrors with a honeycomb support structure

like in MAGIC I, the outer mirrors are made of glass. The aluminium mirrors have a hole

drilled in the middle to support the AMC laser needed to track the panel position. In the

case of the glass mirrors, the lasers are mounted at the corner of the mirror. The optical

performance of the mirrors should give a total PSF similar to the one of MAGIC I (∼ 10–

13 mm).

4.2.1 The camera of MAGIC II

A new camera has been designed for MAGIC II which is very different from the one in

MAGIC I (see Fig 4.5). The only similar parameter is the FoV of 3.5◦. The camera has a

round shape and consists of 1039 PMT pixels of 25.4 mm diameter (the same as the small

pixels in MAGIC I). The PMT’s are Hamamatsu R1408 which provide a high peak QE of
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Figure 4.6: The Pixel design for MAGIC II. The PMT and the HV generator are manufac-
tured at Hamamatsu and the Amplifier (AMP) and VCSEL are produced at the Max Planck
Institute in Munich.

∼ 32%. This should lead to an enhancement of the sensitivity over MAGIC I. Each pixel in

MAGIC II consists of a hexagonal WC on top of the PMT, followed by the HV converter,

the amplifier and the VCSEL. The assembly of a pixel is shown in Fig. 4.6. The camera was

modular designed in the sense that seven pixels form together a so-called cluster. Clusters at

the border of the camera may have less than seven pixels. In total 169 clusters are installed

in the camera while six clusters are currently not equipped with any pixels.

Each cluster provides the slow control of all seven pixels and, in case of a failure, the

complete cluster can be replaced by a spare one. This provides the advantage that normal

operators can exchange the large and easy to handle clusters. Due to this simple exchange

principle, the lost observation time during the repair should be minimal. Another advantage

of this modular design is that clusters with other light sensors like the hybrid photo diodes

(HPD) can be easily mounted in the camera without the need to change geometry or cables.

The steering and monitoring of the parameters of each of the seven pixels is done in

one cluster. Each cluster possesses a Slow Control Cluster Processor (SCCP) which controls

the readout and setting of all parameters of the seven pixels. Parameters which can be

controlled are: HV setting, HV reading, VCSEL bias current setting, photo diode current

reading, VCSEL temperature reading and the attenuation setting of the pixel pulse injector.

In addition, each cluster can give information about the two chip temperatures of the ADC’s

and Digital to Analog Converters (DAC) on the SCCP. Each pixel possesses its own HV

converter, VCSEL and pulse injector. The pulse injector is a new feature in the MAGIC II

pixels. It can be used to inject charge pulses in the VCSEL without having HV present. This

is an advantage since it makes tests of the read out chain during daylight possible without

the waste of precious observation time.

Another feature of the camera is an improved cooling system. Since more pixels are
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Figure 4.7: The front cooling plate with two out of 169 clusters installed. The second cooling
plate can be seen trough the holes of the front plate. The clusters have direct contact with
the cooling plate through the rear plate behind the pixels and the SCCP and cable housing.

inside the MAGIC II camera a powerful cooling system had to be installed. To avoid space

problems in the camera housing, the two cooling plates used to reduce the heat serve, in

addition, as a support structure for the clusters. In Fig. 4.7 the front plate can be seen with

some installed clusters. The cooling system keeps the camera at a stable temperature of

27◦ C during operation2. The total power consumption of the camera is ∼ 1 kW.

The camera is controlled via two versa module eurocards (VME) crates placed at the

bottom and the top of the cooling plates inside the camera. Each VME crate has one

interface card and four mainboards. Every mainboard has 22 connectors to which the clusters

are connected and each VME crate is controlled by one peripheral component interconnect

(PCI) card placed in a computer in the electronics room of the counting house (see Fig. 4.8).

The VME interface cards in the camera and the PCI cards used are the SIS3100/1100 systems

manufactured by the company Struk Innovative Systeme.

In addition, there are three SCCP’s installed in the camera to control the power of the

low voltage power supplies, for steering the lids and the star guider target of the camera,

reading the humidity at four and the temperature at six different positions in the camera.

They also control the intensity of the AMC LED’s and the Starguider LED’s. These SCCP’s

do not control any pixels and are connected to one of the mainboards of the VME crates.

2measured during commissioning in December 2008
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GUI
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Figure 4.8: The communication schema of the camera. There are two PCI cards in the photo
counting (PC), one for each VME crate in the camera. The Interface cards in the VME crate
are SIS3100 and the PCI cards are SIS1100 manufactured by Struk Innovative Systeme.

They are steered by the same program as the cluster SCCP’s.

4.2.2 The camera control program of MAGIC II

The control program of the camera (caco) is written in LabView and gives the user full

control over all parameters of the camera. The main features are lid control, temperature

and humidity monitoring, monitoring and controlling of the pixel and cluster settings, reading

of environmental conditions and error handling. Since the communication and the hardware

of MAGIC II are different from those used in MAGIC I, I wrote a completely new camera

control program. One of the challenges was to make the control fast enough to be able to

read out all parameters, especially the direct currents (DC), with a high enough rate to react

fast enough to dangerous conditions, thereby preventing damage to the pixels or the clusters.

The other challenge was to make the program flexible enough to react to special needs during

the commissioning of the telescope. The program has a lot of different processes which run

in parallel. These processes are:

• The graphical user interface (GUI)

• Menu control (user control)

• Graphical display of all parameters
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• Reading routine for all pixel and cluster parameters

• Report generation for central control

• Communication with the central control program

• Control routine of processes communicating with the camera

• Control routine for pixel and cluster parameters

• Control routine for camera operation parameters

• Control of weather conditions

• Subsystem status check routine

• Hot pixel control routine

• Internal logbook of all parameters and errors

• Error handling

Many of these tasks interact with each other and a schematic overview of the program is

given in Fig. 4.9. The central variables in Fig. 4.9 are the information storage of the

camera control program. They store all vital information about the camera status, like

the individual pixel HV, VCSEL temperature, VCSEL bias current, DC, attenuator setting,

SCCP chip temperature, AMC Led intensity, star guider LED intensity, temperatures and

humidities for the camera and low voltage power supply boxes. As can be seen from Fig. 4.9,

almost all tasks either collect information and write it to the central variables or they take

information from the central variables and use it, i.e. for displaying a camera parameter to

the user or in order to check if the parameter is within the operation limits.

The general communication between the camera SCCP’s and the caco program works as

follows. A command is sent to the SCCP and the SCCP executes it, then an answer is sent

to the caco program by the SCCP. The SCCP can only execute one command at a time

therefore the caco program has to wait for the answer until it can send a new command to

the SCCP. To avoid command and answer confusion when communicating with the SCCP,

the caco comm control routine (see Fig. 4.9) stops all read processes which would excess

the same SCCP(s) until the answer of the SCCP has arrived. To illustrate this the setting

of the HV of all pixels is described. First the read loop cluster parameters is stopped

by the comm control routine, not to interfere with the HV setting process. Then, in

parallel, all first pixels in each SCCP are set to their HV values. As soon as the answer
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read loop cluster parameters
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DC
Temp VCSEL
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Figure 4.9: The basic working principle of the caco of MAGIC II. The arrows indicate the
transfer direction of information between the individual routines. The comm control routine
is the only routine which executes the setting of any parameter in the camera and thus
assures that there is no conflict between the different processes.
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that the command is executed by all SCCP’s has arrived, the next pixel HV value is set in

all SCCP’s. This process is iterated until all pixels in all clusters are set. Afterwards the

comm control routine starts the read loop cluster parameters. All interactions with

the camera’s SCCP are only possible via the comm control routine in order to guarantee

that no conflict between processes accessing the camera parameters can occur.

Another very important part of the caco program are the security routines. These routines

check the various camera and pixel parameters such as the DC, the VCSEL temperatures,

the camera temperature and humidity, and the weather conditions. The parameters are then

compared to the user provided security limits and appropriate actions taken, which are then

communicated via the comm control routine to the camera and reported by an alert in the

GUI to the user. Often more than one security interval of individual parameters are defined

to be able to react according to the severity of the problem.

The caco program can either be used manually by a user or can be controlled by the

central control program (Zanin et al., 2009) which runs in normal operation mode on both

MAGIC telescopes.

4.2.3 The read out system of MAGIC II

The read out system is a 2 GHz ring sampler called Domino II. While the principle is different

from the MUX, the system should provide the same time resolution at a lower cost per

channel compared to the MUX system of MAGIC I. This is important since MAGIC II has

473 channels more than MAGIC I. An additional advantage is the lower power consumption

which results in less heat. The system is currently in the commissioning stage and the first

shower events were sampled and read out by the data acquisition (DAQ) in December 2008.

The full system was installed in January 2009 and will be commissioned until autumn 2009.

More information about the read out of MAGIC II can be found in Tescaro et al. (2009).

4.2.4 The trigger system of MAGIC II

The trigger system of MAGIC II is a slightly modified version of the MAGIC I trigger. Again,

a 4 NN coincidence in any macrocell will yield a trigger by the L1 system. One change is the

distribution of the macrocells which was necessary to increase the trigger area in the camera

of MAGIC II (see Fig. 4.5). The increase of the trigger area by a factor of ∼ 2 will increase

the effective area in which showers can trigger the telescope and thus should yield a higher

sensitivity compared to MAGIC I. An improvement in sensitivity compared to MAGIC I is

possible, especially in the case of wobble mode observations where the source is tracked off

axis from the camera center and for extended sources.
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4.2.5 The calibration system of MAGIC II

In MAGIC II the calibration will be performed by the F-factor method and thus there is

neither a PIN diode nor a blind pixel. The calibration light will be emitted by a phase

locked Nd-YAG laser operated at the third harmonic (λ = 355 nm) and producing pulses

of 700 ps FWHM duration. The intensity can be regulated by two consecutively mounted

filter wheels which have four identical filters each. Due to the 16 combination of the filters,

a wide range of intensities from 1–1000 phe in each pixel can be covered: This enables the

precise monitoring of the linearity of the complete signal chain. To guarantee a homogenous

illumination of the camera, an integrating sphere (Ulbricht sphere) is used to diffuse the laser

light before sending it to the camera of the telescope. In the future there is a plan to upgrade

the MAGIC I calibration system to that of MAGIC II.
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Chapter 5

The data analysis

In this chapter, I shall describe the methods and procedures I used for the analysis of the

MAGIC telescope data in detail. This will provide the reader with a solid knowledge about

the analysis steps performed for this thesis. The chapter is organized as follows: First the

MAGIC analysis is described, then the systematic uncertainties of the measured quantities

are discussed followed by the explanation of the X-ray analysis carried out in this thesis and

finally a description is given of the test for periodic structures in unevenly sampled data sets,

as applied to the data investigated in this thesis.

5.1 The MAGIC data analysis

The analysis of IACT data relies mostly on MC simulations which describe the shower

development, together with its Cherenkov light production and the detector response. Since

it is not possible to calibrate the atmosphere (used by the IACT as the calorimeter), we have

larger systematic uncertainties than the high energy physics experiments in accelerators.

Nevertheless, we are able to monitor the performance of our telescope and can determine

the effect of these uncertainties. Thus IACT measurements can provide meaningful input to

the theoretical predictions - and even test for time structures like periodicity from long term

data monitoring, as shown in this thesis.

Since a lot of technical terms related to the IACT analysis will be used in this chapter,

some definitions are given here. In general, each trigger of the telescope generates an event,

this event consisting first of a camera image which is then processed by various tasks to

obtain the primary particle parameters which are then further analyzed to obtain, at the

end, the high level products. By “high level products” I understand physical quantities of

the gamma-ray source, such as the temporal sampled integral gamma-ray fluxes (light curve

or LC), the differential energy spectrum (spectrum) of the gamma-ray emission and the

73
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reconstructed positions of the source in the sky (skymaps). These high level products are

the results of the analysis that are interesting for the physics interpretation. The scheme in

Fig. 5.1 will help to understand the various names and steps used to obtain these high level

products. In this scheme, the various steps of the low level data analysis are shown and the

corresponding names of the products obtained by following the steps.

5.1.1 From FADC counts to shower image parameters

After recording the raw data by the DAQ system, the data has to be calibrated. To extract

the signal pulses from the recorded FADC time slices, three different extraction methods

can be used: Namely the digital filter, the sliding window, and the spline method. These

methods show slightly different performances depending on the data and the requirements

such as speed and precision of timing information of the analysis. Every extraction method is

useful and the preferred method was changed more than once in the time the data presented in

this thesis was taken. A comparison of the different extraction method performances is given

in Albert et al. (2008a) showing that the major difference among them is the robustness of

the methods depending on the stability of the telescope operating parameters - for example,

if the time delays of the signals from the individual pixels are precisely adjusted so that the

whole signal pulses are in the FADC time slices for all pixels.

After the signal extraction, the calibration is performed by evaluating the conversion

factor between the FADC counts and photoelectrons (phe) using the calibration constants

for each individual pixel. To obtain the calibration constants, a calibration run is carried

out before each source observation and interleaf calibration events are taken with a rate of

25 Hz to monitor any changes during data-taking. The details of the calibration routine can

be found in Gaug (2006).

The calibrated data still consists of the full information (all pixels) which is present in

the camera. To obtain an image of only the shower, a procedure called “image cleaning”

is performed. The name can be taken literally because all pixels which do not belong to

the shower image are set to zero. The pixels belonging to the shower are identified by two

different procedures depending whether the data was sampled by the 300 MHz FADC’s or

by the MUX (for the definition see section 4.1.2). In the former case, the arrival time of the

pixel signal is ignored and only its charge in phe is taken into account. Each pixel containing

more than 10 phe is called a core pixel and thought to belong to the shower image. In

addition, each pixel which has at least 5 phe and a border to at least one core pixel is called

a boundary pixel and taken to be a shower pixel as well. This image cleaning is called a

10/5 image cleaning because of the values chosen for the core/boundary pixel thresholds.
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Shower image
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Camera image

Energy Arrival direction

Event

Particle type
probability Arrival time

Image cleaning

Classi�cation

Signal extraction

Image analysis

Figure 5.1: The numerous steps from the raw data to the primary particle parameters are
shown. The blue boxes represent the names of the products obtained by the processes
represented by the green boxes. The processes are explained in the next sections and the
names of the products will be used frequently. The primary particle parameters are used for
the signal selection and to generate the high level products.
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Figure 5.2: The principle data processing pipeline in a schematic view. After data acquisition,
the sub-system information like the pyrometer, starguider and weatherstation data is merged
into the raw data. Afterwards, the signal is extracted from the FADC time slices and then
calibrated. Finally, the image is cleaned and image parameters are calculated.

The advantage of the 10/5 image cleaning is that it is more robust during slightly different

background light conditions compared to the 7/5 which had been used for some time. In

this thesis, all data analyzed from the era of the 300 MHz FADC’s was processed with the

10/5 image cleaning.

For data recorded by the MUX, the arrival time of the individual pixels and their location

in the camera is used to find an additional criteria for discriminating between pixels belonging

to the shower image and pixels containing only high fluctuations of background light from

the night sky. The high time resolution of the MUX read-out enables the exploitation of the

fact that the shower information arrives in a short time interval, while the background light

is uniformly distributed in time. This type of cleaning is called “time image cleaning” and

works as follows: First, the same image cleaning technique used on the 300 MHz FADC’s

is performed with lower thresholds of 6/3 which lead to more pixels surviving the cleaning

compared to the 10/5 non-time cleaning; then the mean of all arrival times of the core pixels

(called the “shower core arrival time”) is calculated; the arrival time of each individual pixel

is defined as the time of the rising edge of the pulse at 50% of the maximum intensity;

each pixel signal’s arrival time should only deviate by a maximum of 4.5 ns from the shower

core arrival time; furthermore, the time difference in the arrival times between adjacent

pixels should not exceed 1.5 ns. Consequently, the pixels not displaying the expected time

characteristic of the shower information are removed and, thus, less pixels survive the time

image cleaning compared to the simple 6/3 non-time image cleaning. But more information

about the shower can be saved with the 6/3 time image cleaning as compared to the 10/5

non-time cleaning. This leads to a more precise shower parameter reconstruction, especially
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for lower energetic air shower images - as can be seen in Fig. 5.3. A detailed comparison

between the different image cleaning techniques can be found in Aliu et al. (2009a).

After the image cleaning, the shower parameters (known as Hillas parameters (Hillas,

1985)) width (W ), length (L), distance (D), alpha (α) and size (S) are calculated, along

with some additional parameters characterizing the charge distribution in the image. These

additional parameters are denoted as density (ρ), third moment (M3), concentration (pconc)

and the additional timing parameters - time gradient (tgrad) and time RMS (trms) which

characterize the time evolution of the shower1.

The Hillas parameters are a special representation of the second moments. The matrix of

the second moments is simply diagonalized by rotating the image by an angle θ which is then

chosen to result in zero entries for off-diagonal elements.

The moments of the image are given by:

x =

∑
i qi · xi∑
i qi

(5.1)

y =

∑
i qi · yi∑
qi

(5.2)

x2 =

∑
i qi · x2

i∑
qi

(5.3)

y2 =

∑
i qi · y2

i∑
i qi

(5.4)

xy =

∑
i qi · xi · yi∑

i qi
(5.5)

In these equations, the sum runs over all the individual pixels and qi, xi, yi denote the charge

and the center position of pixel i. The first moments are simply the center of gravity (COG)

of the image. The second moments are correlated and the correlation is given by the following

equations:

σ2
x = (x− x)2 = x2 − x2 (5.6)

σ2
y = (y − y)2 = y2 − y2 (5.7)

σxy = (x− x)(y − y) = xy − x · y (5.8)

With these equations, the 2-dimensional correlation matrix2 can be written as:

Ccor =

(
σ2
x σxy

σxy σ2
y

)
(5.9)

1The time parameters are only used with the MUX read-out and not with the 300 MHz FADC’s data
2This matrix is called covariance matrix too
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Figure 5.3: Illustration of the improvement of the shower parameter reconstruction using the
time image cleaning compared to standard non-time image cleaning and a lower threshold
non-time image cleaning. The shower image is taken from a MC simulation of a gamma-ray of
E = 71 GeV and an impact parameter of 111 m. The magenta point marks the source of the
gamma-rays, the ellipse shows the Hillas parameters and the red line shows the reconstructed
shower arrival direction. The time cleaning shown in the lowermost panel reconstructs the
arrival direction correctly because of the use of all the shower information. The 10/5 non
time cleaning loses information and thus the reconstruction is much less accurate. Lowering
the non-time image cleaning thresholds can lead to pollution by background noise to the
shower image which can result in completely wrong image parameters. The figure is taken
from Aliu et al. (2009a).
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The correlation matrix describes the shower in the camera frame. By demanding σxy = 0, it

is diagonalized and this leads to a relation between the rotating angle θ and the correlation

parameters in the following way:

tan(2θ) = 2
σxy√
σ2
x − σ2

y

(5.10)

To give a short formula, the following shortcuts are used:

d = σ2
y − σ2

x (5.11)

z =
√
d2 + 4 · σxy (5.12)

u = 1 +
d

z
(5.13)

v = 2− u (5.14)

The following formulas are used to calculate the Hillas parameters from the variances.

L =

√
σ2
x + σ2

y + z

2
(5.15)

W =

√
σ2
x + σ2

y − z
2

(5.16)

D =
√
x2 + y2 (5.17)

a =

√
1

2
(u · x2 + v · y2)− 2σxy · x · y

z
(5.18)

α = arcsin
( a
D

)
(5.19)

ρ =

∑
i qi

πW × L
(5.20)

The concentration pconc is the charge in the two highest charged pixels divided by the total

charge of the shower image and the third moment (M3) is the deviation of the COG of the

shower charge distribution on its main axis compared to the geometrical mean. The geomet-

rical interpretation for the most important parameters is schematically shown in Fig. 5.4.

The tgrad measures how fast the arrival times change on the major axis of the shower im-

age. The parameter is obtained as follows: all shower image pixel coordinates are projected

onto the major axis and then the arrival times of these points are fitted by a straight line

t = m × x + b and tgrad = m. The trms is the root mean square of the arrival times of all

shower image pixels left after the image cleaning.

The shower image is well characterized by all these parameters and all the other informa-

tion is no longer used in the analysis. The next steps in the analysis are the identification of
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Figure 5.4: Here, the Hillas parameters are shown schematically. The cyan ellipse illustrates
the Hillas ellipse with the major axis as the parameter L and the minor axis as W . The
angular distance from the showers COG to the center of the camera is the parameter D and
α is the angle between the L-axis and the D-axis.

the gamma-ray induced shower images, the reconstruction of their energy and their arrival

direction. These particle parameters are the basis to produce high level products like spectra,

skymaps, light curves and to obtain the detection significance.

5.1.2 The shower image parameters and their correlation

The shower image parameters defined in the previous section are the basis for the evaluation

of the shower parameters. For example, the shower image parameters are used to identify

gamma-ray induced shower images and for the energy reconstruction of these showers. The

prime energy estimator is the parameter S but using only S would not result in the best

energy resolution because S is correlated with the D parameter and, since D is so strongly

correlated with the impact parameter of the shower (if it is a gamma-ray event), it has an

influence on the amount of light hitting the camera from the Cherenkov light pool. Another

vital parameter is the zenith angle of the observations. The zenith angle is the angle between

zenith-axis and the pointing direction axis of the telescope. The higher the zenith angle of any

observation is, the closer to the horizon points the telescope. This causes the Cherenkov light

to transverse more atmosphere compared to lower zenith angle observations. This implies

that the Cherenkov light suffers stronger absorption and scattering compared to small zenith
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angle observations. In addition the Cherenkov light pool spreads out over a larger are at

the reflector plane of the telescope. All this lead to zenith angle dependent shower image

parameter distributions. In the analysis only shower images in a zenith angle range where

the deviation in the image parameters is small are analyzed with the same process. Later

the individual data sets are combined to obtain the high level product.

The most important correlations of the image parameters are shown in Fig. 5.5 and

Fig. 5.6.

These correlations are very important since they play a major role during gamma/hadron

separation and energy estimation. Since the shower image parameters will be used to classify

gamma-ray induced events, it is interesting to investigate the image parameter distribution

for gamma-ray and hadron induced events. This is done in Fig. 5.5, which shows that there

is not a small range in each image parameter which defines a gamma-ray induced event but

rather a broad region. This region in each parameter can be reduced if the parameter is ana-

lyzed in a bin of the other parameters, thus yielding a better separation between the shower

types. This leads to complicated cuts in the individual shower image parameters to perform

the gamma/hadron separation but this can be effectively achieved using multidimensional

classification tools like the Random Forest method, as described in the following section.

5.1.3 Gamma/hadron separation

Gamma/hadron separation is very important since the rate of cosmic rays is much higher

in the VHE domain than in the gamma-ray flux of the strongest steady source. The first

discrimination between both particle events is performed at the hardware level, the trigger

is optimized for accepting gamma-rays and, due to the difference of the hadronic induced

cascades, the trigger is less efficient for this type of shower. The average rate after image

cleaning at zenith angles below 30◦ is around 110 Hz, while the average gamma-ray rate of

the Crab Nebula is about 0.1 Hz. This means that a further suppression by a factor of 1000

is needed to make significant detections.

To achieve such a good background suppression, the image parameters and time param-

eters of the shower image are exploited with a Random Forest (RF) method (see Albert

et al. 2008b and references therein). The RF method is a multidimensional classification tool

which uses the image parameters to define a parameter called “hadronness”, denoting the

probability that an event is produced by a hadronic induced cascade.

The procedure works as follows. First, the RF must be created and this process is called

the “training”. In the training, a decision map is generated which is later used to calculate

the hadronness for each individual event. The decision map is called a “tree” because it is
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Figure 5.5: The upper panel displays the parameter W vs log(S) for simulated MC gamma-
ray events. The black points show the mean W of the MC gamma-ray events while the
red points show the mean W for real data (mainly protons) taken under the same zenith
angle range as the gamma-rays. The distance between the means of the two distributions
indicates the separation power. The complete overlap below S = 100 phe shows that there
is no separation possible with this parameter. The lower panel shows the same distributions
for the parameter L vs. log(S).
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Figure 5.6: The upper panel displays the parameter W vs D for simulated MC gamma-ray
events. The black points show the mean W of the MC gamma-ray events while the red
points show the mean W , together with the spread of the distribution for real data (mainly
protons) taken under the same zenith angle range. The lower plot shows the same for L.
The distance between the means of the two distributions indicates the separation power.
The hadron events do not show a correlation between W or L and D in contrast to the
gamma-ray events. The rise of W and L for D > 1.2◦ is due to the finite camera size and the
trigger area which fills only the inner camera (∅ ∼ 1◦). Only very high energetic showers
can trigger the system and have a COG at the border of the camera.
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based on a tree’s structure. For the training procedure, a set of gamma-ray shower images

and hadronic background events is needed. The set of gamma-ray events is obtained from

an MC simulation (for details, see section 5.1.9 about MC) and, for the hadron event, real

data (from the sample to be analyzed) are taken. The real data contain almost only proton

events and possibly a small contamination of gamma-ray events which do not affect the

training procedure, as shown in Albert et al. (2008b). To guarantee an artifact-free training,

the hadron sample for training is selected as a subsample from the real data, so that the

same total charge (S) distribution and zenith angle range of the shower images are given

for the MC gamma-ray and the hadron event samples. This is required to avoid S being

used as a cut parameter which would result in comparing shower image parameters of events

with different energies. If the S distribution is the same for hadron and gamma-ray induced

events, then S is effectively used as a binning parameter. The same procedure is applied for

the zenith angle in the recent analysis software. The final sample of gamma-ray and proton

events are called “training samples”.

In the training procedure, a set of image and timing parameters is given by the analyzer,

together with the training samples. All events of both training samples start in the same

starting node. Then, three of the event parameters are drawn randomly and among them

the best parameter for separation of both particle types is chosen. This selection of the

parameter and its split-up value is determined by the minimization of the Gini-index (Gini,

1921). The Gini-index QGini can be expressed in terms of the node class population Nγ and

NH , as well as the total node population N .

QGini = 4 · Nγ

N
· NH

N
= 4 · Nγ · (N −Nγ)

N2
∈ [0, 1] (5.21)

By minimizing equation (5.21), the variance of the population of gamma and hadron induced

events in the node is minimized, yielding a purification of the type of events in the node.

This is called the “split-up procedure” because it calculates the split-up value and all events

of the training samples will either go to the left node or right node, depending on whether

their split-up parameter value is higher or smaller compared to the previously determined

split-up value. In each node, the split-up procedure takes place again and this process is

iterated until one of the following criteria is fulfilled: If the maximum number of allowed

split-ups by the user has occurred; or if the minimum number of events in one node has been

reached. The split-up procedure then stops in this node which becomes a termination node.

A schematic view of the procedure of the RF is shown in Fig. 5.7. Typically 100 trees are

grown in each RF and each event is classified by each tree. Consequently, the event ends in

100 different termination nodes (in each tree in one node) and has 100 different hadronness
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Figure 5.7: The working principle of the random forest is illustrated. The shower image
parameters are given as a vector (v) to the RF which select one parameter (vi) and compares
its value to the cut value in this image parameter. Depending on this comparison the event
descends to the next left or right node. The blue nodes are termination nodes where the
split-up has stopped due to the abortion criteria.

values assigned to it from which the average is calculated. This average is called hadronness

(the prefix “averaged” is usually omitted) and is the main parameter used for separation.

To check that the RF produces a good separation between hadron and gamma-ray induced

events, a test sample of background and MC gamma-ray events is processed by the RF and

the mean hadronness, along with the spread of the hadronness distribution, is plotted for

both event types versus the S parameter. This plot directly shows in which S regime the

separation is powerful. An example for low zenith angle observation is shown in Fig. 5.8.

The separation power between gamma-ray and hadron induced events of MAGIC is clearly

a function of energy of the event and determines the analysis energy threshold which is, except

for pulsar observations,3 much higher compared to the trigger threshold.

To perform a good gamma/hadron separation, some working procedures are followed in

the analysis presented in this thesis. First, the image parameters fed into the RF should

show some potential for the gamma hadron separation and should be well defined during the

observation period in which they are used. This means that, during all nights analyzed, the

parameter distributions must be the same for the recorded data. Only then is it guaranteed

to make a correct classification of the event type. Second, the number of trees should be

sufficiently large, which is achieved if the spread of the hadronness between different trees

is no longer changed by adding additional trees. Third, the node size at which any node

becomes a termination node should be chosen to get a good separation and simultaneously

3In pulsar analysis, the folding with the period of the pulsar provides a very powerful separation method
and no hadronness cut is needed
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Figure 5.8: The hadronness mean value and spread of the distribution for hadrons (red, and
colored distribution in b) ) and simulated gamma-ray (black, and colored distribution in a)
) induced events is plotted against the parameter S which is strongly correlated with the
energy of the event. Powerful separation is possible wherever the spreads of both event types
do not overlap.

avoiding further split-ups which will not improve the gamma/hadron separation. Fourth,

the zenith angle range of the events should not be too large, since the image parameters

start to vary rapidly with increasing zenith angle (ϑ) i.e. if ϑ > 40◦. If the observation data

stretches over large zenith angle ranges, then different RF’s are trained in smaller sub-zenith

angle ranges to make the classification scheme more efficient. In this thesis, for four different

zenith angle ranges ([0◦, 32◦],[32◦, 44◦],[44◦, 50◦] and [50◦, 55◦]), individual RF’s are trained.

Most of the image parameter distributions are different for gamma-ray induced events

compared to the hadronic ones. The difference is shown in Fig. 5.9 and partly in Fig. 5.5 to

show in which energy regime the parameter is useful to separate between both particle shower

images. Furthermore, the image parameters depend on the telescope operation parameters

like the PSF of the reflector or the stability of the calibration and time adjustment in the

trigger delays. While all these parameters are monitored and checked, the PSF can vary and

there exists for each PSF value a dedicated MC sample which is used for the corresponding

time period. The change in PSF is caused by the light weight and thus less rigid frame of

MAGIC.

The sensitivity of the analysis can, of course, change if the PSF changes. The main

reason for this is the dependency of the energy estimation on the various image parameters.

The image parameters get more diluted if the PSF is too large, making the image param-

eters insensitive to the details of the shower and thus worsening the energy estimation and
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Figure 5.9: The individual Hillas parameters used as input to the RF. The blue points
represent the MC simulated gamma-ray event distributions and the red solid area shows the
real data (almost only protons) distribution. The full separation potential is only used if the
parameters are exploited by multidimensional classification processes like the RF.
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the background rejection power. For this reason, the key performance parameters of the

telescope, such as the energy resolution, are given for each analysis in this thesis.

5.1.4 The energy estimation

The energy estimation is also carried out by applying the RF method. In this thesis, the

regression method was used in the RF to estimate the energy (Albert et al., 2008b). The

image parameters of a training sample of MC generated gamma-ray- induced events are used

to train the RF. The image parameters selected are: S, W , L, D,ρ, pconc, trms, tgrad, ϑ and

NL1. Here NL1 is the ratio of the charge in the outermost pixel ring of the camera to S and

called leakage1. The source dependent parameters are only used if the analysis is done with

respect to a source position.

Depending on the telescope performance parameters, the energy resolution and any pos-

sible bias are the vital parameters for the high level products. The energy resolution and the

energy bias as a function of the true energy is shown in Fig. 5.10.

The zenith angles of the different analyses range from 6◦–32◦ and 32◦–44◦. The energy

resolution is very good (∆E ∼ 20%) for a single telescope. Another important parameter

is the bias of the energy estimation. As can be seen from Fig. 5.10, the bias changes with

energy and can even shift from overestimation at lower energies to underestimation at higher

energies. The bias is larger for lower energy and positive, which reflects that lower energetic

showers are more likely to be overestimated in their energy. The reason for this is that

only showers can trigger the telescope if they have an upward fluctuation in the recorded

shower image charge S. Such showers are then taken as higher energetic showers. Since

the sensitivity of the telescope is smaller at lower energies, most of these showers cannot

be separated from the background events and so do not contribute to the signal. On the

other hand, high energetic showers (E > 6 TeV) do not have shower images fully contained

in the camera which leads to a worsening of the energy resolution at higher energies and

can cause an increased negative bias due to the lack of a fully reconstructed charge of the

shower image. A great improvement is seen if the timing information is used for the shower

parameter reconstruction (compare black triangles with the other curves in Fig. 5.10).

The energy bias and the resolution is corrected in the spectrum by the unfolding proce-

dure. The unfolding procedure works like this: A sample of MC gamma-ray events (denoted

test sample and independent from the training sample) is processed by the RF and the same

signal selection cuts as for the analyzed data are performed on the test sample. Then, the

test sample is plotted in a binned Etrue–Eest plane, where the binning is not necessarily the

same in Etrue and in Eest. This migration matrix can be used to evaluate how many events



5.1. THE MAGIC DATA ANALYSIS 89

 [GeV]truelog10(E
2 2.2 2.4 2.6 2.8 3 3.2 3.4 3.6 3.8

)
tr

ue
)/

E
tr

ue
-E

es
t

 ((
E

σ

0.1

0.15

0.2

0.25

0.3

0.35

0.4

 [GeV]
2 2.2 2.4 2.6 2.8 3 3.2 3.4 3.6 3.8

>
tr

ue
)/

E
tr

ue
-E

es
t

 <
(E

-0.2

-0.1

0

0.1

0.2

0.3

0.4

0.5

)

truelog10(E )

Figure 5.10: The upper panel shows the energy resolution as obtained from a gaussian fit as a
function of energy. The different symbols represent the different MC simulations of gamma-
ray events used for analyzing the data in this thesis. The red squares are the 2005 to early
2006 MC in ON/OFF mode. The dark red upside down triangles are the late 2006 MC with
improved PSF and the splitters installed for the MUX but recorded with the 300 MHz FADC.
The black upright triangles are the MC with time parameters used from September 2007 to
January 2008. All these are produced for zenith angles of 32◦–44◦. The hollow points and
squares are for ϑ < 30◦ where the hollow squares are the MC used for 2007 with MUX but
without source position dependent parameters and the hollow points are used for the 2008
data with source dependent parameters and time information.
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in bin i of Etrue (Si) will end up in bin j of Eest (Yj). The unfolding can be written in matrix

notation as:

Y = M · S (5.22)

where S is the real distribution and Y the measured one. The aim of the unfolding method

is to obtain S by inverting equation (5.22). Since M is in general not of type n × n, the

solution for S can be found in general by minimizing the least square expression

χ2
0 = (Y −M · S)T ·K−1 · (Y −M · S) (5.23)

The general solution to equation (5.23) can have large errors which are caused by the method

(see Albert et al. 2007d and references therein). Another option is to use an unfolding with

regularization.

χ2 =
w

2
· χ2

0 +Reg(S) (5.24)

Here, w is the regularization parameter, steering the strength of the regularization and

Reg(S) is the regularization term. There are different methods, using different Reg(S)

terms and three of them are applied in this thesis to all unfolded spectra and the results are

compared. The methods are denoted Schmelling (Schmelling, 1994), Tikhonov (Tikhonov

and Arsenin, 1979) and Bertero (Bertero, 1989) methods. More information about the

details of the unfolding methods and the implementation in the MAGIC analysis software

can be found in Albert et al. (2007d).

5.1.5 Arrival direction estimation

The arrival direction of the shower is also deduced from the shower image parameters. This

method is called the “disp-method”. The parameter disp (ψ) is defined as:

ψ = a(S) + b(S) · W

L+ η(S) ·NL2

(5.25)

Here, a and b are second order polynomial functions of log(S) and NL2 is a measure of

the leakage of the shower image, defined as the ratio of the charge in the two outermost

pixel rings of the shower image to S. The disp method uses the elongation information of

the shower image to determine the source position which is assumed to lie on the major

shower axis (L-axis) at a certain distance from the COG of the shower. The eccentricity of

the image parameter ellipse is correlated to the distance of the COG (of the shower image)

from the source position. This method was developed by the Whipple collaboration (Fomin

et al., 1994) and used in the HEGRA experiment. The parametrization given above leads to

improved results for the MAGIC analysis compared to the original one (Domingo Santamaria,
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Figure 5.11: Schematic view of the MAGIC I camera. The shower image is shown as the
blue ellipse and the shower core is shown as a darker blue ellipse inside the shower image.
The disp method leads to the possible pointing positions A and B. A is the correct pointing
position since the shower core lies within the shower image in the direction of A. The true
source position is indicated as well and the angular separation θ which is used as a signal
selector (see section 5.1.7).

2006). As can be seen from Fig. 5.11, the reconstructed pointing position should be in the

direction to which the COG of the shower core is displaced compared to the geometrical

mean. With the disp method, an origin of each primary particle is calculated and related to

a position in the sky. From this information, a so-called “skymap” can be derived. A skymap

is a map around a potential source position in the sky. This map is a 2D-graph where x

and y coordinates are the celestial coordinates (either right ascension (RA) and declination

(DEC) or galactic longitude and latitude) and the value at this point (P (x, y)) is the number

of excess events which point to a direction with a predefined squared angular distance (θ2)

to P (x, y). The skymap can also be given with the significance or integral flux value at

each point. To avoid any possible bias, no image parameters which are related to the source

position in the camera can be used in the analysis chain from which the skymap is generated.

This is the reason why two RF’s are always trained: one with an assumed source position

using all image parameters and one without the source position dependent parameters.
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5.1.6 The observation modes

In gamma-ray astronomy by IACT’s, two observation modes are commonly used. One is the

so-called ON/OFF mode and the other is the wobble-mode (Fomin et al., 1994).

In the ON/OFF mode, the potential source is tracked at the center of the camera and

the shower image parameters of each event are calculated with respect to the camera center.

This data set is called the ON-sample or ON-data. In an additional data run, a close-by

region without any known gamma-ray source is tracked with similar observation conditions

such as zenith angle range, moon phase, star field and hardware conditions. This data set

is called the OFF-sample or OFF-data and is used as a background estimation sample for

the signal selection as described in the next section. One important requirement is that the

image parameters of the OFF-sample (without hadronness-cut) match the ON-sample image

parameter distributions. If there are strong deviations, this is most likely an indication of

different observation conditions.

The other observation mode is the wobble-mode which tracks a point offset by 0.4◦ from

the source position. To avoid systematic effects due to sensitivity differences in the camera,

this position is changed each 20 min by 0.8◦ so that the source is again 0.4◦ away from the

tracking position but 180◦ rotated with respect to the previous position. These two positions

are called W1 and W2. It is worthwhile to mention that different starfields are present in

the camera for W1 and W2 and, therefore the trigger efficiency may not necessarily be the

same for W1 and W2.

The background is estimated by calculating the shower image parameters with respect

to an OFF-source position. These positions lie on a circle with a 0.4◦ radius around the

camera center and are rotated by 90◦, 180◦ and 270◦ with respect to the source position.

Since the MAGIC telescopes are azimuthal mounted telescopes, the camera field rotates

with the Earth’s rotational speed. This leads to a rotation (along the circle) of the source

and the OFF-source positions with observation time. An illustration of the geometry and

the movement of the positions is given in Fig. 5.12.

Both data-taking modes are used in the data presented in this thesis. While the wobble-

mode has the advantage of the same observation conditions for the background data and

the source data, it exhibits slightly less sensitivity compared to the ON/OFF mode. This is

because of the limited trigger region of MAGIC I and the offset of the source position with

respect to the center of the trigger region. The lower energetic showers must have smaller

D values to trigger the telescope, so the asymmetry of the trigger area gives them a smaller

trigger probability. On the other hand, background data is taken at the same time as the

source data and thus the effective observation time of the source is higher for wobble mode
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Figure 5.12: Illustration of the wobble observation mode; the source is at the center of the
red circle and the blue circles indicate the regions of the background sample. All regions
rotate with the Earth’s rotational speed, so after 6 hours the source will be in the position of
one of the adjacent off-positions. The star marks the center of the camera which is tracked
by the telescope and this position is called a wobble position. When the wobble position is
changed, the source and antisource position swaps places.

when compared to ON/OFF mode.

5.1.7 The signal event selection

After the shower image parameters are calculated, the event is processed by the RF software

to calculate the hadronness, the energy and the disp of the event.

To get an optimized gamma/hadron separation, the hadronness cut value (to select the

gamma-rays) is chosen for bins in estimated energy. The requirement is to keep at least 80%

of the MC gamma-ray test sample events after the hadronness cut. The efficiency value is

chosen to give an optimal significance of a test Crab Nebula data sample. To avoid systematic

uncertainties due to low statistics, the efficiency is chosen to be as high as possible.

To get a good separation, a cut in S is applied so that only images with S > 300 phe are

used for the signal selection in the search for a new VHE gamma-ray source or to obtain a

light curve of the source flux. The cut is relaxed for the determination of the spectral energy

distribution because there the significance is calculated for each energy bin and the systematic

effect of the Aeff does not effect all energy bins. In addition, a cut in D < 1.2◦ is applied in

the case of ON/OFF observations and this leads to a better background suppression because

images extensively truncated4 are not analyzed.

4Such shower images will not lead to correct reconstructed shower parameters and particle type identifi-
cation
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In addition to the hadronness, another cut on the arrival direction of the event is made.

This cut depends on the observation mode and the possible source extension. For a point-

like source, which is expected for all observed sources in this thesis, two parameters can

be used: Either α which should be around 0◦ for gamma-ray events since it is the angle

between the source direction and the major shower axis (compare Fig. 5.9); or θ2 which is

the squared angular distance from the pointing direction of the shower to the source location

in the camera (see Fig. 5.11). The shower direction parameter is plotted for the events from

the source region and for a background sample after the hadronness cut is applied. The

cut in the direction parameter is chosen so that 70% of the MC test sample events survive

the cut. Each cut is optimized in an energy bin to take into account the dependency of

the shower image parameters on the primary particles’ energy. This yields much improved

results compared to cut values for the integral energy range.

The arrival direction parameter (α or θ2) is compared for the ON and OFF events which

leads to a typical plot as shown in Fig. 5.13: Such plots are used to evaluate the remaining

background and to calculate the significance of the possible signal.

The θ2 method (see Fig. 5.11) can also be applied for extended sources but no source

position dependent parameters can be used in the RF and no cut is allowed in D. This

can reduce the significance of the signal since less information is available to the RF for

classifying the particle types. On the other hand, skymaps for the complete camera FoV can

be derived from an analysis that is independent of source position since all showers are kept

independent of the position to which they are pointing. Thus one can search for sources with

unknown coordinates in the camera FoV.

The background sample is either taken from dedicated OFF-data or from shower images

which point to one of the OFF regions for wobble data (see Fig. 5.12). The OFF regions are

chosen to be less than 0.2◦ in diameter, for point-like sources they are commonly as small as

0.17◦.

To claim a discovery of a new VHE gamma-ray source, an excess with a significance of at

least 5σ is required. The significance of a signal is calculated by the equation derived by Li

and Ma (1983) (their equation 17).

S =
√

2

(
Non ln

[
1 + κ

κ

(
Non

Non +Noff

)]
+Noff ln

[
(1 + κ)

(
Noff

Non +Noff

)])1/2

(5.26)

Here, Non and Noff are the number of events in the signal region of the source sample

and the background sample. The parameter κ = ton/toff is the ratio between the effective

observation time of the source region compared to the background region: This implies that

Nbackground = κ · Noff and the number of gamma-ray candidates from the source becomes
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Figure 5.13: The ON events are shown in black points and the background sample in blue
bars for the α parameter in a) and the θ2 parameter in b). In both cases, the same Crab
Nebula data set is used and the signal region is shown by the red area and the background
normalization region by the green area. The grey areas are used to check if the background
normalization worked as expected. The number of excess events Nex is determined by
subtracting the number of background events from the ON events in the signal region. It is
worthwhile noticing that the significance in the case of the source-dependent α approach is
18.8σ while, in the case of the θ2 method, it is only 14.5σ.

Nex = Non − κ · Noff . The meaning of κ is a normalization factor of the background events

to get the correct background estimation for the observation time of the source. In the

analysis presented in this thesis, κ is not simply the ratio of the observation times but it

is corrected by a comparison of the integral events in a signal-free region of the θ2 or in an

α-plot between the ON and OFF events: This region is called the background normalization

region (see Fig. 5.13). This approach is more reliable for estimating the background since

slight fluctuations in the event rate can happen between different observation nights and,

in the case of wobble mode observations, the camera can have different acceptances in the

individual regions because of the different starfields, PMT characteristics, broken pixels and

trigger inefficiencies present. These differences are very small for S > 200 but not negligible.

In the case of wobble data, an even amount of observation time spent in both wobble

positions averages out most of these inhomogeneities. The small remaining discrepancies are

cancelled by the normalization of the integrated event number between the OFF and ON

control region.

To compare the sensitivity of different experiments or the performance of the telescope

in different time periods, the sensitivity level is defined as the minimum flux level needed to

achieve a 5σ detection within an observation time of 50 h. To evaluate the significance, a
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simplified gaussian approach is preferred to using equation (5.26).

Ω(t) =
Nex√
Nbg

·
√

t

tobs

(5.27)

Here, Nex is the number of excess events, Nbg the number of background events and tobs the

observation time. Ω gives the significance observed from this source in the time t. Often the

significance for the Crab Nebula with t = 50 h is calculated. To get the sensitivity in units

of Crab Nebula flux (often called crab units, CU), the minimum flux needed to achieve a 5

sigma detection within t = 50 h is calculate by

Fmin =
5

Ωcrab(50 h)
CU (5.28)

The Fmin in CU is an adequate measure to compare the sensitivity between different obser-

vational periods of the same instrument with the same energy threshold and this has been

the procedure adopted in this thesis.

To compare Fmin with other experiments, a source-independent determination would

be better since the spectral energy distribution shape can have a major influence on the

sensitivity, especially if the energy range in which Ω(t) is obtained is not exactly the same

for both experiments. To compare the sensitivity of two experiments, the spectral energy

distribution of the source must be taken into account. This can lead to very different results

compared to the comparisons usually made assuming a power law with the spectral index

close to that of the Crab Nebula (Γ = 2.6).

5.1.8 Angular resolution and source extension

To obtain an idea of a possible source extension a θ2 plot is produced from the data and

compared to the angular resolution determined from a MC test sample simulated for a

point-like source and processed by the same analysis chain as the data. The extension of the

source should be visible by any deviation from the expected shape obtained from the MC

test sample. The angular resolution is first determined by the MC test sample for different

energy bins by calculating the r50,psf radius. This is the θ-radius in degrees in which 50% of

the signal events of a point-like source are contained. This method is a bit different from the

standard method which takes the σ of a 2D-gaussian as the angular resolution but the r50,psf

method is more realistic because of the shape of the PSF of the MAGIC telescope.

The PSF is a composition of two different shapes which can be well described by two

2D-gaussian functions. One describes the tail of the PSF and the other the more narrow

part at the center (called the peak). The tail of the distribution originates either from the
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optical abberations of the reflector or from the shower image reconstruction mechanism or

any combination of both.

It is very challenging to fit the θ2-distribution in such a way that the result does not

rely on the starting parameters of the fit and gives reproducible and good fit results. To

achieve this, the first 2D-gaussian is fitted for 0.15 < θ2 < 0.25 and describes the tail of

the PSF, the fit parameters of this 2D-gaussian are then fixed and a second 2D-gaussian

is added to the fit function5 and fitted to the whole θ2 < 0.25 distribution. The standard

deviation of the second 2D-gaussian is the σpsf . This procedure leads to very small angular

resolution because the second 2D-gaussian describes only the very peak of the θ2-distribution

and depends strongly on the fit parameters of the tail of the PSF. As long as the same fit

properties such as the θ2-ranges of the two fits and reasonable χ2 are obtained, the results

can be used to check for deviations between the MC test sample and the source data to find

a possible source extension. If the amount of excess events from a source is not high enough

to get a solid estimate for the tail of the PSF (no excess events at higher θ2), the source

extension can be only calculated if it is much larger than the σpsf . An example of the test

for extended emission for the Crab Nebula (a very strong source) is shown in Fig. 5.14.

The angular resolution as defined in optical astronomy is the minimum separation of two

independent point sources that can be completely separated. For this definition, the r50,psf is

a much better measure than the σpsf as defined above. If significant deviations are found, a

further analysis of the emission shape can be carried out by testing more complicated shapes

compared to the two 2D-gaussian fit of the θ2 -distribution.

5.1.9 Monte Carlo simulations

The main reason why MC simulations are the vital element to analyze IACT data is that

a test beam cannot be injected into the atmosphere to get a calibration of the full system.

While most elements are extensively studied, the atmosphere and the shower development

together with the telescope performance parameters enter into the MC simulation, as well

as all their related uncertainties.

The basic code for the shower development is the CORSIKA 6.019 code (Heck et al.,

1998) for extensive air showers. With this code, the shower particles together with all their

interactions and the Cherenkov light emissions of the air shower are simulated. All photons

hitting the ground in the vicinity of the telescope are stored along with all relevant parame-

ters (such as wavelength, incoming direction and arrival time). The next step is the so-called

5The fit function consists of two 2D-gaussians where the parameters of the tail describing 2D-gaussian
are fixed.
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Figure 5.14: The θ2 plot of the Crab Nebula and the fitted source extension shape (two
2D-gaussian functions). The extension shape is determined from simulated MC gamma-ray
events. The Crab Nebula is a point-like VHE gamma-ray source for MAGIC since the shape
describes the obtained plot very well and the σpsf is compatible with the one obtained from
a point-like MC simulated gamma-ray source. The true angular resolution of the MAGIC
telescope is larger (see section 5.1.8 for more information).

reflector which takes into account the absorption and scattering of the Cherenkov photons

in the atmosphere. The assumed atmospheric model is the US standard atmosphere (Na-

tional, 1992), and the Mie-scattering is calculated using the Elterman model (Elterman,

1964). In addition, reflector is used to calculate the mapping of the Cherenkov light onto

the camera plane and contains all optical abberations and performances of the MAGIC re-

flector. The next part is called camera and contains the simulation of the PMT camera and

the complete read-out chain including the PMT signal response, the VCSEL’s, amplifiers,

optical cables, the trigger simulation and the FADC read-out. After processing the full chain

from CORSIKA to camera, the MC raw data is ready to be analyzed by the MAGIC analysis

chain as done with real raw data. All parameters of the telescope, such as gain fluctuation

distributions, noise levels of the above listed components and signal shapes, are obtained

from measurements of real data taken with MAGIC and implemented in the simulation pro-

grams.



5.1. THE MAGIC DATA ANALYSIS 99

The simulated showers are gamma-ray- induced air showers between energies of 30 GeV

and 30 TeV where the impact parameter of the showers reaches up to 400 m. The simu-

lation used in this thesis spans zenith angle ranges from 0◦–60◦ and was simulated with a

flat distribution in cos(ϑ). The ϑ-distribution is chosen to match that of the real data to be

analyzed. The processing of the data is done in different zenith angle bins if the range is too

large (i.e. 32◦ < ϑ < 55◦ is split in three analysis bins 32◦–44◦, 44◦–50◦, 50◦–55◦).

The hadronic simulated events (mainly protons) take much longer simulation time since

they can trigger the telescope from much larger impact parameters (up to 800 m) due to their

larger lateral spread. In addition, the trigger probability of a hadronic induced shower is only

∼ 0.2%. This leads to low statistics in the MC proton events. To achieve a solid training

of the RF for all event energies, a high statistic is needed. Thus real data is taken instead

of simulated proton events. Since the ratio of hadron to gamma-ray events is almost one to

one thousand in the case of real data, even for the Crab Nebula real data is an excellent

proton sample for the training. For more information on the MC simulation for MAGIC I,

see Majumdar et al. (2005).

5.1.10 Flux calculation and spectral energy distribution

The most important results of the analysis are the high level products which are directly

linked to the physical processes of the source of the VHE gamma-rays. These high level

products are the differential flux (spectrum, for short), the temporal resolved integral flux

values (denoted light curve, LC) and the previously described skymaps. The skymaps help

in identifying the source location and possible extension of the source, thus enabling the

identification of the physical object of the emission. The other two products give direct

information about the possible acceleration mechanism in the source.

The differential spectrum is defined as:

dF

dE
(E) =

dNγ

dE dAeff dtobs

(5.29)

Here, Nγ is the number of measured excess events, Aeff the effective area and tobs the effective

observation time. All quantities are calculated in small energy bins. The effective area

of the detector characterizes the detection efficiency for gamma-ray- induced showers and

is calculated from an MC simulated gamma-ray event test sample (independent from the

sample used for the training of the RF). The effective area depends on the trigger efficiency,

the FoV of the trigger and the camera, the reflectivity of the mirrors, the zenith angle of the



100 CHAPTER 5. THE DATA ANALYSIS

E [GeV]
10 210 310 410

]2
 [m

e�
A

210

310

410

510

After Cuts, average Z.A. = 38 deg

Before Cuts, average Z.A. = 38 deg

Figure 5.15: The Aeff before separation cuts (light red triangles) and after separation cuts
(blue points) as a function of estimated energy. The Aeff errors are one sigma statistical
errors only. For the spectral energy distribution, the Aeff is further computed for each zenith
angle bin (not shown here). The steep rise in the lower energy section indicates that, due to
the finite energy resolution, a significant systematic uncertainty enters the flux calculations
at these energies. Integral fluxes as computed for light curves should have energy thresholds
where ∆Aeff varies little between adjacent energy bins.

observation and the other performance parameters of the telescope and, of course, on the

cuts applied in the analysis chain. A typical Aeff is shown in Fig. 5.15. The Aeff has a steep

rise at lower energies, because the trigger probability of the gamma-ray induced showers is

rapidly increasing at these energies. The lower the energy of the primary gamma-ray, the less

light is emitted by the cascade and the lower the trigger probability. Small fluctuations in

the Cherenkov light yield can prevent the low energy showers from triggering the telescope.

As soon as the shower fluctuations are small compared to the total amount of light, the

trigger probability becomes more stable and the effective area remains almost constant. The

gamma/hadron separation cuts make this steep rise even more dramatic, since most showers

of low energy do not differ in the shower image parameters between gamma and hadronic

induced events. This leads to a selection of events with upward fluctuations in S because of

the S-cut in the signal event selection. Thus, the systematic uncertainties dominate for low

energy bins in the spectral energy distribution.
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The number of energy bins used for the spectrum calculation cannot be chosen arbitrarily

high. For the energy bin, the minimum bin size must be larger than the energy resolution

but, for realistic gamma-ray sources and observation times, the bin size is much larger since

the number of excess events and the spectral shape limit the amount of events inside any

energy bin. To be able to fit the spectrum, the significance in each point should be at least

above 1.5σ. Since background and signal fluctuations will never provide equal significance

in all energy bins, it is difficult to give an optimal energy binning a priori. If a gamma-ray

signal is obtained with a 5σ significance, then experience has shown that, with four energy

bins per decade in energy, a spectrum with four significant points can be obtained. At least

this is true if the spectrum can be described by (up to now) observed spectral shapes.6

The energy bins in this thesis are determined by demanding a certain number of bins per

energy decade. The number is selected so that there is a reasonable significant signal (1.5σ)

in at least four bins before the unfolding procedure.

The light curve is the integral flux over a specific energy range versus the time. The

integral flux is defined as:

F (E > E0) =

∫ ∞
E0

dNγ

dE dAeff dtobs

dE (5.30)

Here again, the quantities are calculated in the energy range and the Aeff is computed for

a power law (dF/dE = a0E
−Γ) with spectral index of Γ = 2.6. The LC is determined

for bins in time, where tobs is the bin width and the Aeff is calculated for the zenith angle

distribution of the data in each time bin. This leads in general to a slightly time-dependent

Aeff . The most important quantity to be chosen is the lower energy for the integral flux.

The systematic uncertainty of the LC is dominated by the uncertainties of the Aeff at the

lowest energies. Since the gamma-ray spectra are always power laws, the exponentially

growing number of gamma-rays when lowering E0, makes the lower energy events dominate

the excess events. At the same time, the Aeff has higher systematic uncertainties the lower

E0 becomes and this leads to a very fast rise in the systematic uncertainties of the integral

flux. As previously explained, the Aeff should only slightly deviate between adjacent energy

bins for the chosen E0 to avoid large systematic uncertainties in the LC. Adequately chosen

E0 are always guaranteed in the data presented in this thesis. In general: to make significant

light curves, the integral flux is determined above energies of 300–400 GeV for ϑ ∈ [32◦; 44◦]

(see Fig. 5.15).

6Spectra with four points are compatible with pure power laws and the spectral photon index is measured
between 2–4. Of course, future measurements with improved low-energy sensitivity might reveal sources with
steeper spectra.
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S-cut [phe]
Period spectrum LC α or θ2 -plot skymap

zenith angle > 32◦

2005 250 400 400 400
2006 250 400 400 400
2007 250 250 300 400
2008 250 250 300 400

zenith angle < 32◦

2005 100 300 300 400
2006 100 300 300 400
2007 100 300 300 400
2008 100 300 300 400

Table 5.1: Used S - cut values

5.1.11 Upper Limit calculation

Whenever no significant signal is found, an upper limit on the differential and/or the integral

flux is derived. To determine the upper limit, the method developed by Rolke is used (Rolke

et al., 2005) to derive an upper limit on the number of excess events. A 30% systematic

uncertainty is assumed (see chapter 5.2) and a confidence interval width of 95% chosen.

Deviations from these parameters are mentioned explicitly in this thesis.

From the upper limit on the number of excess events, the upper limit on the flux is

calculated simply by dividing by the Aeff and the tobs in each energy bin or in the energy

range. The assumed spectrum for the source is a power law with a spectral index similar to

the one of the Crab Nebula (Γ = 2.6). Since the spectrum of the source is not known, no

unfolding is taken into account. The dependence on the spectral shape for the upper limit

is very small assuming reasonable spectra as investigated in detail by Galante (2006).

5.1.12 Summary of the cut values used in the analysis

Throughout this thesis the cut values were determined by checking them once on a Crab Neb-

ula sample and are not changed unless special circumstances require it. So, unless explicitly

stated otherwise, the S-cut values are always the ones shown in Table 5.1. The main cut that

changes is the lower S cut. As seen in Fig. 5.8 for lower S values which correspond to lower

energetic events, the separation between gamma-rays and hadronic induced events is very

small. To get a good signal to noise ratio, and thus small errors on the integral flux values,

the lower energy showers are left out. This also leads to more stable LC’s because the lower

energetic showers are more effected by systematic uncertainties, especially the atmospheric

transmission, which can shift the threshold considerably. In addition, the direction infor-
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mation for higher energetic showers is much better, so the S and hadronness cut (h < 0.1,

S > 400 phe) is more strictly chosen for skymaps to obtain a better angular resolution. For

the differential energy spectra, the S-cut is more relaxed to obtain the lowest energetic point

possible. Here, the systematic uncertainties affect only the low energy points and can be

estimated by the Aeff slope and the systematic flux shift visible due to the different unfolding

procedures.

Beside the skymaps, the hadronness and direction parameter cut are always chosen from

gamma acceptance efficiencies (80% and 70%, respectively) and never changed in the analysis

of this thesis.

5.2 Systematic uncertainties

In this section, the systematic uncertainties of the integral flux and the spectral index are

investigated for MAGIC I. The time dependence of the systematic uncertainties is in detail

investigated in chapter 6. The most important uncertainties are:

• Photon detection efficiency:

The mirror reflectivity is assumed to be 85% and is monitored by reflectivity mea-

surements. In addition, the size of the PSF is important to know the amount of light

reflected in individual pixels. The accuracy of the PSF and the mirror reflectivity de-

termination are estimated to be about 5%. Furthermore, the protective plexiglass in

front of the PMT’s might yield less transmission due to dust pollution as well as light

losses at the PMT winston cones. The effect is estimated to contribute 3% and 5% to

the overall uncertainties.

Another source of uncertainty is the photon to photoelectron conversion efficiency.

The main contribution to this uncertainty originates from the uncertainty of the light

collection efficiency of the first photon diode and is estimated to be 5% − 10%. Fur-

ther contribution of about 2% comes from the equalization of the PMT gains. The

absolute light calibration system adds another 8% and the trigger inefficiencies and

malfunctioning PMT’s yield additional 10% to the systematic uncertainties. The trig-

ger inefficiencies are most pronounced for primary gamma-rays below 150 GeV while

the effect is much smaller at high (E > 500 GeV) energies (around 3–5%). All these

systematic uncertainties affect the energy estimation or act on the Aeff and are energy

dependent.

• Atmospheric model:

In the MC simulation the US standard atmosphere is taken as the atmospheric model.
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This model represents an ideal atmosphere but was not developed for the Canary Island

La Palma. The effect of the difference between the model and the real atmosphere at

the observatory is estimated to be 10%. The effect of different weather conditions or

changing atmospheric conditions is investigated in more detail in chapter 6.

• Analysis chain:

Possible dead times in the system, not taken into account in the analysis, will affect

the effective observation time and thus, the flux at all energies in the same way. The

uncertainty is estimated to be of the order of 2%.

Differences in the analysis methods (signal extraction, image cleaning, RF training,

unfolding method) might cause additional systematic uncertainties and were estimated

to be about 3%.

• MC simulation:

The assumed cross sections in the forward direction at TeV energies are not measured

and rely on extrapolation. This uncertainty affects the shower development. Additional

uncertainties result from the Cherenkov light production and spectral dependent scat-

tering in the atmosphere. In addition, the simulation of the detector and especially the

measured signal shapes and responses (e.g. DT, optical splitters, VCSEL, trigger) on

slight variations in the signal shapes might lead to systematic uncertainties which could

be but may not be energy dependent. The effect of these uncertainties is estimated to

be about 10%.

With regard to the above given energy and flux uncertainties, the overall systematic

uncertainty on the integral flux is estimated to be about 30%, assuming a spectral index

of Γ = 2.6. The systematic uncertainties will be higher for softer spectra (Γ > 2.6). The

systematic uncertainty on the spectral index is estimated to be ∆Γsys = ±0.2. A detailed

investigation of the systematic uncertainties and their temporal behavior is investigated in

chapter 6.

All errors given in this thesis are one sigma statistical errors only unless explicitly stated

otherwise.

5.3 X-ray analysis

The X-ray analysis was carried out using the heasoft 6.6.3 software package (available from

http://heasarc.nasa.gov/docs/software/lheasoft/) together with the remote calibra-

tion database setup. This guarantees that the most recent calibration files are always chosen
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automatically by all analysis tasks which require them.

The X-ray data analysis is described only briefly since excellent documentation for the

programs is provided which explains every step in detail. Here, only the steps necessary for

the analysis shall be explained and some important points emphasized which are not that

prominent in the documentation.

For the analysis of X-Ray Telescope (XRT) data, the following programs are used: hea-

soft 6.6.3 with the XRT software package, especially the xrtpipline script and the xrtmkarf

task. For source event selection, background estimation as well as for extraction of uncor-

rected LC’s, spectra and skymaps the task xselect and the fits viewer ds9 are used. The

rebinning and weighting of the spectra files is carried out using GRPPHA. For fast checks

without the need of absolute flux values, LC’s are generated using Xronos. All manuals

necessary for the various tasks are available on the heasoft webpage, except for the XRT

specific tasks which are described in the Swift XRT data reduction Guide available from

http://heasarc.nasa.gov/docs/swift/analysis/.

The following steps are carried out to obtain a LC with absolute flux units:

1. The data for the XRT instrument and auxiliary files are downloaded.

2. The data are processed with the xrtpipline to produce cleaned events with the most

recent calibration files.

3. The observations are splitted up into pointings7 using the time filter of xselect. This

step is only performed if the individual pointings within an observation are separated

by a big gap of more than half a day.

4. For each pointing

(a) the source position in the detector is determined

(b) a background region is selected

(c) the exposuremap is generated for the source region in case it covers the bad

columns in the XRT camera8

5. The ancillary response file (ARF) for the source spectrum is generated which takes

into account the exposuremap, the vignetting and the PSF corrections to the responds

matrix.

7An observation spans usually one day but is splitted up into several pointings where each pointing lasts
about 1–2 ks and might be separated by gaps with no data taking on the source.

8Swift was hit by a micro-meteorite in 2005. This event resulted in two noisy columns in the XRT CCD,
which have been excluded from the analysis.



106 CHAPTER 5. THE DATA ANALYSIS

Figure 5.16: The XRT camera image of the region around LS I +61◦303. The vertical axis
shows the DEC and the horizontal axis the RA. The green circle is centered on LS I +61◦303
and shows the region from which the source spectrum and the LC are extracted. The red circle
corresponds to the region from which the background events are obtained. The background
region does not contain any known X-ray source and is considerable larger compared to the
source extraction region in order to yield smaller statistical errors on the small number of
background events present. The map is smoothed with a gaussian (σ = 3 arcs) in order to
make the events more visible.

6. The source data is rebinned by GRPPHA so that at least 20 events are contained in

each bin.

7. The final spectrum is fitted using XSPEC 12.5ac (Arnaud, 1996) whereas one common

model is fitted to all pointing within one observation.

8. The most simple spectrum yielding a reasonable χ2 is selected and the unabsorbed

integral flux in the energy range 0.3–10 keV calculated.

An example of the source and background region selection in the LS I +61◦303 data set

of September 2007 is shown in Fig. 5.16. The source region is circular and 47 arcsec in

diameter. This guarantees that 90% of all events of a point like source are contained within

this region. The background extraction region is much larger in order to yield smaller errors,

since the number of background events is very low at X-ray energies.9

9Compared to VHE gamma-rays, the X-ray data is almost background-free.
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Some circumstances must be considered when analyzing X-ray data. First, the so called

“pile-up” will occur, when more than one X-ray photon hits the camera before the frame has

been read out. When two X-ray photons are recorded in the same frame it is not possible

to discriminate them and thus no energy estimation is possible. This happens mainly in

the longer exposed (texp = 2.5 s) photo counting (PC) mode which is used when observing

weaker X-ray sources. Pile-up corrections must be applied if the source’s count rate is above

0.6 counts/s. LS I +61◦303 is a rather weak X-ray source taken in PC mode, yielding usually

less than 0.3 counts/s and thus, no pile-up correction is needed for the XRT camera.

The spectra are fitted using XSPEC with an absorbed power law. In case of the LS I +61◦303

XRT spectra, the weighting used in the fitting routine is set to a method suitable for few

counts per energy bin developed by Gehrels (1986). From the fitted spectra, the unabsorbed

flux is calculated by integrating the spectrum over the sensitive energy range of XRT (0.3–

10 keV). All calculated errors of the X-ray analysis stated in this thesis are 1σ statistical

uncertainties, unless explicitly mentioned otherwise.

5.4 Periodicity searches

In the analysis of binary systems, the search for possible variability and periodicity is a

primary goal. While the test for variability is rather simple (by making a χ2 test of a

constant flux and evaluating the probability from the derived χ2 and the number of degrees

of freedom NDF), the search for periodicity is a much more challenging task.

The reason for periodic emission in binary systems are manifold and I distinguish two

major possibilities.

1. The emission of the system is periodic. This means that the emitted flux of the system

is a periodic function of time with a fixed period.

2. The measured flux on Earth is a periodic function of time but, in the binary system,

the emitted flux is constant or variable and only due to geometric effects (jet precessing

or a moving beam of emission), as in pulsars, the emission seems to be periodic for the

observer on Earth.

The distinction between the two scenarios can be very difficult but is of great interest since

it has a very high impact on the understanding of the source.

For the method used to proof a periodic flux measured on Earth, the two distinctions are

of no interest. So I will discuss this topic in chapter 7 about LS I +61◦303 and not in this

section.



108 CHAPTER 5. THE DATA ANALYSIS

Another distinction can be made if a system shows strictly periodic fluxes. This question

is directly related to the question of how to prove periodic emission and this will be discussed

in the next subsection.

5.4.1 Periodic, quasiperiodic or not at all?

Many definitions of periodic and quasi-periodic (QP) exist and it is often unclear which

definition the author is using in a publication. To avoid confusion, I will define the different

terms in this section.

• Periodic: A periodic flux measurement means that the LC shows a reproducible time

structure with a fixed period P. It must be possible to describe the LC with a periodic

function. The only exception to this behavior is that an average of several LC’s has to

be periodic, while a single LC can deviate from the average shape. This exception is

done so that pulsars can be counted among the periodic sources.

• Quasi-periodic: This means that the sources show a periodic behavior of the LC from

time to time, with an interval in between where no periodic behavior is observed. This

is very common in microquasars where a periodic behavior is only noticed in certain

emission states and is absent in other states.

• Partly periodic: This means that there is a periodic component in the LC’s which

is overlayed by non- periodic emission. This partly periodic (PP) emission is a new

definition introduced in this thesis. It can be used to describe deviation from the

periodic case without using the QP case, which is connected to state transitions and

the requirement of periodic emission in at least one state of the source.

The influence of the type of emission (periodic, QP, PP) is important when considering the

method used to search for periodicity in the emission. When no distinction is made between

the three cases, or it does not matter which case is investigated, I will simply write about

periodicity. Almost all methods for testing periodic behavior test if the recorded signal is

uniform, so they will give some result if the signal is not constant but shows some regular

behavior. This means that the methods will indicate in all three cases that there is some

periodicity in the signal. The significance of this periodicity will, of course, depend on the

case (periodic, QP, PP) and on the method used. If the emission is QP, then the selection

of certain states due to the evaluation of spectral properties of the data might yield higher

significance for certain states than for others and can thus reveal the QP nature of the signal.

The behavior of the test used in this thesis in relation to the different possible flux types will

be shown in the next sections.
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5.4.2 Tests for periodicity

To test for periodicity, the data must be given in a time series.

{f(t0), f(t1), . . . f(tn)} (5.31)

Here f(ti) ≡ fi is the measured flux at the time ti. One common problem in the search

for periodicity is, that the data is not evenly spaced in time. In astronomy, the sampling of

the source cannot be freely chosen, there are the natural gaps due to the night-day change

and, in addition, standard IACT’s can only observe during moonless nights. Even MAGIC,

which is specially designed to be able to cope with higher background light, cannot observe

during moon phases of more than 50%. More reasons for the uneven sampling are weather

conditions and, of course, the source is only visible for a limited time from the observatory

location.

The gaps in the LC give rise to rather big problems in the search for periodicity in the

signal and especially in the estimation of the significance determination of a peak value

found in the periodogram. The challenge is the testing of unevenly sampled data and the

method most suitable for this is the one developed by Lomb (Lomb, 1976) and elaborated by

Scargle (Scargle, 1982). Their method modifies the definition of the periodogram as used in

the Fourier transformation. While in Fourier transformation, the data are weighted by time

interval, the modified periodogram weights the data by point and is equal to an estimation

of the harmonic content by a least square fit of A sin(ωt) +B cos(ωt) to the data.

The periodogram is defined as:

PN(ω) =
1

2σ2

{
[
∑

i(fi − f) cos(ω(ti − τ))]2∑
i cos2(ω(ti − τ))

+
[
∑

i(fi − f) sin(ω(ti − τ))]2∑
i sin

2(ω(ti − τ))

}
(5.32)

Here τ is defined by

tan(2ωτ) =

∑
i sin(2ωti)∑
i cos(2ωti)

(5.33)

This particular choice of τ makes equation (5.32) completely independent of shifting the ti

by any constant. PN(ω) is called the normalized periodogram, since σ is in the denomina-

tor of equation (5.32) and, with this normalization, PN(ω) has an exponential probability

distribution (Scargle, 1982) in the case of the null hypothesis.

This means that, if M independent frequencies are tested, the probability to get a value

for PN(ω) (from now on PN ≡ P ) larger than z is

p(> z) ≡ 1− (1− e−z)M (5.34)
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In general, the number of frequencies tested will be the number of independent frequencies

in the case of equally spaced data (independent fourier spacing, IFS) which is given by

NIFS =
∆f

Tmin − Tmax

(5.35)

Here, Tmin−Tmax is the total timespan of the LC and ∆f is the investigated frequency range.

To assure a good sampling of the frequency range, an integer multiplication of NIFS frequen-

cies are tested. The multiplicand is called the oversampling factor and should be chosen high

enough so that each peak in the periodogram is sampled by several test frequencies.

The remaining question is how many of the tested frequencies are independent. This

depends on the spacing of the data, the gaps between them and if the data are “clumped”. In

the case of the sources analyzed in this thesis, the data are always “clumped” - meaning that

there are several data points per observation night and then a gap until the next observation

night. Since the amount of data points per night is not always the same, M cannot be easily

estimated analytically. For this reason, I programmed an MC simulation to estimate the

probability for any given P (ω).

My simulation works as follows: The actual observation time stamps of the data are

taken and, for each of these data points, a gaussian noise value is generated. This yields one

simulated noise series and P (ω) is calculated from this noise series for all test frequencies. To

obtain the probability distribution, 107 such series are generated and the P (ω) are filled in

separate histograms for each frequency. This yields as many histograms as test frequencies.

Then, the probability distribution for each frequency is fitted by the exponential probability

density function (PDF, e−z) and the fit parameters compared with each other as shown in

Fig. 5.17. This is done to assure the PDF does only depend mildly on the tested frequencies.

In the same simulation, the cumulative PDF (CPF) is generated by selecting the highest

power P (ω) from each simulated periodogram. The CPF gives the post-trial probability to

obtain a P (ω) = z0. The question of interest for the periodicity search is the probability

to obtain any P (ω) > z0 which is given by means of the complementary CPF (cCPF). The

cCPF is constructed by subtracting the integral of the CPF above the value z0 from 1. The

cCPF should posses the shape of equation (5.34) and the fit of the cCPF with this equation

yields the true value of M for the independent frequencies.

If the shape of the cCPF is not well described by equation (5.34) with any M, the number

of simulated noise periodograms can be inreased and the post trial probability can be calcu-

lated as the ratio N(z > z0)/Ntot directly from the histogram. If P (ω) is so large that there

are too many simulations to carry out, an upper limit of the probability can be given which

is good enough to show that any P (ω) which cannot be calculated anymore is definitely
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Figure 5.17: The fit parameters of the function c·exp(−a·z) to the PDF of all test frequencies
for simulated gaussian (white) noise with the sample time intervals of LS I +61◦303. The fit
parameters have only a very tiny spread around the pronounced mean and can be assumed
as constant for all test frequencies. The χ2 distribution indicates that for all frequencies the
PDF is well described by the theoretically predicted shape.
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Figure 5.18: On the left the P (ω) for a simulated sinus function with frequency ν =
1/10.5 d−1 and an overlaid gaussian white noise is shown. In the inset, the individual test
frequencies are displayed by red points showing that each peak is oversampled. On the right,
the post-trial chance probability for each P (ω), as computed from the cCPF, is shown. It is
evident that additional peaks with less significance beside the real signal peak are present.
These peaks are caused by the uneven spacing and are removed if the signal is subtracted.

significant. This method can be applied to other statistical tests as well. However, the PDF

should not change (or only very smoothly) with frequency, which is the case for the Lomb

Scargle method as can be seen in Fig. 5.17. An example periodogram of a simulated sinus

function with frequency ν = 1/10.5 d−1 and an overlayed gaussian white noise is shown in

Fig. 5.18, together with the post-trial probability of each obtained P (ω).

In the method described here, the cCPF is computed from white noise and this means

that possible periodic variations in the data are not taken into account. Even so, the flux

values should show a gaussian distribution and there can be some slight modulation over

time due to different time - dependent systematic effects in the determination of the fluxes.

1. Zenith angle range of the sampling points can differ and thus will have different sys-

tematic uncertainties, especially since the atmospheric conditions have more effect, the
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higher the zenith angle of the data.

2. Background light due to moonlight or changing night sky background light. The tele-

scope could have different efficiencies if operated under moonlight. The effect is cur-

rently not corrected in the data since there are no dependencies of the fluxes on the

moonlight observed.10

3. Changing weather conditions can cause different systematic shifts which might be of

the order of 20% as shown in the section about the stability estimation of the MAGIC I

performance.

These changes could (even if very unlikely) yield a high P value and thus reduce the signif-

icance of P (ω) obtained under the assumption of gaussian-distributed noise. To counteract

these effects, the simultaneously taken background data are used to produce a periodogram

as well. If any of the above-mentioned effects cause a significant peak in the periodogram

of the signal, it should be visible in the background periodogram as well, since it would not

come from the true signal in the data.

The background data sample is generated by dividing the background rate by the Aeff

for the gamma-ray- like events. This is not the true proton flux, of course but this does not

matter. Any change in the above systematics should affect all gamma-ray- like events in the

same way since they survive the same separation cuts.

In the case of ON/OFF observations, the background flux is determined by taking the

gamma-ray candidates from the ON sample in a region of 30◦ < α < 80◦ where almost no

gamma-rays from the source are expected. If no significant peak shows up in the background

sample at the frequency of the significant peak in the excess sample, then the peak is not

caused by the systematic dependent effects mentioned above. With this method, a reliable

test for periodicity is at hand.

Finally, it is investigated if the significance of the peaks in the periodogram dependent on

the chosen sampling bin width of the LC. The LC is binned with a certain binwidth which

I call the sampling time interval (STI), this time interval selected so that the errors of the

measured fluxes are of the same order of magnitude. Only if the individual point errors have

the same order of magnitude can each point be treated equally. This leads to a clumping of

points at each individual observation night and thus M is significantly lower than the number

of data points. To check the change of the false alarm probability of a peak, a simulated

sinus function with frequency ν = 1/10.5 d−1 is sampled with different STI’s and the results

10For further explanation, see chapter 6.5
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compared. The periodogram for the STI = 45 min is the one shown in Fig. 5.18. The test

of different STI’s is carried out with the observation time coordinates of LS I +61◦303 since

this is where the “clumping” of sampling points is the most pronounced. The results are

given in Table 5.2. It is evident that the smaller the STI, the more points are available

and the smaller the false alarm probability becomes. This shows that the method is more

powerful in finding weak periodic signals if more sampling points are available. This is not

at all surprising since more points mean more information and thus reveals the periodicity.

Of course, this effect is limited since the signal to noise ratio reduces as the STI gets smaller

and smaller. The frequency of the most significant peak is not affected by any changes of

the STI and no additional peaks appear in the periodogram.

STI [min] Period [d−1] Power P(z > z0)

1440 9.5 7.5 0.24
60 10.52 14.5 3.1 · 10−4

45 10.49 20.2 1.2 · 10−6

30 10.51 17.32 2.4 · 10−5

15 10.48 42.8 1.7 · 10−16

Table 5.2: The dependency of the false alarm probability and the derived frequency on the
STI, as shown for a simulated sinus signal.



Chapter 6

Performance of the MAGIC telescope
from 2005-2008

In this chapter, the performance and the stability of the performance of MAGIC I is in-

vestigated. As described in the previous chapter, several telescope parameters influence the

shower images and thus the particle parameter reconstruction. In addition, the atmospheric

changes on various timescales can have a large impact on the obtained results. To check the

stability of the high level products, the Crab Nebula - the strongest known point-like steady

source - has been investigated on a timescale of four years.

This is the first time such a detailed investigation of the long term stability of the perfor-

mance of MAGIC I has been carried out. The investigation is vital to show the systematic

uncertainties as a function of time over the large timescale of four years (when data studied

in this thesis was taken). The Crab Nebula is visible from the observatory at La Palma at

the same time as LS I +61◦303 is observed and thus the uncertainties obtained from the

Crab Nebula results can be readily applied to the LS I +61◦303 sample.

6.1 Data selection

The data is screened for technical problems and adverse weather conditions. This is done by

first checking the trigger rate and rejecting runs which are outside of the predefined range

250± 100 Hz. This required trigger rate range imposes loose constraints on the data quality

but removes most of the unusable data, even before processing it with the analysis chain,

and thus saves time. In addition, the event rate after image cleaning and a mild S-cut

(S < 60 phe) is checked as a function of zenith angle and all observation runs with a rate of

less than 50 Hz are removed. This is an additional rejection of technical problematic data

which has a high accidental trigger rate caused by e.g. too low trigger threshold settings.

The remaining data is used in the analysis to obtain the high level products. This data

115



116 CHAPTER 6. PERFORMANCE OF THE MAGIC TELESCOPE FROM 2005-2008

period obs. time [h] zenith angle condition mode read out

2005 3.6 6.5◦–30◦ dark ON/OFF 300 MHz
2006 8.0 6.5◦–30◦ dark wobble 300 MHz
2007 8.0 6.5◦–30◦ dark wobble 2 GHz MUX
2007 6.6 6.5◦–30◦ moon wobble 2 GHz MUX
2007 2.5 32◦–44◦ dark wobble 2 GHz MUX
2008 3.8 6.5◦–28◦ dark wobble 2 GHz MUX

Table 6.1: Observation log of the Crab Nebula data used for the performance study of
MAGIC I.

selection procedure is applied to all data analyzed in this thesis, assuring approximately the

same data quality in each analysis.

6.2 The Crab Nebula data sample

The Crab Nebula data was selected to be taken in the same periods as the LS I +61◦303

data to guarantee the same telescope performance parameters in the two data sets. The

Crab Nebula data sample is analyzed for zenith angles below 30◦ since only in this zenith

angle range is enough data available to make systematic studies possible. A cross-check is

done for medium zenith angles (32◦–44◦) with a sample of 2007 Crab Nebula data. This is

the same zenith angle range as for the LS I +61◦303 data sample and shows possible effects

of the higher zenith angles to measured physical quantities.

The observation mode was ON/OFF mode for 2005 and wobble mode for all other periods.

This corresponds to the same observation modes as used for the LS I +61◦303 observations.

The observation parameters (data period, observation time, light conditions, observation

mode and read out system) are summarized in Table 6.1.

6.3 The temporal behavior of the integral flux

The light curve (LC) is derived for integral fluxes above E = 300 GeV and the time interval

is chosen to be 60 min to give small statistical errors. For some observation nights, the

time bin width is smaller because the total observation time was not an integer multiple of

60 min1. This is not at all a problem since the real observation time per bin is taken into

account in the flux calculation and shorter observation times only increase the error on the

flux value.

The derived LC is shown in Fig. 6.1 and indicates the systematic differences between

1In fact the average observation time per light curve point is ∼ 45 min
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Figure 6.1: The integral flux F (E > 300 GeV) for different measurements of the Crab
Nebula. The data are fitted to constant lines within each OC except for OC3 and OC4
which are fitted with the same constant flux level since they do not show any deviation from
each other. Further details are given in the text.

the different observational campaigns (OC) of the MAGIC telescope as given in Table 6.2.

OC Date F (E > 300 GeV) χ2/ndf p(χ2/ndf)
[10−10 cm2 s−1]

1 2006-06 1.18± 0.05 6.74/4 0.15
2 2007-02 1.16± 0.04 11.86/10 0.29
3 2007-12 1.31± 0.03 14.36/13 0.34
4 2008-12 1.31± 0.03 14.36/13 0.34

Table 6.2: The Crab Nebula data and the fit parameters of a constant flux to the different
observation cycles. The χ2 and its corresponding probability to obtain an even higher χ2

value are given as well.

Data taken during OC1 is sampled with the 300 MHz FADC as well as in OC2, but for the

latter the optical splitters (see chapter 4.1.2) were installed for the test of the MUX read-out.

In OC3 and OC4, the data were taken with the MUX read-out and the flux level can be

accurately described as being constant in time.

The deviations between individual nights in each OC can have several explanations as

described in section 3.4. The major influence is thought to be the atmospheric conditions,

as well as changes in the background light conditions and slight changes in the telescope
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operating parameters such as camera temperature, PMT gain, trigger thresholds and focusing

accuracy. From Fig 6.1, it is evident that the short-term variations are almost absent for

the OC3 and OC4 where the LC can be described very well as a constant flux without any

significant deviation from the expected behavior. This is slightly different for the OC1 and

OC2 where the spread of the individual LC points is a bit more pronounced but still small.

The lower variability in the later OC’s (3/4) is most likely the result of improved monitoring

of the observational parameters.

The averaged flux in OC1 and OC2 is compatible within the errors indicating that any

systematic differences introduced by the splitters or other minor hardware changes are smaller

than the statistical errors. The difference in the flux level between OC1/OC2 and OC3/OC4

has its origin in the change of the read-out to the MUX FADC’s. This major hardware

change causes a systematic increase of 12% of the integral flux for OC3/OC4 compared to

the OC1/OC2 data. This effect should be taken into account, especially in the data analysis

of long-term monitoring of sources and the detailed study of sources over long time intervals,

as it is the case for LS I +61◦303, studied in this thesis.

A systematic uncertainty in the flux level due to the read-out can be caused by the

signal extraction process. In the case of the 300 MHz FADC the calibration of low and high

gain channels (see chapter 4.1.2 and 5.1.1 for details) very much complicated the correct

signal extraction and calibration. Furthermore, the stretching of the signal to 6 ns width

needed by the 300 MHz FADC is an additional source of systematic uncertainties. With the

introduction of the MUX read-out, the signal extraction was simplified, since only one gain

level exists and the faster sampling (2 GHz) omits the stretching of the signal. Since the

300 MHz FADC system is no longer operational, no further test measurements can be made

to find the source of the systematic differences but the systematic shift is small compared

to the statistical errors of the source investigated in this thesis. Taking all these effects into

account, the upscaling by 12% of the OC1 and OC2 integral fluxes is preferred since the

sensitivity of the later taken data is higher, the system better understood and more stable.

This can be verified when the FERMI Crab Nebula spectrum will be released and compared

to the MAGIC measurements in the same energy range.2 Since FERMI has a calibrated

calorimeter, it has a very low level of systematic uncertainties in its flux measurements when

compared to IACT’s.

For this thesis, an additional 12% systematic uncertainty in the integral flux level is

assumed for the data recorded by the 300 MHz FADC system. The calculated integral fluxes

2FERMI has a small effective detector area of less than one m2 at energies above 100 GeV. So it will
take a long time until the statistical fluctuations of the FERMI Crab Nebula spectrum are small enough to
enable reasonable comparison to the IACT data.
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OC f0 [10−12 cm−2s−1] Γ a0 [TeV] χ2/ndf

1 1.0± 0.1 2.59± 0.09 0.5 7.3/4
2 1.31± 0.04 2.64± 0.03 0.5 29.8/6
3 1.31± 0.03 2.43± 0.03 0.5 8.1/6
4 1.47± 0.05 2.47± 0.04 0.5 4.8/6

Table 6.3: The spectral fit parameters of the individual OC Crab Nebula spectra.

are not scaled by this factor but left as provided after the analysis chain. Nevertheless, a

12% uncertainty is very small when compared to the much larger statistical errors usually

present in measurements of sources like LS I +61◦303.

6.4 The stability of the spectrum

The spectra are derived with a very low cut in S > 100 phe to obtain a low energy threshold.

This, of course, leads to large systematic uncertainties in the lowest energy bins of the spectra

due to the uncertainties of the Aeff (see chapter 5.1.10) but these points can be neglected in

the comparison if a higher analysis threshold is chosen. Still, the systematic uncertainties at

the threshold are interesting to study where the analysis threshold should be meaningful for

the physical interpretation.

To obtain the spectrum, the energy range is divided into six bins per decade in energy.

Such fine binning is only possible in the case of a strong gamma-ray flux but allows the

analyzer to look for fine features (like absorption) in the spectra.

The spectra are derived for all four OC’s and all data in each individual OC is combined

for the spectrum calculation. The derived and unfolded spectra are shown in Fig. 6.2 and

are all fitted by simple power laws of the form:

dF

dE
= f0

(
E

a0

)−Γ

(6.1)

The corresponding fit parameters are given in Table 6.3 and indicate that the systematic dif-

ferences between the individual OC’s is of the order of 0.2 for the spectral photon index. This

value is estimated from the differences observed between individual spectra obtained with the

two different read-out systems. The obtained spectral shape and parameters are compatible

with the measurements of other IACT’s within the assumed systematic uncertainties (Hillas

et al., 1998; Aharonian et al., 2004a, 2006c).

For the 2007 OC3 data, a comparison between spectra for the low zenith angles (ϑ <

30◦) and the medium zenith angles (32◦ < ϑ < 44◦) is performed. Beside the slightly

increased energy threshold for the medium compared to the lower zenith angles, no difference
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Figure 6.2: The four derived spectra for OC1 (red squares), OC2 (green points), OC3 (blue
hollow squares) and OC4 (magenta triangles). The spectra are well described by simple
power laws. A difference in the spectra as well as in the flux level is observed between the
data taken with the 300 Mhz read-out (OC1 & OC2) and the one recorded by the 2 GHz
MUX system (OC3 & OC4). The difference is due to the change of systematic effects of the
read-out system and yield a systematic uncertainty on the spectral photon index of 0.2.

is observed as expected of a stable system. The corresponding spectra are shown in Fig. 6.3.

6.5 The influence of moonlight on the measurements

In the sampling of variable sources and the search for transient phenomena, the duty cycle

should be as high as possible. Due to this fact, the data selection criteria in this thesis are

much more relaxed compared to the analysis of e.g. pulsars. This results in slightly increased

systematic uncertainty which can be reduced by increasing the analysis threshold. Another

important factor is the observation under moonlight conditions which increases the duty cycle

by up to 30% for the observations presented in this thesis. The effect of moonlight is currently

being investigated in detail by several scientists in the MAGIC collaboration (Britzger et al.,

2009).

For this thesis moon time data was taken only on some observation nights. Moon time

data is defined as having the moon above the horizon during the data-taking. Many of the

observations labelled moon were carried out on an almost dark night (moon less than 18◦
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Figure 6.3: The Crab Nebula energy spectrum is shown for low (ϑ < 30◦) zenith angle in red
(solid) line and for medium zenith angle (32◦ < ϑ < 44◦) in blue (dashed) line. No systematic
differences are seen apart from the slightly higher energy threshold for the medium zenith
angle analysis.

below the horizon but not yet above it) and only several minutes at the end of the observation

night were taken in the presence of the moon.

To describe the intensity of the moonlight, many different methods are possible and in

this thesis a simple but effective one is chosen. The DT’s as described in section 4.1.3

are responsible for the trigger threshold of the telescope. In the presence of the moon,

the background light intensity increases and the DT values are increased to avoid accidental

triggers. The higher the intensity of the background light caused by the moon (which hits the

camera), the higher is the averaged3 DT setting when compared to dark night observations.

A lot of factors play a role in the effect of the moonlight on the DT but they are not

investigated in this thesis. The effect on the high level products is tested by studying the

changes of the Crab Nebula data taken under various different DT settings in 2007. The

deviation of the integral flux values of moon and dark night Crab Nebula data is then taken

to evaluate the systematic uncertainty caused by the moon. In principle, one could try to

get correction factors from this comparison of moon and dark night data but unfortunately a

huge assembly of data with different observation conditions would be needed for all different

hardware setups, especially since the background light in the camera caused by moonlight

3over all pixels
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Figure 6.4: Average (over all pixels) DT value of the dark night (red) and moonlight (blue)
Crab Nebula data samples. The moonlight was only moderate and distinct peaks in the DT
curve indicate the individual observation nights taken under different moon phases.

is increased by the scattering of moonlight in the atmosphere. An even larger set of data

compared to the dark night studies presented in the previous sections would be needed

for each DT set to investigate the details of the effect of various atmospheric conditions.

Since such a data set is not available, an averaged moon condition is chosen and from the

comparison only an increased systematic uncertainty estimated.

The comparison is carried out by means of the spectrum which is compared between

a dark night Crab Nebula data sample and a moonlight Crab Nebula data sample. The

moonlight sample consists of four different nights taken in autumn 2007 and the data is

processed by exactly the same analysis chain as the dark night data (as if there would be no

moon present in the moon data). The DT values for both data sets are shown in Fig 6.4. The

obtained spectral energy distributions do not show any significant difference in the spectral

slope. Indeed, the moon data is taken under excellent atmospheric conditions and shows

even a slightly higher flux compared to the spectrum obtained from the dark nights. The

only disadvantage of the moonlight data is that the analysis threshold is increased compared

to the dark night data, since the main influence of the DT level is to change the trigger

threshold. The spectral energy distribution of both data sets are shown in Fig. 6.5. From this

comparison, as long as the analysis threshold is not close to the trigger threshold, no strong

effect of the moonlight onto the high level data products can be seen. This is always true in
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Figure 6.5: The Crab Nebula spectral energy distribution for dark night (red squares and
solid line) and moonlight (blue points and dashed line). Apart from the higher threshold for
moon observations, both spectral energy distributions agree very well.

the analysis presented in this thesis. The effect of stronger moonlight contamination (visible

by higher DT’s) might have effects on the high level data, but all data presented in this thesis

is only taken partially under moonlight (a few percent of the observation time of individual

nights) or in the presence of a crescent moon (low DT values). Since no extensive study with

various atmospheric conditions can be performed due to the lack of appropriate Crab Nebula

data, an additional systematic uncertainty of 10% is assumed for the integral flux level of

observations in the presence of the moon. This systematic uncertainty is, of course, an one-

sided correction towards higher fluxes compared to the measured ones. Fortunately, no data

analyzed in this thesis which contributed to a spectrum was taken under moonlight and thus

the uncertainty introduced by moonlight on the spectral shapes need not be investigated.

6.6 Performance summary of MAGIC I

The telescope shows stable performances in individual OC’s. The spectra are affected by

a systematic shift in the spectral index after the installation of the new read-out system in

March 2007. The systematic uncertainty of the spectral index is estimated to be ∆Γsys =

±0.2. The estimated systematic shift of the integral flux to higher values for the new read-out

system is 12%. These systematic uncertainties are rather small when compared to typical
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statistical errors in measured fluxes. Thus, the system is very stable within the individual

OC’s. The performance stability is better for the MUX read out data (after March 2007)

but good for the 300 MHz read-out.

The effect of moonlight increases the analysis threshold but has no effect on the integral

flux or the spectral shape (at least for Crab Nebula-like spectra) if the moonlight is only

moderately strong (maximum averaged DT < 25). Conservatively, an additional 10% sys-

tematic uncertainty on the integral flux value is assumed in the presence of moonlight to

account for possible stronger influence on the background light intensity due to the dust and

humidity content in the atmosphere.

Finally, the observation under higher zenith angle (32◦–44◦) shows that only the analysis

threshold increases but no systematic difference is observed compared to the small zenith

angle results, as was expected.

The performance of the MAGIC telescope is, despite the many hardware upgrades, very

stable and within individual OC’s, the analysis presented here shows no temporal variation

of the systematic effects. This enables meaningful studies of spectral changes within indi-

vidual OC’s. Only by comparing spectra taken with the different read-out systems must an

additional small systematic uncertainty be taken into account, which limits the sensitivity to

long-term (more than 2 years) variations of the spectral index in VHE gamma-ray sources.



Chapter 7

Observation of LS I +61◦303

The main part of this thesis is the detailed study of the binary system LS I +61◦303 which

was discovered by MAGIC in VHE gamma-rays. Due to this work, LS I +61◦303 is one of,

if not the best, studied VHE gamma-ray binary system. In this chapter, I shall explain the

observational results before the MAGIC discovery and then give a detailed report about the

MAGIC observations and the results. After this, I shall discuss the multiwavelength behavior

of the system and report on the first strictly simultaneous measurements in VHE and X-rays

(to which I contributed a major part). The final section will discuss the considerable impact

of these exciting discoveries on the various theories and I shall describe the conclusions drawn

from my analysis about the emission mechanism in LS I +61◦303.

7.1 The orbital parameters of LS I +61◦303

To understand the different processes taking place in a binary system, it is fundamental to

know as much as possible about its composition and the orbital parameters. In the case of

LS I +61◦303 some confusion is found in the publications concerning the orbital solutions

derived from optical measurements. This issue seems to be settled now but I will discuss the

earlier assumptions since they affect many of the currently published models describing the

emission of the system.

The first report of an orbital modulation with a period P = 26.4±0.1 d comes from Hutch-

ings and Crampton (1981). A variation in the flux of the line emission of a factor ∼ 4 with

small significance is reported. A periodic modulation could be proven by Mendelson and

Mazeh (1989) and the derived period P = 26.62±0.09 d is compatible (on the 2σ level) with

the best known value obtained from radio measurements (P = 26.4960± 0.0028 d, Gregory

2002). The same orbital modulation is reported from infrared measurements (Paredes et al.,

1994) and Hα line spectroscopy (Zamanov et al., 1999). In addition, a (in my opinion, weak)

125
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hint of a 4 y modulation is reported by Zamanov et al. (1999) from their Hα measurements.

The companion star of the compact object is classified as a B0Ve star. This means it is a

fast rotating, early type B star on its main sequence surrounded by an equatorial disc which

expands radially around the star. The mass is roughly constrained between 10 M�− 15 M�

(Swihart 1968, Hutchings and Crampton 1981, Marti and Paredes 1995). The companion is

favored to be a compact object and suggested to be of low mass 1.1–4.0 M� for the usually

assumed inclinations of i ∼ 10◦–60◦ (Casares et al., 2005). The nature of the compact object

cannot be determined since the inclination of the orbit to the line of sight of the observer is

not known. The object could either be a neutron star (i < 25◦) or a black hole (i > 60◦).

Another important component for understanding the emission of the system is the stellar

wind. There are two distinct stellar winds: The slow equatorial outflow with a speed of

vdisk ≈ 3 km/s and a fast (vpolar ≈ 2 · 103 km/s) isotropic polar wind. The equatorial disc

wind is rather dense and causes a high mass loss Ṁ ∼ 2 · 10−7M� yr−1 (Waters et al., 1988)

while the polar wind component produces a mass loss rate one order of magnitude lower. The

total luminosity of the star is L ≈ 1038 erg s−1. The system is measured to be at a distance

of 2.0 ± 0.2 kpc as derived by Frail and Hjellming (1991) and this distance is assumed in

luminosity values presented in this thesis unless stated otherwise.

The orbital parameters like orbital phases of the periastron; superior conjunction and

inferior conjunction as well as the inclination, eccentricity and mass ratio function are vital

parameters for any model of the emission from LS I +61◦303. Spectroscopic investigations are

needed to obtain these parameters from radial velocity measurements. To obtain the radial

velocity, the doppler broadening of spectral lines of the optical companion are used. The

doppler broadening indicates the relative movement of the optical companion with respect

to the observer. By evaluating these line broadenings in relation to the orbital phase, the

parameters of the relative orbit of the compact object can be determined.

Precise measurements of these parameters were carried out by Casares et al. (2005),

who used the He lines for the measurements. Other studies of Grundstrom et al. (2007)

reported different parameters and the inconsistency of the parameter sets indicate additional

systematic effects in the measurements. The best parameters up to date are reported from

the analysis of a huge set of historical data including all previous measurements in Aragona

et al. (2009b). In this publication, the differences in the previous measurements are discussed

and resolved. In most publications about LS I +61◦303 the values of Casares et al. (2005)

are used. In this thesis, new more precise values will be taken for the interpretation. The

different values are listed in Table 7.1 and their orbital solutions are shown in Fig. 7.1.
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Element Hutchings and Crampton (1981) Casares et al. (2005) Aragona et al. (2009b)

e 0.60± 0.13 0.72± 0.15 0.537± 0.034
φp 0.25± 0.04 0.23± 0.02 0.275

f(M) [M�] 0.019± 0.015 0.011+0.016
−0.008 0.012± 0.002

Table 7.1: The orbital parameters of LS I +61◦303: eccentricity (e), periastron passage (φp)
and mass function f(M).
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Figure 7.1: The left panel shows the orbital solution of LS I +61◦303 obtained by the Casares
et al. (2005) measurements and the right panel the preferred solution obtained from a much
larger data sample by Aragona et al. (2009b). The relative orbit of the compact object is
shown in red and the phases (φ) of periastron, apastron, superior conjunction and inferior
conjunction marked by circles. The center of gravity is indicated by a cross and the units of
the x- and y-axes are fractions of the major semiaxis (a) of the system. In the left figure, the
relative orbit of the optical companion is shown for a 4 M� (dashed) and 1.1 M� (dotted)
compact object.
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7.2 The multiwavelength behavior of LS I +61◦303

In this section, the general multiwavelength behavior of LS I +61◦303 is described. The

description is divided into radio, X-ray and high energy (E > 100 MeV) gamma-ray sections.

This description is necessary in order to compare the multiwavelength data obtained in this

thesis with the general behavior of LS I +61◦303 at these wavelengths.

7.2.1 The radio behavior of LS I +61◦303

The discovery of the highly variable radio source GT 0236+610 by Gregory and Taylor

(1978) and its possible association with the gamma-ray source CG135+1, made this source

very interesting and started a detailed study of it in all wavelengths. While the radio source

was immediately associated with the optical star LS I +61◦303, the final confirmation of the

system as a gamma-ray emitter could not be made before the MAGIC detection, as reported

in Albert et al. (2006) and this work.

The system was studied at radio frequencies in more detail and a periodic modulation of

the signal with P = 26.52 ± 0.04 d was found (Taylor and Gregory, 1982). Currently, the

best known orbital period is derived from long-term radio measurements by the Green Banks

Interferometer (GBI) combined with the earlier published radio measurements and reported

to be P = 26.4960± 0.0028 d (Gregory, 2002). In addition to the orbital periodic emission,

there is evidence for a super orbital modulation which has the result that the phases of the

radio outbursts in LS I +61◦303 are not phase-locked with respect to the orbital period. The

super-orbital period is derived to be Psup = 1667 ± 8 d and, for both periods (orbital and

super-orbital), the time of φ = 0 is set to T0 = 2443366.775 JD which is an arbitrary choice

by Gregory (2002) but commonly used in studies of LS I +61◦303 at all wavelengths. So I

adapted these values and they will be assumed in all periodicity discussions, if not explicitly

mentioned otherwise.

The spectral index of the various radio measurements indicate a hard power law which

favors the interpretation of the radio signal as synchrotron emission produced by relativistic

electrons. The process by which the relativistic particles are produced is still debated. A

possible acceleration of particles in a relativistic collimated outflow (jet) is suggested after

European Very Long Baseline Interferometry Network (EVN) and Very Long Baseline Inter-

ferometer (VLBI) radio observations which yield evidence for an elongated emission feature

in LS I +61◦303. This is interpreted as a mildly (v > 0.4c) relativistic jet by Massi et al.

(2001). Additional radio measurements with the Multi-Element Radio Linked Interferometer

Network (MERLIN) on two consecutive days (April 22 and 23, 2001) yielded an elongated



7.2. THE MULTIWAVELENGTH BEHAVIOR OF LS I +61◦303 129

feature of 200 mas scale on the radio map which changed the position between the two mea-

surements. This was interpreted in terms of a possible precessing jet and seemed to confirm

the classification of LS I +61◦303 as a microquasar (Massi et al., 2004).

A much more detailed VLBI observation of a full orbital cycle of LS I +61◦303 conducted

by Dhawan et al. (2006) gives serious doubts about the classification of LS I +61◦303 as a

microquasar. The radio maps obtained yield pictures of a rapidly changing radio morphology

in the source which is not compatible with the classical understanding of jet-like features.

The authors of the measurement suggest that the radio emission displays the deformation

of the pulsar wind by the Be star wind. A slightly corrected1 schema of the emission along

the orbit of LS I +61◦303 is shown in Fig. 7.2. A counter-argument to save the microquasar

scenario is that the VLBI maps show much smaller scales compared to the MERLIN map

which indicates the jet-like feature. So the jet might not be clearly developed at the smaller

scale and might be only identified on larger scales. Furthermore, measurements carried out

as part of a MW campaign with MAGIC and MERLIN on several different days do not

show a jet-like feature (Albert et al. (2008d) and this work). Thus no strong evidence for

a persistent radio jet in the binary LS I +61◦303 is at hand at any scale. Nevertheless, a

final conclusion about the emission from LS I +61◦303 cannot be found by studying a single

wavelength band.

7.2.2 The X-ray behavior of LS I +61◦303

The first discovery of X-rays from LS I +61◦303 was achieved by the EINSTEIN satel-

lite (Bignami et al., 1981). While the identification of LS I +61◦303 as the counterpart of

the newly discovered X-ray source was firmly proven by positional coincidence with the radio

source, no indication of flux variability nor information about the spectral distribution of the

X-rays could be obtained. The first spectral information of the X-ray emission comes from

ROSAT observations between 0.1–2.4 keV (Goldoni and Mereghetti, 1995). These measure-

ments established LS I +61◦303 as a variable X-ray source and reported a hard (Γ = 1.1±0.3)

power law as the best description of the X-ray spectrum. The first simultaneous radio and

X-ray observations of LS I +61◦303 were carried out with the ROSAT satellite and the VLA

observatory (Taylor et al., 1996). An outburst in both energy bands with a duration of ten

days is reported with flux variations of a factor of ten at both energies. The observations

revealed a possible anticorrelation between the radio and X-ray LC since the radio emission

peaks at phase 0.95 while the X-ray peak occurs at phase 0.5.

1The original plot by Dhawan et al. (2006) is produced using the older orbital solution of Casares et al.
(2005).
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Figure 7.2: Shown is the schematic view of the orbital solution of LS I +61◦303 and the
(roughly) aligned VLBI radio contour maps obtained by Dhawan et al. (2006). The black
labels correspond to the orbital phase where the radio images are obtained and the blue
points and labels indicate the periastron passage, inferior and superior conjunction and the
apastron passage. The red ellipse denotes the relative orbit of the compact object while the
relative orbit of the Be star is indicated by a dashed line for a compact object of 4 M� and
dotted for 1.4 M�.
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The ASCA X-ray satellite observed LS I +61◦303 in 1994 with two pointings of each

18–19 ks in the same orbital cycle (Leahy et al., 1997). The obtained spectra are best fitted

by absorbed power laws. The spectral index for the first pointing is Γ = 1.63–1.78 and for

the second pointing Γ = 1.75–1.90 indicating a slight variation in the spectral index. An

upper limit of 9× 10−6 photons cm−2 s−1 for a possible iron line at 6.4 keV is derived.

In several publications, evidence for periodic X-ray emission is reported (Leahy, 2001;

Paredes et al., 1997; Wen et al., 2006) and the derived periods agree, within errors, with

the orbital period. All these observations used the all sky monitor (ASM) instrument on

board of the RXTE satellite. The data set was always only a small subset of the up-to-now

collected data by ASM. A search for periodicity conducted by me in the full data set of ASM

(∼ 13 y) did not yield any significant periodicity. This probably explains why only the first

2.5 y are used in the most detailed periodicity analysis up to now by Wen et al. (2006) and

not the full 8.5 y of data used for the periodicity study of the other X-ray sources in the

same publication. It is also an indication that there is no persistent periodicity present in

the X-ray LC.

More sensitive X-ray observations were carried out in 2002 with XMM-Newton (0.3 −
10 keV) and from 2003 to 2005 with INTEGRAL (Chernyakova et al., 2006). The XMM-

Newton data revealed a variable flux with the highest emission after phase 0.5 to 1.0 and

minimum flux at phase 0.23. The derived spectrum is compatible with a pure power law

and the spectral index is reported to vary with phase. Closer investigation yields indication

that the spectral index softens during the transition between high and low flux states. No

indications are found of a thermal (black body) spectral component or line emission as would

be expected in the case of the presence of an accretion disk around the compact object.

In January 2005 another deep (∼ 50 ks) XMM-Newton exposure was taken and the data

revealed a fast (order of 1000 s) drop in the X-ray flux accompanied by a softening in the

spectral energy distribution (Sidoli et al., 2006). In the same work, archival BeppoSAX data

is published which hints at two different spectral states in the hard X-rays (15–70 keV) as

well. The spectral hardening with increasing flux is most likely present in soft (2–10 keV) and

hard X-rays. The high flux state is found in orbital phases φ ∈ [0.4, 1.0] and thus deviated

from earlier reports of Paredes et al. (1997). Since no correlation between the X-ray spectral

parameters and the super-orbital modulation reported in radio observations could be found,

it is unclear if LS I +61◦303 exhibits periodic X-ray emission or maybe only partly2 periodic

emission.

2see section 5.4.1 for the definition of partly periodic
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Figure 7.3: The left panel displays the X-ray image of LS I +61◦303 obtained from a 50 ks
Chandra exposure. The middle panel shows the expected PSF of Chandra corrected for
the source position in the detector and the right panel shows the residuals after subtracting
the PSF from the LS I +61◦303 image. No clear jet-like structure can be seen; only some
small regions to the NE of the source with low significance (3.2σ) are left after the PSF
substraction. LS I +61◦303 is not resolvable, even for the best available angular resolution
in X-rays. Figure taken from Paredes et al. (2007).

To investigate further the nature of the X-ray emission, the excellent angular resolution

of Chandra was used by Paredes et al. (2007). This measurement gives the up-to-now most

precise dimensional picture of LS I +61◦303 in X-rays. The skymap is shown in Fig. 7.3.

One of the main motivations of this study is the search for small scale hard X-ray jets which

would be likely to be present in the case of the microquasar scenario (see e.g. Punsly (1999)).

Even with the excellent angular resolution of Chandra no hard small scale X-ray jets or other

significant features can be detected. First indications by low significant (3.2σ) X-ray excesses

to the north-east of the source hint at an almost high enough angular resolution to resolve

LS I +61◦303. Unfortunately, no X-ray mission is planned in the near or midterm future

which surpasses the angular resolution of Chandra, so LS I +61◦303 will not be resolved at

X-ray energies for a long time.

One interesting fact of the Chandra data is that a spectral index of 1.25±0.09 is obtained

for the energy range 0.3–10 keV. This is considerably harder than any value measured before

or (up-to-now) afterwards3. This is remarkable since the spectral index is much harder than

the canonical value of 1.5 which would be produced by an electron population following a

power law of index Γ = 2 which is generally the result of shock acceleration.

More recent studies by the Swift XRT camera (Esposito et al., 2007), which are con-

3The earlier measurement by ROSAT yielded an even harder spectral index but the energy range is very
narrow and thus the result affected by larger uncertainties compared to the later measured spectra.
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temporaneous to the MAGIC OC II but are not strictly simultaneous with the MAGIC

measurements, monitored the system over several orbital periods. Again, the spectral prop-

erties of LS I +61◦303 could be well described by an absorbed power law and no indication

of thermal components or line emission are observed. This data is the first sensitive study

over several orbits of LS I +61◦303 in X-rays. Still the statistical errors of the data did

not allow the derivation of meaningful energy spectra for individual observations or phase

bins (∆φ = 0.1). A high X-ray flux is observed in the phaserange φ ∈ [0.5, 0.8] and in

φ ∈ [0.0, 0.1]. The authors report short time variability on a sub-hour timescale which is in

agreement with the previous Chandra and XMM-Newton observations (Sidoli et al., 2006;

Paredes et al., 2007).

To summarize the X-ray observations of the past 30 years, it is evident that LS I +61◦303

is not easy to classify. The system shows clear variable X-ray emission with fluctuations

up to factors of ten but, in general, in the order of three to four within several hours,

as well on timescales of less than 1000 s. While indications for periodic emission were

found in the past, these are not clearly seen in later measurements. The peak emission

is not locked to a specific orbital phase range but yield different results for the individual

observations. Very good agreement is found in the spectral shape and the hydrogen column

density NH ∼ 0.5 · 10−22 cm−2 for the absorption of the X-ray photons. No orbital variation

are found in the column density which is expected if the X-rays are produced in the direct

vicinity of the compact object orbiting the variable photonfields of the Be star (Leahy et al.,

1997; Paredes et al., 2007). This is a pending problem which needs further investigation.

No experiment found X-ray pulsation from a possible neutron star as the compact object

nor is a clear feature of an accretion disc such as a black body component or Fe line emission

seen in any spectrum obtained so far.

7.2.3 The high energy emission from the vicinity of LS I +61◦303

The first report of high energy (E > 100 MeV) gamma-rays from the direction of LS I +61◦303

came from COS B (Hermsen et al., 1977). Due to the large positional uncertainty of the

COS B experiment, the association with the variable radio source was not unambiguous.

The quasar 4U0241+62 is contained in the same field of view and would also have been a

possible counterpart. The more precise measurements by the EGRET instrument on board

the Compton Gamma Ray Observatory (CGRO) also detected a high energy gamma-ray

source (2EG J0241+6119) in the same direction (Kniffen et al., 1997). The better positional

accuracy of EGRET compared to COS B favored LS I +61◦303 as a counterpart for the

high energy emission but could not prove the association. The search for flux periodicity in
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the emission is not conclusive from the EGRET measurements, despite many attempts to do

so (Kniffen et al., 1997). At least a hint for variability could be found after analyzing all of

the data collected by EGRET (Tavani et al., 1998; Torres et al., 2001).

The spectral energy distribution reported by Kniffen et al. (1997) is compatible with a pure

power law with spectral photon index Γ = 2.05± 0.06. The orbital phase averaged integral

flux above 100 MeV is reported to be F = (7.9± 0.5)× 10−7 photons cm−2 s−1 which corre-

sponds to a luminosity of ∼ 2×1034d2
kpc erg s−1 (here dkpc is the distance in kiloparsec). This

means that the luminosity of LS I +61◦303 is considerably higher in gamma-rays compared

to X-rays. There are only two other systems displaying the same behavior and both are

detected in VHE gamma-rays.

At slightly lower energies (1–30 MeV), an excess from the direction of LS I +61◦303

was found by COMPTEL4 (van Dijk et al., 1996). The excess seen in the data cannot be

associated with LS I +61◦303 alone, since the angular resolution of 1◦ leads to contamination

of emission from the quasar 4U0241+62. In addition, only a low significant excess of about

3σ is reported. Thus definite conclusion about the emission mechanism of LS I +61◦303

from the COMPTEL data are difficult to make.

The clear identification of LS I +61◦303 as a gamma-ray emitter had to await the high sen-

sitivity measurements by MAGIC presented in this thesis. Despite the results from MAGIC,

which considerably improve our understanding of the system, it is very important to have an

SED which covers the whole energy range and, if possible, without any gaps. The new high

energy gamma-ray satellite FERMI 5 detected LS I +61◦303 without any doubt as a high

energy gamma-ray emitter. Up to now, a daily LC is available along with some preliminary

results shown at conferences. The LAT instrument on board FERMI is, in principle, sensi-

tive to gamma-ray energies up to E = 300 GeV but the small effective area of the instrument

makes very long integration times necessary to obtain enough statistics to provide meaningful

measurements above 100 GeV. So far, no phase resolved energy spectrum is published by the

FERMI collaboration nor simultaneous measurements with MAGIC performed and thus the

FERMI data cannot be used in this thesis to constrain the emission models of LS I +61◦303.

7.3 VHE gamma-ray observations with MAGIC

The binary system LS I +61◦303 is the most detailed studied binary system with the MAGIC

telescope. The system was observed in three different cycles (spanning from 2005 to 2008)

which I will call observation campaigns (OC). The observation in OC I lead to the discovery

4COMPTEL was a part of CGRO as well as EGRET.
5FERMI was launched after the LS I +61◦303 observations of MAGIC presented in this thesis.
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of LS I +61◦303 as a VHE gamma-ray emitter. The OC II and OC III were conducted to

study the emission properties of the system further. The OC II was mainly motivated to

test for periodicity in the variable emission of the system and the OC III was performed to

obtain the first strictly simultaneous multiwavelength LC and SED.

The observation parameters like the zenith angle (ϑ), observation time, phase coverage,

number of orbital periods observed and the fraction of moon observation time are given in

Table. 7.2.

OC Date Tobs [h] % Tm ϑ [deg] Φ-range #P FADC Mode
I 2005-09 - 2006-03 54 22 32-55 0.1 - 0.8 6 300 MHz ON/OFF
II 2006-09 - 2006-12 112 17 32-44 0.0 - 1.0 4 300 MHz wobble
III 2007-09 & 2008-01 58.8 32.7 32-44 0.4 - 0.1 3 MUX wobble

Table 7.2: The OC number, the observation start and end month, the observation time and
its percentage under moonlight, the zenith angle and orbital phase range covered, the number
of orbital periods observed, the read-out system used and the observation mode.

Most of the data are taken with different hardware setups and observation modes. The

improved hardware setup and performance of MAGIC I after 2007 result in a more sensitive

analysis in OC III compared with the previous measurements. However, the measured fluxes

in OC III are affected by the 12% systematic shift (to higher flux values) compared to the

other OC’s as described in chapter 6.3.

In OC I, the observations are spread over the largest number of orbital periods but

the sampling of each individual orbit is much more sparse compared to the other OC’s.

The reason for this difference is that most theoretical models predicted significant fluxes

around the periastron passage of the compact object and thus the observations are scheduled

around this phase. After failing to detect VHE gamma-ray emission in this phase range

(best periastron value known during OC I φper = 0.23) within three orbital periods, the

observations were extended to higher phase values. With the knowledge about the emission

of OC I the phase coverage of OC II is much better and, for the first time, the system is

observed during all phases but the sampling in OC II is still most dense around the emission

phases found in OC I.

In OC III, the observation time per night is greatly increased during all observations.

This is required in order to be able to derive spectra for individual nights and to reduce the

statistical errors for each LC point. This is vital for the correlation studies of the emission in

different energy ranges. The more detailed observations in OC III are much more sensitive

compared to the previous observations since exploiting the time information improved the

sensitivity by 40%.
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Figure 7.4: The α distribution of the events obtained from LS I +61◦303 in the phaserange
φ ∈ [0.6, 0.7] during OC I is shown as black points. The background sample data with the
same selection cuts applied is shown by the blue region. An excess of 103.5±16.1 events was
observed above a background of 117.5 ± 6.1 events for α < 8◦. The significance with seven
trials (without) is 6.8σ (7.2σ).

7.4 LS I +61◦303 a VHE gamma-ray emitting binary

With the MAGIC observations, VHE gamma-ray emission is reported for the first time from

the HMXB LS I +61◦303. The system is not detected during all of its orbital phases and

the signal is strongest in the orbital phase range 0.6–0.7 (The orbit of a binary is divided

in phases φ reaching from 0.0 to 1.0). The α-Plot (see chapter 5.1.7) for the phase range

0.6–0.7 given in Fig. 7.4 shows a clear detection with 7.2σ significance in tobs = 3.7 h above

an energy of E > 400 GeV. Taking into account the seven trials (one for each orbital phase

bin ∆φ = 0.1 observed in OC I) the significance is slightly reduced to ∼ 6.8σ - which is still

a very significant detection.

The position of the VHE gamma-ray excess agrees excellent with the position of the Be

star of LS I +61◦303 as shown in Fig. 7.5. This establishes undoubtedly LS I +61◦303 as the

source of gamma-rays seen at lower energies by COS B and EGRET.
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Figure 7.5: The significance of the VHE gamma-ray singal obtained from each sky position.
The PSF of MAGIC is shown in the upper right. The emission is point like for the angular
resolution of MAGIC. The position of LS I +61◦303 is marked by the star and agrees excellent
with the VHE gamma-ray source discovered by MAGIC. The plot is obtained from OC III
for the phase range 0.6–0.7.

7.5 The temporal behavior of the integral flux mea-

surements

As described in the previous section, one of the main interests in the observation of LS I +61◦303

is the temporal variation of the emission. The temporal variations are studied in terms of

a diurnally binned LC and an orbital phase binned (∆φ = 0.1) averaged LC. It should be

noted that the effective observation time for each night is different resulting in a non-uniform

sensitivity of the individual LC points. To obtain the LC points, the integral flux above an

energy of E > 400 GeV is extracted from the data. The analysis energy threshold is chosen

a bit higher compared to other mid-zenith angle observations to reduce systematic effects

near the trigger threshold and allow the use of the same threshold for all OC’s. With smaller

systematic effects, the interpretation of the results is more robust and the data from different

OC’s can be compared without possible bias due to threshold uncertainties. For OC III, with

its much higher sensitivity measurements, the LC is derived as well for E > 300 GeV and

a lower cut in S > 250 phe. The higher sensitivity enables a more detailed study of the
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system. The obtained measurements are given in Table 7.3 for the phase-averaged LC and

in Table 7.4 for the diurnal LC for all OC’s. The data partially taken under moonlight con-

ditions is marked by an asterisk and an additional systematic uncertainty of 10% is assumed

for these measurements (see chapter 6.5). This assumption is a very conservative one since

it is based on the investigations of data taken only under moonlight while the affected nights

of the LS I +61◦303 observations were only partially performed in the presence of the moon.

In addition to the data presented in Table 7.4, the values for the analysis above E >

300 GeV are given in appendix A.1. These values are used for the interpretation if no direct

comparison to the previous OC’s is made.

The LC’s for the different OC’s are folded with the orbital phase as derived from the

most precise radio measurements (T0 = 43366.275 MJD, P = 26.4960 d (Gregory, 2002)) are

shown in Fig. 7.6, Fig. 7.7 and Fig. 7.8. The LC’s are derived for the integral flux F (E >

400 GeV) and in addition for OC III above E > 300 GeV (see Fig. A.1 in appendix A.1).

The phasefolding is justified since the TeV emission is periodic (with the orbital period) as

shown in this chapter.

From the LC’s of the different OC’s, it is immediately evident that the highest emission in

the averaged phasefolded LC occurs almost always in the phase range 0.6–0.7. This emission

is seen as an emission peak (outburst) in almost all (five out of six) orbits of the system as

observed in this phase range. The position of the highest emission seems not to be constant

in orbital phase but might shift slightly in the phase range 0.6–0.7, if compared between

different orbits. In addition, the emission flux level is slightly variable between different

observed orbits as well. The sampling of the emission peak might cause some shift in the

emission level but this seems not to be the sole reason for the different flux levels of the peak

emission. If only the sampling would be responsible for the slightly variable flux levels, then

the peak should be exactly at the same phase in all orbits; however this is not the case, as

can be seen from the LC’s if, for example, the last orbit observed in OC I is compared to the

first orbit of OC III.

The emission in the phase range 0.6–0.7 has the shape of an outburst which has a duration

of about 2–4 nights. A detailed determination of the shape of this outburst is not possible

since the sampling is too coarse (consecutive measurements one day apart) and even larger

gaps are present in some orbits due to bad weather conditions. From the individual diurnal

LC’s, it is evident that the maximum flux level is restricted to one night (see e.g. first orbit

of OC II and OC III) and then falling off within one to two days. The determination of

the outburst shape requires the definition of a start- and end-orbital phase of the outburst.

To do so, the deviation between the last baseline flux point of the system and the first flux
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OC I OC II OC III
Orbital Flux Flux UL Flux Flux UL Flux Flux UL
phase 10−12 10−12 10−12 10−12 10−12 10−12

(cm−2 s−1) (cm−2 s−1) (cm−2 s−1) (cm−2 s−1) (cm−2 s−1) (cm−2 s−1)

0.0–0.1 · · · · · · 3.7 ± 2.3 8.5 1.5± 0.9 3.3
0.1–0.2 0.4± 0.9 2.3 0.2 ± 1.2 2.7 · · · · · ·
0.2–0.3 0.9± 0.8 2.5 0.3 ± 0.9 2.2 · · · · · ·
0.3–0.4 1.3± 0.9 3.0 -1.2 ± 2.8 4.3 · · · · · ·
0.4–0.5 3.4± 0.9 · · · 0.7 ± 0.8 2.4 −0.3± 1.0 1.8
0.5–0.6 4.1± 1.2 · · · 3.1 ± 1.0 · · · −0.1± 0.8 1.4
0.6–0.7 10.4± 1.6 · · · 7.9 ± 0.9 · · · 5.7± 0.9 · · ·
0.7–0.8 3.1± 2.7 8.8 4.3 ± 1.2 · · · 0.1± 0.9 1.9
0.8–0.9 · · · · · · 2.8 ± 1.1 · · · 5.1± 1.2 · · ·
0.9–1.0 · · · · · · 0.7 ± 2.0 4.8 3.1± 0.7 · · ·

Table 7.3: The averaged flux and 95% flux upper limits (UL) for fluxes less than 2σ signifi-
cance for the individual OC’s.

point in the outburst must be significant. No baseline flux is detected in VHE gamma-

rays and besides the highest emission, during the outburst in the phase range 0.6–0.7, no

significant (more then 3σ) detections occur in directly adjacent phase bins. While individual

nights outside of the outburst emission do not show significant fluxes the investigation of

the phase bin- averaged LC might reveal a baseline flux. From Table 7.3, it can be seen

that the adjacent phase bins of the main emission bin show a signal in some OC’s while,

in other OC’s, no significant signal is detected. The detected signal significance depends

on the observation time spent for each phase bin in individual OC’s. Still, if one compares

the measurements in the same orbital phases between individual OC’s, some variability is

visible but no base line flux, which should be constant, is detected. Without more sensitive

measurements, it is not possible to determine a baseline flux level. The upper limits in the

phases outside of the main emission (e.g. φ ∈ [0.2, 0.3] or φ ∈ [0.7, 0.8] in OC III) suggest

a much lower baseline flux level when compared to the outburst emission, if it exists at all.

Furthermore, a determination of the FWHM of the outburst requires an even more detailed

sampling compared to OC III and shall be studied in the future with stereo observation by

MAGIC I and II.

According to the orbital solution of the optical measurements on LS I +61◦303 the peak

emission in VHE gamma-rays occurs close to the apastron passage of the compact object.

The other significant detections of the system occur in phases close to the main emission.

A feature only visible in OC III is the high significant (∼ 7σ) emission in the phase range

0.8–1.0 which is not seen in earlier OC’s apart from a sharp peak at phase 0.84 in the last
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orbit of OC II. This might be an indication of some super-orbital modulation of the emission

or that there are additional non-periodic emission components in LS I +61◦303. The higher

sensitivity is an advantage of OC III but the phase-averaged flux for the phase range 0.8–1.0

is high enough to be detected in OC II as well. The phase bin averaged flux measured in

OC II is still compatible with the OC III measurements (see Table 7.3). When comparing the

diurnal LC’s of these phases in OC II and OC III, it is clear that only the night of φ = 0.84

(MJD 54092.92) contributes to the averaged flux in OC II, while in OC III not a single but

several nights contribute to the flux (compare Fig. 7.7 and Fig. 7.8). This provides evidence

that the flux level in the phase range 0.8–1.0 is a time-dependent effect and not linked to the

orbital phase alone. This raises the very interesting question of what mechanism causes the

variability of the emission and whether both components are produced by the same particle

population. This question cannot be solved by the MAGIC measurements alone but needs

additional multiwavelength data, as presented in later sections.

Finally, it is interesting that the system is not detected in the phase range 0.2–0.3 in

which the periastron passage of the compact object occurs. The derived flux upper limits

are below the lowest significant measured flux in the whole orbit and thus any possible VHE

gamma-ray emission around periastron must be below the sensitivity of MAGIC I.

Middle Time Obs. Time Phase Flux Flux upper limit
(MJD) (min) 10−12 10−12

(cm−2 s−1) (cm−2 s−1)

53650.12 99 0.13 0.1±1.1 2.4
53654.12 79 0.28 1.1±2.6 6.4
53655.11 151 0.32 0.4±1.7 4.0
53677.07 151 0.15 -0.4±1.9 3.5
53678.03 106 0.18 1.1±2.0 5.2
53679.03 87 0.22 -1.3±2.4 3.9
53680.06 145 0.26 -0.3±1.8 3.4
53681.04 143 0.29 -1.0±1.9 3.0
53682.04 174 0.33 -0.9±1.5 2.3
53706.01 88 0.24 2.6±2.1 6.9
53706.97 146 0.27 0.0±1.6 3.2
53707.94 72 0.31 2.8±2.1 7.2
53708.97 148 0.35 4.1±1.8 · · ·
53710.98 68 0.43 1.4±2.4 6.5
53736.83 16 0.40 5.1±5.8 17.9
53737.86 81 0.44 1.5±2.2 6.1
53738.84 13 0.48 -1.8±4.6 9.3
53740.96 77 0.56 3.9±2.3 8.6
53763.88 116 0.42 3.7±1.9 7.6
53764.88 116 0.46 4.2±1.9 · · ·
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Middle Time Obs. Time Phase Flux Flux upper limit
(MJD) (min) 10−12 10−12

(cm−2 s−1) (cm−2 s−1)

53765.88 106 0.50 4.6±2.1 · · ·
53766.86 40 0.53 1.0±1.5 4.4
53767.88 97 0.57 5.4±2.2 · · ·
53768.88 104 0.61 11.2±2.3 · · ·
53769.88 66 0.65 4.3±2.3 9.1
53782.90 104 0.14 0.1±1.8 3.9
53783.90 116 0.18 0.4±1.9 4.4
53784.90 96 0.21 2.7±1.9 6.8
53785.89 114 0.25 5.1±2.0 · · ·
53788.89 103 0.37 0.8±2.1 5.2
53789.89 96 0.40 0.8±2.1 5.2
53790.89 95 0.44 5.3±2.4 · · ·
53792.88 83 0.52 3.5±2.3 8.4
53796.88 51 0.67 16.1±3.8 · · ·
53797.88 52 0.70 3.4±2.8 9.4
53798.91 5 0.74 -0.1±8.7 23.8

53993.18∗ 137 0.08 3.7 ± 2.3 8.5
53994.17∗ 112 0.11 0.6 ± 2.7 6.2
53995.17∗ 157 0.15 −2.0 ± 2.2 3.0
53997.15 229 0.23 0.3 ± 1.8 4.0
53998.15 211 0.26 2.0 ± 2.0 6.0
53999.10 133 0.30 5.3 ± 2.4 · · ·
54001.12 82 0.38 −3.6 ± 3.8 5.1
54002.09 188 0.41 2.4 ± 2.3 7.1
54003.08 144 0.45 1.8 ± 2.7 7.2
54004.08 158 0.49 −4.0 ± 2.5 2.5
54005.07 155 0.52 3.0 ± 2.5 8.1
54006.07 162 0.56 1.8 ± 2.7 7.2
54007.08 139 0.60 4.4 ± 2.8 10.2
54008.07 152 0.64 8.8 ± 3.1 · · ·
54009.08 147 0.68 4.4 ± 2.6 9.7
54013.24 7 0.83 0.8 ± 10.7 26.7
54022.10∗ 186 0.17 1.7 ± 2.0 5.8
54023.10∗ 269 0.20 −2.9 ± 1.5 1.4
54024.08∗ 20 0.24 −0.4 ± 7.0 15.2
54029.02 134 0.43 −1.1 ± 2.5 4.1
54030.01 161 0.47 −0.4 ± 2.3 4.2
54031.01 163 0.50 5.9 ± 2.6 · · ·
54032.01 139 0.54 3.4 ± 2.9 9.2
54035.11 150 0.66 12.7 ± 2.9 · · ·
54039.09 93 0.81 −1.4 ± 1.2 1.7
54055.97 181 0.45 4.0 ± 2.2 8.5
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Middle Time Obs. Time Phase Flux Flux upper limit
(MJD) (min) 10−12 10−12

(cm−2 s−1) (cm−2 s−1)

54056.96 223 0.48 −0.2 ± 2.1 4.2
54057.90 66 0.52 3.3 ± 3.8 11.2
54058.90 57 0.56 2.3 ± 3.3 9.2
54060.00 17 0.60 16.5 ± 6.8 · · ·
54061.96 221 0.67 5.9 ± 2.2 · · ·
54062.96 228 0.71 5.5 ± 2.1 · · ·
54063.95 56 0.75 3.6 ± 4.0 12.1
54065.00∗ 71 0.79 4.5 ± 3.8 12.4
54066.02∗ 185 0.82 1.1 ± 2.4 5.9
54067.04∗ 188 0.86 0.3 ± 2.3 5.0
54068.08∗ 77 0.90 −1.5 ± 3.6 6.1
54081.89 17 0.42 −0.3 ± 5.4 12.6
54082.85 77 0.46 2.9 ± 3.7 10.6
54083.88 31 0.50 4.4 ± 5.3 15.9
54084.85 63 0.54 1.5 ± 4.5 10.8
54085.95 111 0.58 2.4 ± 1.4 5.5
54086.95 282 0.61 8.6 ± 1.8 · · ·
54088.01 82 0.65 9.7 ± 3.6 · · ·
54088.95 83 0.69 3.4 ± 2.9 9.4
54089.89 29 0.73 0.4 ± 3.7 9.0
54090.88 176 0.76 3.6 ± 2.2 8.1
54091.90 140 0.80 1.9 ± 2.8 7.6
54092.92 92 0.84 15.6 ± 3.8 · · ·
54093.97 92 0.88 7.0 ± 3.5 · · ·
54095.01∗ 57 0.92 1.1 ± 1.1 4.1
54096.02∗ 49 0.96 3.6 ± 4.4 12.8

54348.15∗ 203 0.47 -0.3±1.0 1.8
54349.16∗ 210 0.51 -0.2±1.2 2.4
54350.14∗ 215 0.55 -1.2±1.3 1.8
54351.16∗ 220 0.59 1.1±1.4 3.9
54352.16∗ 221 0.62 8.4±1.5 · · ·
54353.16 224 0.66 5.3±1.4 · · ·
54354.17 213 0.70 0.6±1.3 3.1
54355.15 172 0.74 -0.4±1.4 2.4
54356.14 149 0.77 0.8±1.7 4.2
54357.15 178 0.81 3.2±1.5 · · ·
54358.15 179 0.85 4.5±1.5 · · ·
54359.15 184 0.89 0.8±1.5 3.9
54360.15 177 0.93 4.0±1.6 · · ·
54361.15 183 0.96 0.8±1.6 4.0
54362.15 189 0.00 -1.1±1.5 2.2
54363.16 139 0.04 1.5±1.7 5.0
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Middle Time Obs. Time Phase Flux Flux upper limit
(MJD) (min) 10−12 10−12

(cm−2 s−1) (cm−2 s−1)

54364.15 196 0.08 2.7±1.2 · · ·
54464.86 131 0.88 2.3±1.7 5.8
54465.86 131 0.92 4.1±1.9 · · ·
54466.87 100 0.95 5.7±2.3 · · ·
54467.86 121 0.99 5.7±1.9 · · ·

Table 7.4: Observation time, orbital phase, integral flux (above 400 GeV), flux upper limit
at the 95% confidence level (given in case flux significance is . 2σ (see (Rolke et al., 2005)).
Nights partly taken under moonlight conditions are labelled with an asterisk. Horizontal
double lines indicate the start of a new OC and horizontal single lines the start of a new
orbital period.
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Figure 7.6: The integral flux above E > 400 GeV of LS I +61◦303 versus the orbital phase
for OC I is shown for each orbit. The lowermost panel shows the averaged integral flux in
phase range intervals of ∆φ = 0.1.
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Figure 7.7: The integral flux above E > 400 GeV of LS I +61◦303 versus the orbital phase
for OC II is shown for each orbit. The lowermost panel shows the averaged integral flux in
phase range intervals of ∆φ = 0.1.
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Figure 7.8: The integral flux above E > 400 GeV of LS I +61◦303 versus the orbital phase
for OC III is shown for each orbit. The lowermost panel shows the averaged integral flux in
phase range intervals of ∆φ = 0.1.
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Flux variability timescales

From the LC’s, it is evident that significant flux variations take place on timescales of about

one day. These fast changes happen mainly around the main emission peak but also in the

case of the second emission peak in OC II’s last orbit. To test the timescales of the flux

variability, LC’s for each observation night are produced with different time binnings and

each LC is fitted by a constant flux and the probability of the derived χ2 computed. The

longer observations in OC III are the best candidates to test variability on timescales of one

to two hours. In the other OC’s, only the longest observations have enough bins to give

reasonable testing conditions. Nevertheless, the higher sensitivity of OC III gives the best

chances of detecting significant variability on short timescales. The LC’s for each OC are

given in appendix A.2, together with their fit values to a constant flux, for 30 min time

binning. Evidence for short time variability are found in the LC’s of MJD 54005, 54035,

54352 and 54357. The criteria for the selection of these days is the total observation time

(at least four points required in the LC) and an overall positive flux level during the night.

LC’s in which only one point shows a larger discrepancy compared to a baseline flux are not

considered since there are example LC’s which show the same behavior only with negative

fluctuations. No short time variability can be proven on simple statistical tests but the

LC of MJD 54352, which is the highest emission measurement of OC III, indicates a clear

flux increase in less than 30 min by a factor of three. The LC is shown in Fig. 7.9. The

probability to obtain a χ2, if all points are fitted with a single constant value, is 10% and thus

not very low. Nevertheless, the LC shows a distinct characteristic between the first five and

last three flux measurements which shows that these indications for short time variability

are likely not to have been produced by chance. No hardware problem or environmental

influences could have caused this rapid increase in flux. The rate is constant within 10%,

which is an excellent value for MAGIC, and the number of stars identified by the star guider

tracking monitor are constant and the number of stars indicate a transparent night. The time

distribution of the two quantities are shown in Fig. 7.10 and they prove that the observed

flux differences are not caused by systematic effects. Nevertheless, to get a final test, without

any doubt, on the short time variability, more sensitivity is needed which will be provided

by MAGIC II operated in stereo mode together with MAGIC I.

7.6 Periodicity searches

In the periodicity search, the full data sample (2005–2008) of LS I +61◦303 is used and

the Lomb-Scargle method applied (as described in section 5.4.2). The STI is chosen to be
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Figure 7.9: The LC of MJD 54352 with 30 minutes time binning. The given fit parameters
correspond to a fit of the complete LC with a constant (black line). The step-like structure
of the LC is clearly evident. The first five measurements are well described by a constant
flux (blue dashed line) and the last three as well - but with a factor of 3 higher flux (red
dot dashed line). The shown vertical errors are statistical only and the horizontal error bars
indicate the bin width of the observation time.
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Figure 7.10: The rate versus the observation run number is shown on the left. The rate is
constant during the whole night within 10% of the average rate. The left panel shows the
number of identified stars by the tracking monitor camera versus the time. The number of
stars is a measurement of the transparency of the atmosphere and the number indicates a
very transparent sky. The saw-tooth shape in the number of identified stars is caused by the
wobble position changes since an unique star field belongs to each wobble position, so the
number of stars can be different for the wobble positions. No other trend beside the wobble
position changes is seen.
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15 minutes to assure equally sized error bars on the flux values. Since the system is known

to be periodic in other wavebands with periods equal or very close to the orbital period, the

search for periodicity in the VHE gamma-ray domain is carried out in two steps.

1. Search in a narrow frequency band around the orbital period, where the test frequency

range is taken as the cumulative 2σ confidence interval of the already established pe-

riodicity frequencies in the other wavebands.

2. A blind search for periodic emission in a larger frequency range [0.00128 d−1,0.25 d−1]

to look for other periodic components in the LS I +61◦303 data set.

In the search around the orbital period, an oversampling factor of ten is chosen to make a

dense sampling of the frequency space to get an accurate frequency position of the highest

power. In the case of the frequency range scan, an oversampling factor of ∼ 5 is chosen. This

guarantees that each peak in the periodogram is still sampled by several test frequencies

but reduces the needed computation time dramatically. The probability of each power in

the periodogram is computed from the cCPF which is given in Fig. 7.11 for the frequency

range scan. The fit parameters of the theoretical predicted function of the post trial cCPF

(F = P (z > z0) ≡ 1 − (1 − e−z)M) to the simulated cCPF yield M = 686 independent

frequencies for the frequency scan. In the search around the orbital frequency, M = 28 is

used which corresponds to the number of frequencies tested.

The errors for the period are calculated conservatively as the independent Fourier spacing;

here, it should be noted that this leads to (slightly) asymmetric error intervals. This approach

to the uncertainty treatment is chosen since the maximal amount of information is present

in the independent frequencies and all oversampling does not add new information. This

can be readily seen as each power peak has the same FWHM regardless of the oversampling

factor6.

7.6.1 The search at the orbital period

In any scenario which might describe the VHE emission of LS I +61◦303 a periodic modula-

tion of the emission with the orbital period is predicted. This is either due to the increased

accretion rate close to the periastron passage or due to absorption effects in the changing

absorbing photon densities along the orbit of the compact object. Thus, due to simple geo-

metric effects alone, a modulation of the emission is possible and indeed a periodic emission

is evident at radio-, infrared-, optical- wavelengths and at least temporarily in the X-ray

6It is assumed that the oversampling is high enough to resolve the peak power, as is the case in this study.
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Figure 7.11: The post trial false alarm probability (cCPF) for the STI of LS I +61◦303 and
a 15 min time binning is shown. The number of tested frequencies in the frequency range
0.00128−0.25 d−1 is 968. The fit by F = P (z > z0) ≡ 1− (1−e−z)M yields 686 independent
frequencies and the cCPF is well described for P > 15 by the theoretical expected function
F . Details about the method are given in chapter 5.4.2

energy band, as described in the previous sections. Thus, it is natural to look for a periodic

emission at the orbital period of the system. The corresponding periodogram obtained by

the Lomb-Scargle method is shown together with the false alarm probability for each peak in

the periodogram in Fig. 7.12. It is evident that a periodic modulation with P = 26.60+0.46
−0.45 d

is present in the LS I +61◦303 VHE data. This modulation is significant since its false alarm

probability is P (z > z0) = 8.5 × 10−9. This test does not provide any information about

the shape of the emission or at which phase it occurs. Since almost no theory predicts a

pure sine wave, the emission can follow any periodic shape. The phase-folded light curve

indeed reveals a relatively confined orbital phase region (0.6–0.7) where the highest emission

is regularly detected as an outburst. The quantitative test shows that this is really a periodic

component in the flux of LS I +61◦303.
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Figure 7.12: The left panel shows the power distribution of the 28 test frequency (oversam-
pling factor 10) and the right panel the corresponding false alarm probability to generate a
peak of at least this height only in the presence of gaussian white noise. The period is found
to be 26.596 days with a false alarm probability of P (z > z0) = 8.5× 10−9.

7.6.2 Scan of a larger frequency domain

In addition to the test for the orbital periodicity, a wider frequency range is scanned to find

possible additional periodic components and verify that the orbital periodicity is the most

significant present.

In this scan, 968 frequencies are scanned in the frequency range 0.00128–0.25 d−1. The

corresponding periodogram and its false alarm probability are given in Fig. 7.13. Besides

the significant peak at the orbital frequency, only very few additional peaks are present and

their false alarm probability is much lower but may still be significant. To test if these peaks

are caused by aliasing of the main component (at the orbital frequency), a sinus function

with the orbital period is fitted to the phase-folded LC of LS I +61◦303 and subtracted from

it. The thus obtained signal subtracted LC is again tested for periodicity. The result of this
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Figure 7.13: The upper panel shows the periodogram for the LS I +61◦303 data on the left
side and, on the right side, the corresponding post-trial false alarm probability (p for each
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data. For further details see section 7.6.2.
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Figure 7.14: The periodogram does not show any significant peak after subtracting a sine
wave with the orbital frequency from the LC of LS I +61◦303. Nevertheless, the LC itself is
not well described by a sinus function as the lower panel shows (χ2/NDF = 24.85/7).
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search is shown in Fig. 7.14 and no significant peak is found in this periodogram.

Thus, no additional periodic component is present besides the orbital one. Of course, the

data has very large gaps between the different observational campaigns and the total time

coverage is too short to test for the super-orbital periodicity found in radio. Taking these

circumstances into account, it might be possible that additional periodic modulations with

periods considerably larger compared to the orbital period are present but can not be detected

in the periodogram due to sparse sampling of the total time interval. The periodogram of

the simultaneously taken background sample is also shown in Fig. 7.13 and does not show

any significant peak in the power distribution. This demonstrates that no periodic effect

during the data-taking such as zenith angle distribution or observation gaps due to strong

moon light can cause the significant peak found in the power distribution of the LS I +61◦303

source data sample.

7.6.3 Conclusions from the periodicity search

The main conclusion from the periodicity search is that a significant periodic modulation

of the signal from LS I +61◦303 is found at its orbital period. The obtained period agrees

well with the measurements of other wavebands, as can be seen in Fig. 7.15. The VHE

gamma-ray emission of LS I +61◦303 does not follow a sine shape, as can be seen from the

orbital phase-folded LC’s presented in section 7.5.

The shape of the emission is a rather narrow peak concentrated at later orbital phases

near or around the apastron. This emission is not the only one found in the LS I +61◦303

LC. Additional significant fluxes are measured at phases later than the main emission phase.

These fluxes were first seen in December 2006 on MJD 54092.92 at phase 0.84. In the next

observation campaign, no such clear feature (like a second peak) is observed but rather a

broader phase range with an averaged signal of about 7σ significance. These additional

significant fluxes indicate that there is not only a periodic emission in the system but either

a non-periodic emission or a periodic one with a different period. Since the additional fluxes

are only found in some orbits and, up to now, only in some orbital phases, they should not

belong to a shorter periodicity compared to the orbital one. A super-orbital modulation is

known to be present in the radio waveband and possibly in the Hα line, with a much larger

period (Pradio = 1667± 8 d). In the radio data, additional emission peaks during one orbit

of LS I +61◦303 are found in certain super-orbital phases. It would be interesting to test if

this behavior is present in the VHE regime as well. The current data does not allow tests

for this and, for solid conclusions, several more years of intense monitoring with MAGIC will

be needed. One indication should be mentioned here: The additional fluxes seem not to be
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Figure 7.15: The periods obtained from different measurements in the various energy bands.
The up to now most precise measurement by Gregory (2002) is marked by the blue line and
only three other measurements agree with it on the one sigma level (two more are almost
compatible on the one sigma level). This emphasizes the fact that most measurements seem
to underestimate their errors. In the work presented here, the IFS is used as the error and
gives a realistic uncertainty.

very regular in their appearance in the LC’s and, especially in the 2007 to 2008 observations,

the additional fluxes appear more often. This might be due to the sensitivity improvement

of MAGIC I (due to the MUX read out) and the longer observation times. An even better

view would have been possible if a target of opportunity observation had not appeared

during these phases and took away one precious hour per night of the observation time from

the LS I +61◦303 campaign. At this time, no definite conclusion can be drawn about the

additional emission in the system but in my opinion it indicates an additional component

which is not regular but might appear only in some phases. The emission of LS I +61◦303

is thus partly periodic according to the definition in chapter 5.4.1.
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OC orbital phase f0 Γ a0 χ2/ndf
[10−12 cm−2 s−1] [TeV]

I [0.6,0.7] 26.7± 3.5stat ± 8.0syst 2.6± 0.2stat ± 0.2syst 0.5 4.56/4
II [0.5,0.6] 1.2± 0.4stat ± 0.3syst 2.7± 0.4stat ± 0.2syst 1.0 1.42/3
II [0.6,0.7] 2.6± 0.3stat ± 0.8syst 2.6± 0.2stat ± 0.2syst 1.0 5.22/5
III [0.6,0.7] 5.8± 0.8stat ± 1.7syst 2.75± 0.21stat ± 0.2syst 0.7 0.71/5
III [0.8,1.0] 41.6± 7.3stat ± 12.5syst 3.37± 0.38stat ± 0.2syst 0.3 6.58/3

Table 7.5: Spectral fit parameters of the spectra extracted from the data of the different
OC’s. The fit function is a power law and the parameters are defined by equation (7.1)

7.7 Spectral properties

The spectral properties of LS I +61◦303 are of great interest since they are related to the

particle acceleration mechanism and particle interactions in the system and give an indication

whether the gamma-ray emission is due to a hadronic or leptonic mechanism.

Since the flux level of the emission from LS I +61◦303 is rather low for most of the

phases, only during the main emission phase is it possible to derive spectra for individual

nights. Thus, it is more convenient to calculate spectra for phase intervals and compare

them. The unfolded spectra from each OC are compared in Table 7.5 and all of them can

be well described by pure power laws of the form:

dF

dE
= f0

(
E

a0

)−Γ

(7.1)

The normalization constant f0 is different for individual OC’s since it is chosen to be at

the energy bin which has the highest significance and which is not the lowest or highest

energy bin. For flux comparisons, it is more convenient to look at the flux tables presented

in section 7.5. The spectrum in OC I differs from the one reported in Albert et al. (2006) but

they are compatible within the errors. The difference is most likely caused by the improved

analysis methods, i.e. the Albert et al. (2006) spectrum is not unfolded since the software for

this task was still under development during the time of the publication. Another difference

is that, in my analysis, a systematic search in the natural binning of orbital phase bins (with

∆φ = 0.1) is carried out while in Albert et al. (2006) more data than contained in this phase

range is summed up and used for the spectrum. This leads of course to different flux values

in the first MAGIC analysis since the flux is not constant in the individual phase ranges.

The spectral indexes in all OC’s in the phase range φ ∈ [0.6, 0.7] are compatible within

errors with each other. The averaged flux value is slightly different in the OC’s but this

can be attributed to the number of sampled outbursts (one per orbit) because either the

emission level can differ between orbits or the maximum of the emission does not coincide
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Figure 7.16: The spectra in the phase range 0.6–0.7 for OC I (blue), OC II (green) and
OC III (red) are shown. The flux in OC I is higher compared to the other OC’s because the
peak emission of the outburst is almost the sole contributor to the average in this OC, while
in the other OC’s many smaller fluxes beside the peak flux of the outburst contribute to the
average (compare Figs. 7.6, 7.7 and 7.8). The spectral index agrees within the statistical
errors for all OC’s.

with a measurement. The spectra are shown in Fig. 7.16. Another interesting question is

if the spectral index depends on the flux level and, consequently, the spectra of individual

nights obtained in individual OC’s are compared with each other. The obtained spectra for

the three most significant nights together with the fit parameters of a power law are shown

in Fig. 7.17. It is clear that the fluxes of the highest emission of the outburst are very

similar and this emphasizes that the difference observed in the phase bin averaged spectra

origins from the sampling of the outburst. The spectral index agrees very well for the highest

emission spectra and does not deviate within the errors from the phase bin averaged spectra.

Thus, no hardness/flux level correlation can be detected with the current sensitivity.

The conclusion from the spectral study is that no significant spectral variation is found

in the phase range φ ∈ [0.6, 0.7] during the three years of observation of LS I +61◦303 with

MAGIC. The remaining question is what about the other phase ranges?. It is not possible

to obtain any meaningful spectrum7 in other phase ranges with ∆φ = 0.1 except in the

phases φ ∈ [0.5, 0.6] in OC II. The fit parameters of this spectrum are given in Table 7.5. No

7At least four significant points should be contained in any meaningful spectrum to be able to fit a power
law to it.
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Figure 7.17: The spectra of three individual nights MJD 54035 (blue), MJD 54086.95 (green)
and MJD 54352.12 (red) of the highest emission in the phase range 0.6–0.7. Flux level and
spectral indices are compatible within the statistical errors. The higher sensitive measure-
ments of OC III (red curve) allow for a lower energy threshold. Note that the normalization
of the flux is different for the red spectrum compared to the other two.

difference is found between this spectrum and the one derived for φ ∈ [0.6, 0.7].

The significant flux in the phase range 0.8–1.0 in OC III is strong enough to derive a

spectrum. This phase range is chosen since the flux in both sub bins φ ∈ [0.8, 0.9] and

φ ∈ [0.9, 1.0] is significant but not enough to produce a spectrum within the smaller phase

binning. The spectrum derived for φ ∈ [0.8, 1.0] yields a very steep spectrum which can be

moderately well described by a power law (χ2/ndf = 6.58/3). The spectrum is shown in

Fig. 7.18 together with the spectrum obtained from the φ ∈ [0.6, 0.7] data of the same OC.

It is evident that the later phase spectrum extends to lower energies compared to the main

emission peak spectrum. Since the same cuts are applied for both spectra, no systematic

differences should be present. The spectral index is not compatible with the one derived for

the φ ∈ [0.6, 0.7] data. The effect of the unfolding suggests an even softer spectrum for the

later phase data (compare Fig. A.10 in Appendix A.3). The relatively large χ2 value of the

power law fit indicates that additional features could be present in the spectrum. Through

investigation of the spectrum, it is evident that the spectral point at E = 500 GeV displays

a lower flux in all unfolding methods (see Fig. A.10) as well as for a shape expected from

a power law. In consequence, another spectral shape given in eq. (7.2) was fitted to the
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(red dot dashed) are shown together with the fit function of OC II φ ∈ [0.6, 0.7] (blue dashed).
The spectral shape of OC III φ ∈ [0.8, 1.0] does not have compatible fit parameters with the
OC III and OC II spectra in the phase range φ ∈ [0.6, 0.7]. This indicates a possible phase
dependent spectrum. For further details see section 7.7.

unfolded spectrum (see Fig. A.9).

dF

dE
= f0 ·

(
E

a0

)Γ1+Γ2 log(E)

(7.2)

The resulting χ2/ndf = 3.77/2 gives a better description of the data compared to the simple

power law fit (χ2/ndf = 6.58/3). In general, this could indicate a spectral hardening above

∼ 500 GeV. Such a spectral hardening could be caused by an absorption process affecting the

VHE gamma-rays or a different physical mechanism causing the VHE gamma-ray emission

above the break energy. Unfortunately the statistical significance of absorption features or

spectral changes cannot be tested with the small data sample at hand. Taking into account

that the systematic effects are strongest at the threshold energy, caution is needed and thus

only a hint of spectral differences between the main emission peak and the later (possibly

non-periodic) emission can be concluded. Here it should be mentioned that the spectral

shape obtained between the same individual OC does not suffer from any spectral systematic

uncertainty.
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Figure 7.19: The HR as defined in the text vs the orbital phase of LS I +61◦303 is displayed
in the left plot and the HR vs time in MJD on the right. No statistically significant trend
is visible. There is some indication of lower HR’s at φ ∈ [0.0, 0.1] but the total number of
measurements is too small for statistical investigation.

Another investigation with less significant measurements can be conducted in terms of

the hardness ratio (HR). The HR is defined as the ratio of integral fluxes as follows.

HR =
F (E > 900 GeV)

F (300 < E < 900 GeV)
(7.3)

The HR is computed for all flux measurements in all OC’s and evaluated if the total flux

(F (E > 300 GeV)) is measured with at least 2σ significance. The lower energy threshold

of 300 GeV is selected for several reasons: Firstly, to get more excess events, second, to

take advantage of the higher sensitivity of OC III and, finally, to be more sensitive to soft

spectral distributions such as those obtained for the phase range 0.8–1.0. The threshold of

2σ guarantees that the most likely signal-containing measurements are investigated and very

few measurements displaying only statistical fluctuations are included.

The HR for all OC’s is shown in Fig 7.19 and no statistically significant trend is seen,

neither if investigated in the different phase ranges nor if compared between the different

OC’s. The HR vs the F (E > 300 GeV) is also derived and shown in Fig. 7.20. The linear

correlation coefficient is r = 0.25+0.16
−0.17 indicating no correlation between the HR and the

integral flux of LS I +61◦303. Further investigations of the HR vs. the integral flux for

individual OC’s or individual phase ranges did not reveal any linear correlation either. The

large error bars and the sparse detections in most phasebins challenge the linear correlation

investigation. More refined methods would most likely not help, since significant measure-

ments are required to produce meaningful HR’s if the spectral difference is not very large.

This can be seen by the large uncertainties in the HR in Fig 7.19 and Fig.7.20.
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Figure 7.20: Shown is theHR vs the integral flux above E > 300 GeV for all OC’s. The linear
correlation coefficient is r = 0.25+0.16

−0.17 indicating no correlation between the two quantities.

7.8 Summary of the LS I +61◦303 measurements by

MAGIC

The detailed study for more than three years of LS I +61◦303 with the MAGIC I telescope

leads not only to the discovery of the VHE emission of the source but gives a much more

detailed picture of the emission than in most other VHE gamma-ray sources. For the first

time a periodic VHE signal could be proven with MAGIC with high significance (post trial

false alarm probability p ∼ 8.5 × 10−9). The derived period 26.6 ± 0.5 d is in very good

agreement with the best orbital period derived for LS I +61◦303. This periodic signal is

evident as an emission peak at the orbital phase range φ ∈ [0.6, 0.7] and cannot be well

described by a sine wave. The VHE emission is best described as a sharp peak with a total

duration of about ∆φ = 0.1. Further study of LS I +61◦303 reveals that the system displays

additional significant emission in the phase range φ ∈ [0.8, 1.0] which might not be modulated

with the orbital period. This emission might be either due to a super-orbital modulation

or be non-periodic. If the emission is super-orbital, the frequency should be much smaller

compared to the orbital frequency since no significant peak is observed in a wide frequency
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scan of the LS I +61◦303 data.

Hints for short timescale variability are found in several nights which cannot be attributed

to systematic effects like weather changes or hardware instabilities. The most compelling hint

is found in the observations on MJD 54352, where the flux rises in less than 30 min by a factor

of more than three. While the errors of the individual flux measurements of 30 min time bins

are too large to give an overall significant deviation from a constant flux (pfab ∼ 10%), the

distribution in two clearly separated flux levels (one formed by the first five and the other by

the last three flux values), gives confidence in a real short-time variability of the emission.

The spectral energy distribution of the emission of the system can be described as a pure

power law for the periodic emission peak with a spectral index of Γ = 2.6±0.2stat±0.2syst. The

spectral energy distribution derived for φ ∈ [0.8, 1.0] in OC III is not well described by a power

law and gives a considerably different spectral photon index of Γ = 3.37 ± 0.38stat ± 0.2syst,

which is not compatible with the spectral index obtained for φ ∈ [0.6, 0.7]. This is an

indication of a spectral difference between the main emissions and the one found in later

phases. Further constraints on the shape of the spectral distribution in the phase range

φ ∈ [0.8, 1.0] need more measurements.

No correlation between theHR and the integral flux level can be found, nor any significant

change of the HR versus time nor in different phase bins. Further studies of the spectral

changes between different phase ranges need higher sensitivity measurements, as will be

provided by MAGIC II operated in stereo mode with MAGIC I.

7.9 Observations of LS I +61◦303 by VERITAS

The VERITAS collaboration observed LS I +61◦303 in 2006 and 2007. The measurements

cover much less orbital phases compared to the MAGIC measurements provided in this

work. For example, VERITAS spent only 45.9 h observation time between September 2006

and February 2007 (Acciari et al., 2008), while MAGIC observed LS I +61◦303 in the much

shorter time span between September 2006 and December 2006 for 112 h. The VERITAS

data show similarity in the detection of the maximum emission around the orbital phases 0.6–

0.7. The spectrum derived by the VERITAS collaboration is obtained from all data between

phases 0.5–0.8 and thus spans a much wider phase range compared to the MAGIC spectra

which average data in the phase ranges 0.5–0.6, 0.6–0.7 and 0.8–1.0. The spectrum obtained

by VERITAS is compatible with a simple power law and the spectral index of 2.40± 0.16stat

agrees very well within the errors with the spectral index obtained in this work. The most
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recently published results of VERITAS on LS I +61◦303 are from observations between 2007

and 2008 yielding additional 20.7 h observation time. The spectrum obtained from this

period has a spectral index of Γ = 2.6± 0.6stat ± 0.2sys and this is also compatible with the

MAGIC OC III spectral index (2.75±0.21stat±0.2syst) presented in chapter 7.7 of this thesis.

7.10 The multiwavelength data

For a detailed understanding of the emission processes in LS I +61◦303 the VHE gamma-

ray data alone is not enough. Only due to the study of the full MW SED can the particle

population(s) be identified and the acceleration and absorption effects at work be revealed.

The importance that the MW data is taken strictly simultaneously implies several prob-

lems. The coordination of several instruments to the same observation schedule is more than

difficult, especially since very sensitive instruments are needed to detect the weak emission

of LS I +61◦303 in order to study it with high enough sensitivity in radio and X-rays. This

makes the competition for observation time difficult, despite its considerable scientific impor-

tance, as shown by the body of related literature. For example the Swift satellite (Gehrels

et al., 2004) surveys the sky in hard X-rays (15–150 keV) with its wide field instrument, the

Burst Alert Telescope (BAT) but BAT’s sensitivity is not high enough to detect LS I +61◦303

in almost any orbital phase. In addition, the PSF of BAT is 17 arcmin and thus generally

contamination by background sources is possible. The same problem applies to the ASM

on board the RXTE which is sensitive to soft X-rays (1.5–12 keV). The PSF of RXTE is

smaller (3 × 15 arcmin) but the sensitivity is 30 mCrab per revolution. This makes it nec-

essary to sum up the measurements of several revolutions to obtain a significant signal from

LS I +61◦303.

This renders the wide FoV X-ray instruments almost useless for detailed studies of

LS I +61◦303 on short timescales. Nevertheless, they can be used to investigate possible

flaring activity which might yield considerably higher (up to factor of 10–100) fluxes com-

pared to the average highest emission in an orbital cycle of LS I +61◦303. Due to their large

FoV, they have a very large duty cycle and a very good chance to detect rapid but high flux

outbursts as reported from other HMXB’s.

The highly sensitive instrument XRT on board Swift is much more sensitive compared

to ASM or BAT. With a PSF of 47 arcsec diameter,8 it is sensitive in the energy range 0.2–

10 keV (for more information see Godet et al. (2009) and references therein). The detector

of the instrument is the same as the XMM-Newton EPIC CCD’s (Holland et al., 1996). The

8The PSF value here quoted is the one from the XRT analysis guide and applied for the LS I +61◦303
analysis presented in this thesis.
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FoV of XRT is only 23.6× 23.6 arcmin which makes pointing observations for LS I +61◦303

necessary. These pointings cannot be obtained too often since the major task of Swift is the

study of GRB’s and thus its natural observation mode is survey and not pointing.

The other very sensitive X-ray detectors are on board of Chandra and XMM-Newton.

Both satellites were used to study LS I +61◦303 simultaneously to the MAGIC observations.

Especially in the case of XMM-Newton a huge amount of observation time (tobs > 150 ks)

was granted but it is still not possible to cover a complete orbital cycle with MAGIC and

any sensitive X-ray instrument simultaneously.

Another very interesting energy range is the radio band in which LS I +61◦303 was

studied in great detail (Gregory, 2002). The system was studied by the RATAN telescope,

MERLIN, VLBA and VLBI during the same time intervals as the MAGIC OC’s. The data

was partially taken strictly simultaneously or at least with small time differences (about

six hours) compared to the MAGIC measurements. In addition, long-term monitoring was

carried out during OC I in radio and the general behavior of LS I +61◦303 in this time span

was analyzed.

7.10.1 X-ray and TeV data

LS I +61◦303 is monitored by the BAT instrument on board the Swift satellite but, due to

the weak flux level of LS I +61◦303 the system is not detected by BAT most of the time.

Phasefolding of the BAT LC with the orbital period of LS I +61◦303 does not show any

significant flux in any phase interval with ∆φ = 0.1.

The XRT LC of LS I +61◦303 is also available at (http://www.swift.psu.edu/monitoring/)

and, phasefolded with the orbital period of LS I +61◦303 is presented in Fig. 7.21. Significant

flux differences between the phase bins are clearly visible. The data sample includes the al-

ready published data but new unpublished data as well. From the description of the general

X-ray behavior of LS I +61◦303 in section 7.2.2, it is apparent that only data which is at least

taken around the same time as MAGIC data can be used for interpretation of the signals

from the two energy bands. The data published by Esposito et al. (2007) is taken in the same

time span as the MAGIC OC II but the individual measurements of Swift are not strictly

simultaneous but a few hours to days apart from the MAGIC observations.

For the correlation study of the averaged phase bin (∆φ = 0.1 binning), I used the data

from http://www.swift.psu.edu/monitoring and not from the paper of Esposito et al.

(2007) since the averaging in orbital phase bins is not convincing for some orbital phases.

The averaged phasefolded LC’s and correlation plot of the X-ray and TeV measurements are

shown in Fig. 7.22. A linear correlation coefficient of r = 0.71+0.16
−0.30 is obtained which yields
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Figure 7.21: All LS I +61◦303 XRT data available at http://www.swift.psu.edu/monitoring
averaged in phase ranges ∆φ = 0.1. Vertical errors indicate the variance of the measured
rates and horizontal error bars indicate the bin width. A broad emission peak for the phase
range φ ∈ [0.4, 0.1] is visible, which is in agreement with other measurements in the same
time interval (from 2005 to 2008).

a ∼ 2σ significance for correlation between the emission bands. Nevertheless, it is evident

from the phasefolded X-ray LC that the high emission phases in the X-ray band correspond

to the phases of LS I +61◦303 detected by MAGIC.

A dedicated multiwavelength campaign was performed to test for X-ray/TeV correlation

during OC II of the MAGIC measurements including the Chandra satellite. Bad weather at

the MAGIC observation site prevented simultaneous data-taking in VHE gamma-rays. The

Chandra measurements are in agreement with previous X-ray observations and LS I +61◦303

is observed in a hard and high flux X-ray state. Further information about the Chandra X-ray

measurements can be found in Albert et al. (2008d).

7.10.2 Simultaneous X-ray and TeV observations

Since a lot of X-ray observations reported short-time variability on timescales of a few ks,

it is necessary to obtain strictly simultaneous data between the different energy bands for

serious correlation studies.

A dedicated multiwavelength campaign was performed in September 2007 comprising
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as the MAGIC OC II by the XRT instrument on board Swift. The lower panel shows the
correlation between the upper panel LC and the phase-folded LC of the OC II taken by
MAGIC. The obtained linear correlation coefficient is r = 0.71+0.16

−0.30.
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MJD tobs orbital phase F (0.3− 10 keV) Γ NH χ2/ndf
[ks] [10−12 erg cm−2 s−1] [1022 cm−2]

54347.202± 0.072 12.4 0.434–0.440 13.8± 0.2 1.87± 0.03 0.517± 0.014 446.2/ 382
54349.140± 0.076 13.1 0.507–0.513 12.4± 0.2 1.66± 0.03 0.504± 0.019 379.8/ 352
54350.199± 0.106 18.3 0.546–0.554 13.3± 0.2 1.66± 0.02 0.514± 0.013 536.5/422
54351.160± 0.099 17.1 0.583–0.590 13.4± 0.2 1.68± 0.03 0.525± 0.015 431.6/ 400
54352.146± 0.085 14.7 0.621–0.627 22.9± 0.2 1.54± 0.02 0.538± 0.012 496.7/ 447
54353.167± 0.084 14.5 0.659–0.665 18.6± 0.2 1.58± 0.02 0.529± 0.013 467.5/ 429
54354.144± 0.082 14.2 0.696–0.702 12.6± 0.2 1.65± 0.03 0.520± 0.015 439.5/ 407
54354.663± 0.073 3.3 0.716–0.722 10.5± 0.8 1.66± 0.16 0.5 (fixed) 5.69/ 14
54355.670± 0.070 2.7 0.754–0.759 13.4± 1.1 1.34± 0.16 0.5 (fixed) 11.59/ 14
54356.671± 0.073 3.3 0.792–0.797 18.6± 1.1 1.34± 0.10 0.5 (fixed) 18.4/ 26
54357.674± 0.073 3.3 0.830–0.835 18.8± 1.2 1.48± 0.13 0.5 (fixed) 12.83/ 20
54358.178± 0.103 3.8 0.848–0.855 19.0± 1.0 1.45± 0.09 0.5 (fixed) 19.06/ 31
54359.951± 0.205 4.7 0.911–0.926 18.1± 0.7 1.55± 0.08 0.5 (fixed) 36.50/ 46
54362.247± 0.237 2.1 0.996–0.014 12.3± 1.0 1.77± 0.18 0.5 (fixed) 5.78/ 11
54363.121± 0.102 2.5 0.034–0.042 13.4± 1.1 1.50± 0.16 0.5 (fixed) 7.33/ 13
54365.530± 0.040 2.2 0.127–0.130 13.2± 1.0 1.45± 0.15 0.5 (fixed) 10.59/ 12

Table 7.6: The log of the X-ray observations: First seven observations are XMM-Newton
and the others Swift.

MAGIC, XMM-Newton and Swift to study possible X-ray/TeV correlation. In addition,

LS I +61◦303 was observed with the VLBI and RATAN radio observatories and monitored

in the optical waveband at the Hα emission line with the Skinakas (1.8 m) telescope.

The MAGIC data taken in OC III during September 2007 has already been described in

section 7.3. The X-ray data taken by XMM-Newton was scheduled prior to this date and,

during the main emission peak (φ ∈ [0.43, 0.70]) in the VHE gamma-rays, sought to obtain

a simultaneous spectral energy density to compose a meaningful SED for the first time.

The Swift data were taken at later orbital phases (φ ∈ [0.72, 0.13]) and are not always

strictly simultaneous to the MAGIC measurements. The data obtained by both X-ray satel-

lites can be found in Table 7.6. The X-ray data analysis is described in chapter 5.3. The

event selection of the XMM-Newton data was performed by Vı́ctor Zabalza while the Swift

data is completely analyzed by me. Due to the low number of events in the spectra obtained

by Swift the column density of hydrogen (NH), which is responsible for the absorption, is

fixed to 0.5× 1022 cm−2 which is a common measured value in X-ray data of LS I +61◦303

as can be seen from the fit to the XMM-Newton data (see Table 7.6).

The LC of both energy bands is shown in Fig. 7.23. It is evident that the high flux peak

in φ ∈ [0.6, 0.7] is prominent and with the same shape visible at both energies. For orbital

phases higher than φ > 0.7 the similarity is not so clear. To get a quantitative measure on

the correlation between X-rays and VHE gamma-rays only strictly simultaneous data are

used. This requirement yields ten points in the correlation graph shown in Fig. 7.24. The

linear correlation coefficient is r = 0.89+0.06
−0.13 with a false alarm probability to obtain it by
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Figure 7.23: The measured integral fluxes by MAGIC (black) and the LC obtained in the
X-ray band (blue) in full points for XMM-Newton and hollow points for Swift measurements.
Especially the emission peak at MJD 54351–54354 is remarkably similar in both wavebands.
The XMM-Newton flux errors are too small to be visible.
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Figure 7.24: The unabsorbed X-ray fluxes vs. the VHE gamma-ray fluxes for LS I +61◦303
obtained strictly simultaneously during September 2007 are shown. The XMM-Newton mea-
surements are shown by black points and the Swift ones by hollow points. A linear trend is vis-
ible which is shown by the fitted straight line. A linear correlation coefficient of r = 0.89+0.06

−0.13

is obtained which provides evidence for a X-ray/VHE gamma-ray flux correlation.
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Figure 7.25: In the upper panel the three spectra of the XMM-Newton EPIC cameras are
shown. The green and red spectra are taken by the MOS-1 and MOS-2 camera and the
black one by the more sensitive pn camera. All spectra are cumulatively fitted by the same
absorbed power law shape. The lower panel shows the residual of all measured spectra from
the fitted absorbed power law.

chance from two independent flat distributed variables of pfap = 6 × 10−4 corresponding to

3.4σ significance. For details on the false alarm probability estimation see appendix A.4.

Thus, for the first time an evidence for correlation between X-ray and VHE gamma-ray flux

can be revealed in LS I +61◦303.

To further study the simultaneous emission of LS I +61◦303 an SED has been constructed

from the X-ray measurements of XMM-Newton and the VHE measurements of MAGIC in

φ ∈ [0.6, 0.7]. The restriction on these phase range is needed since the MAGIC measurements

show hints of a spectral difference between the different phase intervals. A spectrum for only

simultaneous data in later phases cannot be constructed from the MAGIC data. Furthermore,

a non-negligible difference in the spectral slope of the XMM-Newton data is evident for the

individual measurements in the phase φ ∈ [0.6, 0.7]. Due to this spectral variation, only

data from MJD 54352 is used in the SED. The derived XMM-Newton spectrum for this day

obtained by all three EPIC cameras (MOS-1, MOS-2 and pn) is shown in Fig. 7.25, the

MAGIC VHE gamma-ray spectrum is shown in Fig. 7.17 in chapter 7.7.

The SED is shown in section 7.11 together with simultaneous radio data. A very in-
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teresting question is which acceleration mechanism is at work? Is the relativistic emission

caused by leptons or hadrons? The flux correlation alone (with zero time shift) indicates

that both emission processes happen at the same time. This can be concluded because no

strong absorption in the system is visible in X-rays or in the VHE gamma-ray emission. It is

interesting to note that the flux during the phase φ ∈ [0.6, 0.7] is ∼ 11× 10−12 erg cm−2s−1

for VHE gamma-rays and thus is a factor of ∼ 2 lower than the X-ray flux. For the highest

emission (shown in the SED) during the MW campaign, the fluxes in both energy regimes

are about the same level. The difference between the flux level of the two energy bands

leads to further constraints on the emission process. In times prior to the MAGIC discov-

ery of VHE gamma-ray emission from LS I +61◦303 the X-ray emission was described by

inverse Compton up-scattering of synchrotron photons at radio energies by the same rela-

tivistic electrons which produced the synchrotron emission or by inverse Compton scattering

of stellar UV photons. It is difficult to explain the two times lower (or same) flux at TeV

energies compared to the X-ray flux if both emissions are produced due to inverse Compton

up-scattering by the same particle population. The reason for this is that the IC cooling is

much less efficient in producing X-rays compared to TeV photons and thus the X-ray flux

should be lower compared to the VHE gamma-ray flux if IC upscattering is responsible for

both emissions. Since a correlation between the fluxes is seen in both energy domains, it is

more likely that the X-rays originate from synchrotron emission of relativistic electrons and

the same electrons produce by IC upscattering of lower energy photons the VHE gamma-ray

emission. Nevertheless, it is not possible to prove that the VHE gamma-rays are produced

by the same particle population as the X-rays and only in this case the former argument

holds true.

7.10.3 Simultaneous radio and TeV observations

The multiwavelength campaign during OC II includes data taken by the VLBA, EVN

and MERLIN radio telescopes. The VLBA and MERLIN data coverage was restricted to

25th/26th and 26th/27th October 2006. Additional MERLIN data was taken in November

2006 (16th to 20th) and high resolution EVN data is available for 26th October. Thus, not

all data were taken simultaneously with the MAGIC telescope data but on 27th October and

16th - 19th November 2006 the data is simultaneously obtained. The MAGIC observations

were performed in the main emission phase of the VHE emission in LS I +61◦303 in October

and a peak flux of F (E > 300 GeV) = (17±4)×10−12 cm−2 s−1 was measured. The MAGIC

data from November were taken in an earlier phase range (φ ∈ [0.44, 0.56]). The radio flux

level is rather low in the October data and in November, when the flux measured by MER-
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Figure 7.26: The measurements in the radio energy band and at X-ray and VHE gamma-rays
from the MW campaign in 2006 (OC II). The vertical error bars show the timespan of the
observations. The color-coded identification of the different experiments is given in the inset.
The figure is adapted from Albert et al. (2008d).

LIN reaches a higher radio flux level, LS I +61◦303 is not detected in VHE gamma-rays

by MAGIC. Thus, no correlation is seen between the two energy bands. The sensitivity of

the MAGIC measurements is not high enough to test for possible anti-correlation as found

between the radio/X-ray emission of LS I +61◦303. The radio LC together with the MAGIC

and Chandra measurements taken in 2006 are shown in Fig. 7.26. A detailed investigation

of the MERLIN radio images revealed no jet-like feature in any observation. This excludes

the presence of a persistent radio jet on the ∼ 100 mas scale.

In the strictly simultaneous MW campaign in 2007 (MAGIC OC III), additional radio

data was taken by the VLBA and the images shown in Fig. 7.27 indicate no jet-like feature

either. A spatial change of the peak emission position with the orbital phase is evident.

This changing peak position is already observed in Dhawan et al. (2006) and in the 2006

multiwavelength campaign. This presents a strong evidence that no persistent radio jet exists

in the system and no temporal jet when LS I +61◦303 emits VHE radiation. The MAGIC

and VLBA light curves are shown in Fig. 7.28 and indicate no correlation between the two

energy bands, in agreement with the results of the previous campaign. It is interesting that

the time evolution of the flux is different for the 8.4 GHz and the 4.9 GHz frequency band.

7.11 The spectral energy density of LS I +61◦303

With the multiwavelength campaign presented here, a simultaneous SED can be computed.

The strictly simultaneous data from MJD 54352.16 is used for the X-ray and TeV energy

domains. In the radio waveband there is no strictly simultaneous data taken but the VLBA
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Figure 7.28: The red solid points indicate the 8.4 GHz VLBA measurements, while the red
open circle shows those for the 4.9 GHz energy band. The black triangles are the MAGIC
VHE gamma-ray measurements. No correlation between the radio and the VHE domain
could be observed. The VLBA data reduction was carried out by Javier Moldón.



7.12. INTERPRETATION OF THE LS I +61◦303 OBSERVATIONS 173

E [eV]

-610 -410 -210 1 210 410 610 810 1010 1210 1310

 ]
-1

 s
-2

EF
 [e

rg
 c

m

-1510

-1410

-1310

-1210

-1110

-1010

MAGIC
XMM-Newton
VLBA
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be visible. The blue lines show the X-ray spectrum and uncertainties obtained from XMM-
Newton measurements, the black points the MAGIC data. The X-ray and VHE gamma-ray
data were taken at the same time (MJD 54352.16) and the radio data about half a day earlier
(MJD 54351.44).

observations were performed only half a day earlier (MJD 54351.44). As can be seen from

Fig. 7.28, no strong variability is indicated around this time at radio energies.

The SED is shown in Fig. 7.29. Compared to previous measurements, the X-ray and the

TeV flux are not extremely high during the peak emission (here at phase φ = 0.62) of the TeV

outburst but well within the previous measurements in this phase range. This simultaneous

SED is the new benchmark to test all models describing the multiwavelength spectrum of

LS I +61◦303.

7.12 Interpretation of the LS I +61◦303 observations

Two types of possible scenario exist which might explain the non-thermal emission of LS I +61◦303:

One is the accretion-powered microquasar scenario, the other the rotationally powered pul-

sar wind scenario. Both models have quite a number of sub-models to describe the various

features of the emission from the system.
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MAGIC detection MAGIC detection

Figure 7.30: The predicted luminosity (L) versus the orbital phase (left) and versus the
photon energy (right) for the hadronic microquasar scenario of Romero et al. (2005). The
solid line shows the luminosity with absorption and the dashed gives the unabsorbed value.
In addition the detection of MAGIC in OC I is shown in cyan. It is clear that the predicted
emission level differs significantly from the detected. The figure is adapted from Romero
et al. (2005).

With the detection of LS I +61◦303 as a VHE gamma-ray emitter, some models could

be readily excluded since they predicted the emission in completely different orbital phases.

After the publication of the OC I data (Albert et al., 2006), the models are adapted (or

new models created) to describe the emission at the correct phases9. Here, I will discuss

the impact of the VHE gamma-ray data on the various model types. Several models need

revision to explain the correct emission profile of the multiwavelength data of LS I +61◦303.

This shows how the data presented in this thesis contributes to the understanding of the

emission and absorption processes in the system.

7.12.1 The microquasar scenario

Prior to the detection of LS I +61◦303 as a VHE gamma-ray emitter, the system was predicted

in the frame of a hadronic microquasar model to produce TeV particles by Romero et al.

(2005). The model assumes that relativistic protons present in a jet would interact with cold

protons from the stellar wind. The jet is powered by accretion from the dense circum-stellar

disc of the Be star. The predicted luminosity vs. the orbital phase and vs. the gamma-ray

energy is shown in Fig. 7.30. According to the model, the predicted flux level (solid line in

Fig. 7.30) should be highest around periastron and considerably lower at the phases where

the maximum emission is detected by MAGIC. In addition, a rather sharp cutoff is predicted

9The original published data by Albert et al. (2006) detects the highest flux at φ ∈ [0.5, 0.6], see section 7.5
for the discussion of this measurement
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for the energy spectrum which is also not observed in the data taken with MAGIC. This

leads to the exclusion of this model.

After the MAGIC measurements became public, the model was modified by applying a

more realistic absorption scenario, taking into account the various features of the Be star

wind (see Dubus (2006a)). In addition, the compact object changed to a 2.5 M� black

hole (before a 1.4 M� accreting neutron star) and the power law energy spectrum of the

relativistic jet protons was softened to Γ = 2.5 to match the VHE gamma-ray spectrum. For

further details on the modified model see. (Orellana and Romero, 2007). In this model the

spectral energy distribution can be matched to the MAGIC measurement but again a two-

peaked emission is predicted where a broad peak is around phase φ = 0.5 and a lower one at

periastron. The MAGIC OC II provided additional data with high sampling of the periastron

passage and the other phases and did not detect the predicted flux level. Furthermore, the

highest emission is undoubtedly detected for φ ∈ [0.6, 0.7]. These facts reject the modified

model by Orellana and Romero (2007) as well. One effect possibly contributing into wrong

predictions of the model might be that the orbital solution from Casares et al. (2005) is used

because the significantly different and more accurate parameters measured by Aragona et al.

(2009b) were not yet available.

Another type of microquasar model describes the non-thermal emission from LS I +61◦303

in terms of a leptonic emission. The variability is - the same scenario as in the hadronic case

- caused by the variable accretion rate and the opacity of the surrounding medium. The

VHE gamma-rays are produced by IC upscattering of stellar disk and polar wind photons

by the relativistic jet electrons. The accretion model of Marti and Paredes (1995) is used

to calculate the accretion rate and the polar wind dominates the accretion for most of the

orbital phases apart from the periastron passage where disc accretion is highest. The injected

jet luminosity is ∼ 1/1000 of the total accreting luminosity and thus not high but reasonable.

The predicted model fluxes in the different energy ranges are shown in Fig. 7.31. For details

on the model parameters and calculations, see Bosch-Ramon et al. (2006). The predicted

LC differs significantly from the measurements in all three MAGIC OC’s. Especially the

significant detection for phases 0.8–1.0 in OC III and the fact that the maximum flux level

takes place in the phase range 0.6–0.7 render the model incompatible with the measurements.

Another effect which should be taken into account is the production of secondary gamma-

rays by either secondary pair creation (from electrons) or due to IC e± cascading of the VHE

gamma-rays propagating through the binary system. In terms of a microquasar scenario,

these secondary gamma-ray production mechanisms have been considered to explain the lower

energy (radio to MeV gamma-rays) emission in hadronic interaction mechanism (Romero
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Figure 7.31: The upper panel shows the normalized accretion rate prediction in LS I +61◦303
and the other panels from top to bottom show the predicted LC’s for VHE, HE gamma-rays,
X-rays and radio emission. In the VHE LC, the phases of LS I +61◦303 detected by MAGIC
in OC I (blue) and in addition in OC III (orange) are indicated. The prediction does not
agree with the measurements (see Fig. 7.6 to 7.8). Figure adapted from Bosch-Ramon et al.
(2006).

et al., 2005). Further work on this topic takes the IC cascading into account as well (Orellana

et al., 2007). The IC cascading due to the propagation of the VHE gamma-rays was first ap-

plied by Bednarek (2006b) to predict the VHE and HE gamma-ray emission of LS I +61◦303

prior to the MAGIC detection. Remarkably, the highest flux in VHE gamma-rays is pre-

dicted at a phase 0.2–0.4 later than the periastron passage. This is at least close to the

phases where the highest flux is measured. A more detailed modelling of LS I +61◦303 is

presented just after the MAGIC detection (Bednarek, 2006a). This microquasar model can

at least describe the dominant emission at the right phase range of OC I but it remains an

open question if the emission in the other phases detected in OC II and OC III with MAGIC

can be described as well, especially the possible spectral shape difference. In the descrip-
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tion of Bednarek (2006a), the multiwavelength behavior is also discussed but the data is

not taken simultaneously and, thus, it is not conclusive if it really does describe the correct

multiwavelength emission. This model is a good candidate for describing the emission of

LS I +61◦303.

Another candidate for a reasonable description of the broadband emission of LS I +61◦303

is the SSC microquasar description of Gupta et al. (2006) which was adapted to the geometry

of LS I +61◦303 and included full Klein-Nishina cross-section calculation to describe the

emission (Gupta and Böttcher, 2006). In this model, electrons are injected with a power

law energy distribution and produce synchrotron emission, which is then upscattered by the

same electrons to VHE gamma-rays. The additional Compton scattering of the isotropic wind

from the Be star is taken into account as well. The authors describe the highest flux orbital

phase of LS I +61◦303 well and predict a global flux minimum at the superior conjunction

(φ = 0.16) of F (E > 400 GeV) ∼ 2.2×10−12 photons cm−2 s−1. This flux is compatible with

the upper limit of the MAGIC OC I data. The MAGIC OC II has the lowest upper limit

around periastron and it is exactly at the predicted level. This restricts the model already

and makes it necessary to calculate the precise model prediction for periastron to check if

the model is still valid. The fit to the MAGIC data yields several model parameter values, of

which the most interesting is the electron spectral index of Γe = 1.7. Such a spectral index

cannot be produced by first order Fermi acceleration (Gallant et al., 1999; Achterberg et al.,

2001) and this would imply that shear acceleration (Rieger and Duffy, 2004) or second order

Fermi acceleration (Virtanen and Vainio, 2005) plays a vital role in LS I +61◦303. Several

important effects are not taken into account in the model such as the variable accretion rate

and the emission of the circum stellar disc. The authors of this model say that this is an

advantage but calculations by the other microquasar models clearly show the importance of

these effects (see the previous descriptions and figures). To get more realistic fit parameters

the variable accretion rate and circum stellar disc emission should be taken into account and

the simultaneous SED as presented in Fig. 7.29 be fitted.

It should be noted that all models described until now use the orbital solution of Casares

et al. (2005) which is not the most precise one presently available. The exact orbital pa-

rameters are especially important for the cascading process and the propagation of the VHE

gamma-rays (with respect to the angle of the observer) to predict correctly the LC and spec-

trum of LS I +61◦303 (see e.g. Bednarek (2006b) and references therein). In addition, most

models tried to describe the system with the maximum emission at φ ∈ [0.5, 0.6] because

the MAGIC publication showed the highest flux in this phase bin. According to the data

presented in this thesis which is analyzed using the latest improved software and further
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developed analysis tools - such as the unfolding and signal extraction - the highest emis-

sion phase range is given by φ ∈ [0.6, 0.7] for all observations. Nevertheless, apart from the

models of Bednarek (2006a) and Gupta and Böttcher (2006), fundamental differences are

found between the measurements and the predictions. In consequence, all other microquasar

scenarios described here can be excluded in their current versions.

To check if the model by Bednarek (2006a) can describe the emission of LS I +61◦303

along the complete orbit of the compact object, a detailed calculation with the new orbital

solutions should be done taking into account the spectral difference as well, since possible

short time variability should be explained in VHE gamma-rays. Following their work in 2006,

Gupta and Böttcher might like to take the important effects of accretion rate variability and

circum stellar disc emission into account to produce a more realistic and complete picture

of LS I +61◦303. Finally, any model which is able to explain successfully the presented

SED would be an important achievement in the process of understanding the emission of

LS I +61◦303. Of course, it might also be necessary to develop models with more than one

particle population to account for the multiwavelength spectrum of LS I +61◦303.

7.12.2 The pulsar wind scenario

The pulsar wind scenario explains the emission of LS I +61◦303 by the interaction of the

pulsar wind with the stellar photons of the Be star. There are several different types of

models which try to explain the various emission features observed at different wavelengths

in LS I +61◦303. Most of the predictions are negated following the detection of VHE gamma-

rays from the system by MAGIC. More elaborate theories are now available which strongly

endeavor to match not only the lower energy emission but the MAGIC measurements as well.

The absence of clear microquasar signatures in LS I +61◦303 makes the pulsar wind scenario

more likely but there are still problems to explain the details of the MAGIC measurements

and the radio and X-ray behavior in one consistent model. In this section, I will describe

the interpretation of the VHE emission under the assumption of the pulsar wind models and

show where the MAGIC measurements can place severe constraints on the model parameters

- or even exclude some scenarios.

The basic description of variable emission in the high energy gamma-rays could be due to

photon-photon absorption. The optical depth for VHE gamma-rays depends on the stellar

photon field as a function of orbital phase. Here, all the orbital parameters play a vital role

and, since they are at least partially exposed to uncertainties, it is a challenging task to

describe the VHE gamma-ray propagation. A simple absorption scenario which predicted

the VHE gamma-ray emission along the orbit of the compact object is given by Dubus
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MAGIC
energy range

Figure 7.32: The left plot shows the optical depth against the orbital phase in LS I +61◦303
adapting the orbital solution of Grundstrom et al. (2007) and setting the period of the
periastron to φ = 0. The red lines are for inclination 60◦ (pulsar) and the black one for 20◦

(black hole). Solid lines are for 100 GeV, dashed for 1 TeV and dotted for 10 TeV gamma-
rays. The MAGIC detection is shown by the blue shaded region for OC I and by the green
shaded region for OC III. The right plot shows the optical depth versus energy in case of
i = 60◦ and for three different orbital phases. The energy range of the MAGIC measurements
is indicated by the blue shaded region. For the interpretation see section 7.12.2.

(2006a). The prediction shows only significant absorption around the periastron passage of

the system (see Fig. 7.32). If the source of the VHE gamma-rays is a constant emitter and

only absorption would cause the variation in the flux level, then the system should show a

broad constant emission interval and would only be undetectable in a narrow phase range

around periastron. This scenario is clearly incompatible with the MAGIC measurements

presented here.

The emission from the termination shock

When the stellar wind hits the pulsar wind, a termination shock is produced between both

winds. Where this termination shock takes place depends on the orbital solution of the system

and the strength of the stellar and pulsar winds. The stellar wind has two components in

LS I +61◦303, the disc wind and the polar wind. Besides a small phase range around the

periastron passage, the isotropic polar wind dominates the total stellar emission. The place

of the termination shock is calculated e.g. by Sierpowska-Bartosik and Torres (2009).

The geometrical location of the termination shock for the orbital solutions of LS I +61◦303

derived by Grundstrom et al. (2007) is shown in Fig. 7.33.

The first model of the emission from LS I +61◦303 assuming a pulsar wind scenario

was published by Maraschi and Treves (1981). They assumed a young relativistic pulsar
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shock front

pulsar orbit

Figure 7.33: The location of the termination shock (red-dotted line) for the Be star rest
frame in LS I +61◦303 calculated by Sierpowska-Bartosik and Torres (2009). The x- and
y-axis scale is given in units of R?. The Be star is indicated by the blue circle. The shape of
the termination shock is not shown.

and calculated that the loss of rotational energy could power the emission from radio to

gamma-rays. No HE gamma-rays were detected during this time.

More recently, a pulsar wind model is suggested to describe the whole broad band spec-

trum, including the MAGIC OC I data by Chernyakova et al. (2006). The model assumes

that the radio signature is produced from synchrotron radiation of electrons and the X-ray

emission by the same electrons due to IC upscattering of UV stellar photons. The electrons

are suggested to possess energies larger than 100 MeV to explain the broad band shape of

the spectrum. The authors suggest that these electrons are produced in interactions of ener-

getic protons, accelerated at the termination shock, with cold protons from the stellar wind.

The resulting pions from the hadronic interaction (p + p → π0 + π+ + π−) would decay to

electrons and gamma-rays. The lower energy threshold for the electrons is needed to account

for emission on a long enough timescale. If the energy is smaller, then the cooling time would

be too short. In this model, the hadronic interaction would produce a significant if not the

dominant part of the VHE gamma-rays. No detailed LC or spectra for the individual orbital
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Figure 7.34: The orbital solution of LS I +61◦303 with the parameters derived by Grundstrom
et al. (2007). The polar wind clumps are shown in grey and the darker grey circles represent
the clumps shocked by the pulsar wind. In addition, the Be star is indicated by a yellow
circle and the circum stellar disc around it by a cyan circle. The pulsar, its wind as well
as the termination shock formation expected from a isotropic stellar wind (dotted line) are
shown in orange. The escape directions and speed of the wind clumps is illustrated by the
arrows attached to them. The figure is a modified version taken from Zdziarski et al. (2008).

phases are predicted in this model and the data used is not simultaneously taken, thus giving

no evidence if the combined spectral distributions in their SED can occur in reality.

Another pulsar wind model, which might be able to describe the short time variation in

both X-rays as well as in the VHE gamma-rays, is the clumped wind model. This type of

scenario was first suggested by Zdziarski et al. (2008). In this type of model, the orbital

geometry is not the sole reason for variability: The polar wind of the Be star is clumped

and thus mixes with the pulsar wind; the electrons of the pulsar wind can be trapped in the

magnetic inhomogeneities of the polar wind clumps, causing fast X-ray variability. Notice

that, in this model, the TeV emission is produced by a compactified pulsar wind nebula which

is formed after the termination shock and extends on scales of one AU (roughly the system

dimensions) (Neronov and Chernyakova, 2007). The clumpy wind will result in an irregular

termination shock instead of a smooth bow shock shape. An illustration of the system and

the clumpy wind interaction is shown in Fig. 7.34. No detailed TeV emission LC along the

orbit of the compact object is provided by the authors nor any spectral energy distribution.

The problem is that the detailed shape of the bow shock geometry is not known which

prevents detailed calculations in the case of the clumped wind. Nevertheless, it is shown



182 CHAPTER 7. OBSERVATION OF LS I +61◦303

that the gamma-ray emitting plasma can flow along the contact surface of the bow shock

and thus can be considerably boosted in the direction of the absorber. Furthermore, two

maxima are expected in the TeV emission as one of them is almost completely absorbed by

γγ-absorption. So at least as qualitative an LC as detected by MAGIC (one highest emission

peak) can be explained by the model and it has promising capabilities to describe short-time

variation in the flux level.

The emission from the free pulsar wind

VHE and HE gamma-rays cannot only be produced in the termination shock of the pulsar

wind but in the free (unshocked) pulsar wind as well. In the free pulsar wind, the production

of the VHE gamma-ray is caused by inverse Compton scattering of soft photons by the

mono-energetic electrons injected by the pulsar: This would result in an emission line-like

feature (Cerutti et al., 2008). For LS I +61◦303 such a feature cannot be detected in the

spectrum and the strongest constraint on a contribution of the free pulsar wind to the total

VHE and HE emission comes from the MAGIC measurements. Furthermore, the emission

should be strong around the periastron. The non-detection of LS I +61◦303 at the periastron

in VHE gamma-rays suggests that, in the case of the pulsar wind scenario, the emission

probably comes from the shocked wind. In the case of the shocked wind, the shock occurs

much closer to the neutron star at the periastron passage and, thus, the much higher B

field leads to higher synchrotron losses and explains a possible cutoff at VHE’s. The missing

signature of a free pulsar wind in the VHE measurements of LS I +61◦303 places the pulsar

wind scenario in some trouble but it does not exclude it. The stripped wind model in which

the free pulsar wind remains highly magnetized up to the termination shock would give

different signatures. For a description of the striped wind model see Kirk et al. (2007) and

references therein.

It should be mentioned that the free pulsar wind might consist of non-mono-energetic

particles, as suggested by Sierpowska-Bartosik and Torres (2008). In their scenario, the free

wind cannot be distinguished from the shocked one and no line-like feature would occur. A

drawback is that the model cannot explain the lower energy X-ray and radio emission, since

most of the pulsar energy is carried by hadrons to match the pulsar wind requirements to

explain the TeV emission. Maybe cascading into secondary pairs within the stellar wind can

explain the lower energy emission such as the radio outflow seen in the VLBA measurements

as suggested by Bosch-Ramon et al. (2008). Nevertheless, if the complete emission is pro-

duced by the free pulsar wind with a power law energy distribution of the electrons, then

the high emission would be expected around the periastron.
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More detailed investigations of the free pulsar wind VHE gamma-ray production and the

absorption effects present in LS I +61◦303 with respect to the geometry of the system are

performed by Sierpowska-Bartosik and Torres (2009). The pulsar wind model is based on

their earlier work (Sierpowska-Bartosik and Torres, 2008) and a power law electron spectrum

with spectral index α = 2.6 is assumed to be present in the free wind. The free pulsar wind

is seen by the observer for most of the orbital cycle as an unshocked wind and so only the

free wind is investigated in this model. The new geometrical parameters of LS I +61◦303

obtained by Aragona et al. (2009a) are not yet considered in this model but they are closer

to the Grundstrom et al. (2007) values than the Casares et al. (2005) parameters. The cal-

culations of the model are performed for both orbital solutions published up to 2008. A

two-component wind model of the Be star is assumed, which takes into account the slow

massive (dense) wind of the circum-stellar disc and the isotropic, fast and less massive polar

wind. The calculated optical depth along the orbit of the compact object predicts no signif-

icant absorption beside the periastron passage. The quantitative behavior depends on the

details of the orbital solution. It is possible with this model to describe the spectrum and

light curve obtained in OC II by MAGIC if the normalization is increased by 5%. According

to Sierpowska-Bartosik and Torres (2009), it is not a problem to obtain higher flux values

in phases where MAGIC detected LS I +61◦303 only with marginal significance. To show

the different behavior in VHE gamma-rays in the phases around the outburst, the more

sensitive measurements of OC III are added to the model LC and shown in Fig. 7.35. From

this figure, it is evident that the emission just before or around the periastron is already

above the upper limits derived from the MAGIC measurements presented in this thesis. The

more sensitive OC III measurement in the other phases should be described by the model

as well; a description of the somewhat different spectral shape in the phases 0.8–1.0 would

provide further confidence in the model. It will be very interesting to see if the model can

describe these features as well. One possibility to improve the model would be to include

the termination shock emission in the scenario.

The indication for a spectral change of the VHE gamma-ray spectrum in the later orbital

phases (φ ∈ [0.8, 1.0]) found in the MAGIC data might possibly indicate a contribution

by the shocked pulsar wind. Since the free pulsar wind model does not give any prediction

about spectral changes in the VHE photon spectrum along the orbit, a second spectral shape

produced by the shocked pulsar wind overlaid with the free pulsar wind might explain the

observed spectrum presented in section 7.3. More detailed measurements by MAGIC II could

give vital input for the testing of the model. Up to now, the rather coarsely defined shape
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Figure 7.35: The left plot shows the spectral energy shape predicted by the free pulsar
wind model with power law energy distribution for the Grundstrom et al. (2007) (green)
and Casares et al. (2005) (black) orbital solutions. The dashed lines represent the model
prescription with a 5% increased normalization. The data points are the unfolded energy
spectrum of the MAGIC OC II measurements in the main emission phase. The right side
shows the light curve but, in addition to the OC II measurements of MAGIC (red points
more than 2σ, grey ones less than 2σ), the measurements of OC III are added in blue points
which lead to further constraints to the LC compared to the data available when the model
was published.

of the VHE gamma-ray spectrum in the phases φ ∈ [0.8, 1.0] could not be used as a detailed

constraint to the model but it should encourage the investigation of the contribution of the

shocked wind for the later orbital phases.

Another possible flaw of the model by Sierpowska-Bartosik and Torres (2009) might arise

from the indications of short-time variability found not only in the X-rays (no X-ray emission

description included in the model) but possibly in the VHE gamma-rays as well. Even if the

current significance of the short-time variability found in the LS I +61◦303 data of MAGIC

is not strong enough to establish this feature firmly, the evidence for it presented in this

thesis is compelling enough to consider models to be more realistic which are able to explain

such fast changes in the flux level in both X-rays and VHE gamma-rays. This is even further

backed up by the evidence for X-ray/TeV correlation presented in this thesis. While the

VHE spectrum can at least be partly described by the free pulsar wind model (with a power

law energy spectrum for the electrons), the new challenge is to describe the simultaneous

SED presented here.
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7.13 Conclusions resulting from the LS I +61◦303 ob-

servations

The detailed investigation of the emission processes in LS I +61◦303 disproved almost all

models available at the time of its discovery in VHE gamma-rays. The VHE data presented

here should increase the interest in this new class of TeV sources. Several new or modified

models were developed to explain the emission profile of LS I +61◦303. Both microquasar

and pulsar wind models can describe certain features such as the position of the maximum

flux level in the VHE gamma-ray domain. The models of Bednarek (2006a) and Gupta and

Böttcher (2006) are currently the best description in the framework of the microquasar sce-

nario. Nonetheless, they have yet to describe the simultaneously derived SED (see Fig. 7.29)

and to give a more detailed description of the light curve obtained in the VHE gamma-ray

band.

Of all the pulsar wind models, the one developed by Sierpowska-Bartosik and Torres

(2009) describes the light curve and the spectral shape in VHE gamma-rays best. The model

still lacks an explanation of the broad band spectrum and possible short-time variability,

but it is still one of the most promising candidates to explain the observed VHE emission of

LS I +61◦303.

To summarize, it is clear that the geometry of the system imposes several crucial pa-

rameters for a successful understanding of the processes taking place in LS I +61◦303. The

emission cannot be explained only by absorption or accretion rate variability - additional,

more complex, processes like cascading lead to a better description of the system. Finally,

none of the models supposing a hadronic origin of the VHE gamma-rays can give a good

description of the radiation emitted by LS I +61◦303.

7.14 Future observations with MAGIC I and MAGIC II

The sensitivity of MAGIC I and MAGIC II in stereo mode10 will be about two times better

compare to MAGIC I. In 2009 and 2010 an observation campaign of 70 hours duration is

planned on LS I +61◦303 with both telescopes. These observations are expected to yield a 5σ

detection within an observation time of 4 hours if the flux of LS I +61◦303 exceeds 2.8% of the

Crab Nebula flux which corresponds to F (E > 300GeV) = 3.2×10−12 cm2 s−1. This implies

a huge advantage compared to the present measurements. With this sensitivity a spectrum

of LS I +61◦303 could be derived for almost each night in the orbital phases 0.8–1.0 if the

10The term ”stereo mode means to observe the same shower simultaneous with both telescopes
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emission level is the same as in OC III11. With this large number of spectra, details about

spectral variability (which are already hinted in the analysis presented in chapter 7.7) can be

verified with high significance. In addition, a correlation study between the VHE gamma-ray

spectral index and the X-ray spectral index will be possible. For this correlation study, the

number of obtained spectra must be as large as possible and the errors on the spectral index

must be small enough to achieve a high significance for the correlation coefficient. These

requirements are fulfilled due to the improved sensitivity in the planned observations. A

spectral index correlation between the X-ray and the VHE gamma-ray emission is important

to identify the particle population (hadrons or leptons) causing both emissions.

Furthermore, the higher sensitivity will allow to detect LS I +61◦303 in phases where the

current sensitivity of MAGIC I was too low to yield a confident detection. Even in the case of

improved upper limits in orbital phases where currently no gamma-ray emission is detected

the restrictions placed on the model description of the phasefolded LC will be at least two

times stronger compared to the current restrictions. With these even stronger constraints a

further discrimination between the emission models might be possible.

Another advantage of the higher sensitivity will be the improved chances in search for

short timescale variability. In the study presented in this thesis, hints for variability on

the time scale of about 30 minutes were already found. The measurements of MAGIC I

and MAGIC II will provide a solid evidence (more than 4σ significance) for short timescale

variability if the same increase of flux is measured as shown in Fig. 7.9.

Altogether, the observation of LS I +61◦303 with both MAGIC telescopes will further

increase the understanding of the processes taking place in the system.

11No individual night yielded a detection with 5σ in OC III



Chapter 8

Conclusion and Outlook

This work demonstrates that the detailed study of a single object with a large amount of

observation time can yield very valuable scientific information and leads to definite exclusion

of certain emission scenarios in the newly established gamma-ray binary LS I +61◦303, based

only on the VHE gamma-rays emitted by it. The fascinating but very complicated multi-

wavelength emission of gamma-ray binary systems is just beginning to be understood, and

this thesis points out the strong impact of the VHE gamma-ray data on our understanding

of the emission processes in this system.

A vital requirement to perform long-term studies over time spans of several years is the

study of performance stability of the instrument used in the investigation. For this reason, I

have checked the long-term stability of the MAGIC telescope using data from the Crab Neb-

ula taken in the years 2005–2008 and studied properties such as the spectrum and light curve.

In this performance study, in total 32.5 hours of data were taken in smaller subsamples, cov-

ering all different observation modes, telescope hardware setups, different zenith angle ranges

and background light conditions (dark and moon nights). The study demonstrates that the

system is very stable and the spectrum and light curve are not influenced by the zenith angle

distribution or moonlight, except (as expected) for an increase in the energy threshold of the

analysis. This enables the use of data taken under various observation conditions and thus

increases tremendously the duty cycle of the observations. In binary systems, a high-duty

cycle is the key factor to study variability timescales in order to search for periodicity and

to observe potentially irregular behavior from the averaged emission.

The performance study reveals a systematic increase of the flux level by 12% and a

hardening of the spectral index of ∆Γ = 0.2, after upgrading the read-out system of MAGIC I

to the 2 GHz MUX FADC read-out. On the other hand, the change of the read-out improved

the sensitivity by 40% and the system became more stable.

The very high stability of MAGIC I enabled the detailed long-term study of the LS I +61◦303

187
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binary system between 2005 and 2008. A total observation time of 225 hours places LS I +61◦303

among the best-studied objects by MAGIC. The huge amount of observation time has led

to the discovery of the variable VHE gamma-ray emission of LS I +61◦303. Thus, for the

first time (after almost 30 years of observations), LS I +61◦303 is clearly identified as the

source of gamma-rays from this region, as first reported by COS B. In addition to the vari-

ability, the periodic nature of the emission was proven with high significance. The period of

P = 26.60 ± 0.45 d is compatible with the most precisely measured orbital period. This is

the first time that a periodicity could be proven by MAGIC and the second time in the field

of VHE gamma-ray astronomy.

The detailed investigation of the light curve exhibits that the emission takes place in out-

bursts between the orbital phases 0.6–0.7, with a peak gamma-ray flux of F (E > 400GeV) ∼
15×10−12 cm−2s−1 and varies slightly between individual orbital phases. In addition to this

periodically observed emission, additional sporadic significant fluxes are detected in other

orbital phases. These fluxes are irregularly observed in orbital phases after the outburst.

Whether this component is periodic could not be verified with the presently available data.

Nevertheless, the emissions cannot belong to a period of shorter timescale than the orbital

one, since there are no other prominent peaks at higher frequencies in the periodogram (after

subtracting the orbital periodic signal). To investigate if the additional signals are connected

to a longer super-orbital modulation, as observed in the radio emission of LS I +61◦303, the

observation must span an even longer time compared to the three years of data available for

my work.

The spectra derived from the periodic outburst do not differ in their spectral index and

are all compatible with the spectral index derived from the most significant spectrum of

observational campaign (OC) II (Γ = 2.6± 0.2stat ± 0.2sys). The spectra observed in phases

0.5–0.6 are compatible with the spectrum obtained from the phase range 0.6–0.7. Contrary

to this, a hint of spectral variability is found in the comparison of the spectra obtained in

the phase ranges 0.6–0.7 and 0.8–1.0 in OC III. It is shown that the latter spectrum can be

better described by a power law with variable spectral index compared to a simple power law.

The spectral variability could indicate that different production processes are responsible for

the VHE gamma-ray emission in the periodic outburst and the irregular detected fluxes in

OC III.

In addition to the VHE gamma-ray measurements, several multiwavelength campaigns in

the radio and X-ray bands were conducted. While no correlation between the radio and the

VHE gamma-ray emission from LS I +61◦303 was found, evidence for correlation between

data taken strictly simultaneously in X-rays (by XMM-Newton and Swift) and VHE gamma-
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rays in OC III could be revealed. The linear correlation has a coefficient r = 0.89+0.06
−0.13 and

yields a 3.4σ significance. In addition, another correlation (r = 0.71+0.16
−0.30) with about 2σ

significance is found for the phase-binned light curve in X-rays obtained by Swift and in

VHE gamma-rays obtained by MAGIC, taken in the same OC II. Thus, both correlations -

even though moderately significant - together provide compelling evidence for a connection

between both emissions. The correlated emission is probably produced by the same particle

population. This possibility could be verified if a correlation of the spectral index in the

X-ray and VHE gamma-ray emission was found. Such a spectral index correlation requires

much higher sensitivity in the VHE gamma-ray measurements to obtain smaller errors on the

spectral index of low flux level measurements and might be provided by future observations

of MAGIC I and II.

For the first time, a strictly simultaneous SED is composed from the simultaneous X-ray

and VHE gamma-ray measurements. The ratio between the energy density in X-rays and

VHE gamma-rays (EFX−rays/EFVHE > 1) favors synchrotron emission as the origin of the

X-rays while the VHE gamma-rays are most likely produced by inverse Compton emission

of relativistic electrons if the emission originates from the same particle population.

Finally, most of the models suggested to describe the emission of LS I +61◦303 prior

to its discovery in VHE gamma-rays need to be modified due to their incompatibility with

the measurements presented in this work. Several modified models appeared after the first

MAGIC data was published but most of them do not describe the light curve and spectrum

correctly of the most recent measurements by MAGIC. The best description of the VHE

gamma-ray data is provided by the pulsar wind model assuming that a power law distribution

of relativistic electrons in the free pulsar wind produces the VHE gamma-ray emission, due

to inverse Compton upscattering of UV stellar photons (Sierpowska-Bartosik and Torres,

2009). While a leptonic microquasar model, assuming cascading as the dominating emission

mechanism (Bednarek, 2006a) and another leptonic SSC microquasar model (Gupta and

Böttcher, 2006) well describe the flux level at VHE gamma-rays - at least in the main emission

phase - a detailed prediction for the full orbit has not yet been published. Furthermore, all

models can be tested on the first ever taken simultaneous SED presented here. All fits to

SED’s performed so far are composed from data taken up to decades apart in time (because

of the lack of simultaneous data) and are in consequence not useful to test models. Since no

compelling evidence at other wavelengths such as a radio jet or an X-ray emitting accretion

disc has been found, the microquasar scenario is disfavored by the results of the observations

presented in this thesis but this scenario cannot be fully excluded yet.

More sensitive measurements are needed to confirm the hints provided in this thesis for
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spectral and short timescale variability. Another observation campaign of 70 hours duration

is planned for 2009/2010 with MAGIC I and II. These two times more sensitive measurements

(compared to MAGIC I) will allow to detect spectral variability between the emissions in

individual orbital phases significantly, as well as to test for a potentially lower flux level

present at orbital phases where LS I +61◦303 is not yet detected. Within the planned

observation time of four hours per night, fluxes down to 2.8% of the Crab Nebula flux will

be detected with 5σ significance. This sensitivity will allow the extraction of a spectrum in

almost each night in the phase range 0.8–1.0 if the flux level is the same as in 2007 and 2008.

These spectra will allow to verify the hint for spectral differences between the phase ranges

0.8–1.0 and 0.6–0.7 with high confidence. Furthermore, the flux errors of the 30 minutes

binning used in the search for short timescale variability will yield already ∼ 4σ significance

in the simple and robust χ2–test procedure described in chapter 7.5. The short timescale

variability will provide an upper limit to the emitter extension and thus constrain all emission

models of LS I +61◦303. In addition, vital information about the emitter can be gained by

the investigation of spectral index correlation between the X-ray and the VHE gamma-ray

emission and will reveal the particle population causing the emissions. This correlation study

will only be possible if the error of the spectral index of the MAGIC spectrum is at least as

small as the one obtained from the outburst fluxes in phase 0.6–0.7. This will be achieved in

phase ranges where the flux of LS I +61◦303 is at least about 5% of the Crab Nebula flux. On

the other hand, a sensitive X-ray instrument providing excellent time coverage of the source

is needed for the correlation study as well. Since long-term studies will most probably not

be granted with the most sensitive X-ray instruments on board XMM-Newton and Chandra

the only tools for this kind of study are the future sensitive all-sky monitoring missions such

as the Japanese X-ray observatory, MAXI which is scheduled to be launched this summer

(2009). In addition, the simultaneous measurements by FERMI and MAGIC (in 2009/2010)

will close the gap in the SED between the X-ray and VHE gamma-ray spectra and will help

in judging which emission process is at work in all energy ranges.

The longer-term future of VHE gamma-ray binary studies lies in the planned Cherenkov

Telescope Array (CTA) which might host up to 100 Cherenkov telescopes and will cover

an energy range between several ten’s of GeV to about 100 TeV, with a peak sensitivity

ten times better than the current experiments. With this extremely sensitive instrument, it

is likely that many more binary systems shall be discovered and the currently established

systems like LS I +61◦303 might be the base model for the whole population of gamma-ray

binaries to be discovered.



Appendix A

LS I +61◦303 observational details

In this Appendix, the details on the observations of LS I +61◦303 are reported which are

not presented in the main text. These details mainly serve the purpose to provide the reader

with the full information of data, so that he will be able to form his own opinion about the

conclusions of the author.

A.1 LS I +61◦303 light curve for MAGIC OC III

The full information about the data with lower analysis energy threshold of E < 300 GeV.
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Middle Time Obs. Time Phase Flux Upper limit
(MJD) (min) 10−12 10−12

(cm−2 s−1) (cm−2 s−1)
54348.15∗ 203 0.47 1.1±1.7 4.6
54349.16∗ 210 0.51 -1.9±2.0 2.5
54350.14∗ 215 0.55 0.2±2.1 4.4
54351.16∗ 220 0.59 -0.1±2.2 4.2
54352.16∗ 221 0.62 15.7±2.4 · · ·
54353.16 224 0.66 7.7±2.1 · · ·
54354.17 213 0.70 2.8±2.2 7.1
54355.15 172 0.74 0.3±2.3 4.8
54356.14 149 0.77 0.1±2.5 5.1
54357.15 178 0.81 6.4±2.3 · · ·
54358.15 179 0.85 8.1±2.4 · · ·
54359.15 184 0.89 2.9±2.4 7.7
54360.15 177 0.93 5.7±2.5 · · ·
54361.15 183 0.96 5.3±2.4 · · ·
54362.15 189 0.00 -0.6±2.4 4.2
54363.16 139 0.04 7.5±2.8 · · ·
54364.15 196 0.08 3.8±1.9 · · ·
54464.86 131 0.88 2.0±2.9 7.9
54465.86 131 0.92 7.8±3.0 · · ·
54466.87 100 0.95 8.9±3.4 · · ·
54467.86 121 0.99 7.4±2.9 · · ·

Table A.1: Observation time, orbital phase, integral flux (above 300 GeV), flux upper limit
at the 95% confidence level (given in case flux significance is . 2σ, (Rolke et al., 2005,
following)). Nights partly taken under moonlight conditions are labeled with an asterisk.
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Figure A.1: The integral flux above E > 300 GeV of LS I +61◦303 versus the orbital phase
for OC III is shown for each orbit. The lowermost panel shows the averaged integral flux in
phase range intervals of ∆φ = 0.1.
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A.2 LS I +61◦303 intranight light curves
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Figure A.2: Intranight light curves of LS I +61◦303 in OC I with ∆t = 30 min binning
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 / ndf 2χ  0.4794 / 2
p0        0.229± 1.108 

LC of Day 23

time [Mjd]
53769.84 53769.86 53769.88 53769.9 53769.92

0

0.5

1

1.5

2

 / ndf 2χ    4.3 / 2
p0        0.2176± 0.3293 

 / ndf 2χ    4.3 / 2
p0        0.2176± 0.3293 

LC of Day 24

time [Mjd]
53782.86 53782.88 53782.9 53782.92 53782.94

-0.8

-0.6

-0.4

-0.2

-0

0.2

0.4

0.6

 / ndf 2χ   2.25 / 3
p0        0.1718± -0.0446 

 / ndf 2χ   2.25 / 3
p0        0.1718± -0.0446 

LC of Day 25

time [Mjd]
53783.85 53783.87 53783.89 53783.91 53783.93

-0.4

-0.2

0

0.2

0.4

0.6

LC of Day 26  / ndf 2χ  0.2331 / 3
p0        0.1872± 0.03901 

 / ndf 2χ  0.2331 / 3
p0        0.1872± 0.03901 

LC of Day 26

time [Mjd]
53784.86 53784.88 53784.9 53784.92 53784.94

-0.4

-0.2

0

0.2

0.4

0.6

0.8

1

1.2

1.4

 / ndf 2χ   1.47 / 3
p0        0.1847±  0.21 

 / ndf 2χ   1.47 / 3
p0        0.1847±  0.21 

LC of Day 27

time [Mjd]
53785.85 53785.87 53785.89 53785.91 53785.93

-0.2

0

0.2

0.4

0.6

0.8

1

1.2

 / ndf 2χ  1.128 / 3
p0        0.1998± 0.4989 

 / ndf 2χ  1.128 / 3
p0        0.1998± 0.4989 

LC of Day 28

time [Mjd]
53788.85 53788.87 53788.89 53788.91 53788.93

-1.5

-1

-0.5

0

0.5

1

1.5

 / ndf 2χ  11.77 / 3
p0        0.1931± -0.1053 

 / ndf 2χ  11.77 / 3
p0        0.1931± -0.1053 

LC of Day 29

time [Mjd]
53789.85 53789.87 53789.89 53789.91-0.4

-0.3

-0.2

-0.1

0

0.1

0.2

0.3

0.4

0.5

 / ndf 2χ  0.0003335 / 2
p0        0.205± 0.07514 

 / ndf 2χ  0.0003335 / 2
p0        0.205± 0.07514 

LC of Day 30

time [Mjd]
53790.85 53790.87 53790.89 53790.91

-0.2

0

0.2

0.4

0.6

0.8

1

1.2

 / ndf 2χ  1.065 / 2
p0        0.2363± 0.5178 

 / ndf 2χ  1.065 / 2
p0        0.2363± 0.5178 

LC of Day 31

time [Mjd]
53792.85 53792.8653792.87 53792.88 53792.89 53792.9 53792.91

-0.4

-0.2

0

0.2

0.4

0.6

0.8

1

1.2

1.4

 / ndf 2χ  2.096 / 2
p0        0.2263± 0.2829 

 / ndf 2χ  2.096 / 2
p0        0.2263± 0.2829 

LC of Day 32

time [Mjd]
53796.865 53796.875 53796.885 53796.895 53796.905

0.8

1

1.2

1.4

1.6

1.8

2

2.2

2.4

 / ndf 2χ  0.3868 / 1
p0        0.3841± 1.608 

 / ndf 2χ  0.3868 / 1
p0        0.3841± 1.608 

LC of Day 33

time [Mjd]
53797.86 53797.87 53797.88 53797.89 53797.9

-0.2

0

0.2

0.4

0.6

0.8

 / ndf 2χ  0.006754 / 1
p0        0.2726± 0.3246 

 / ndf 2χ  0.006754 / 1
p0        0.2726± 0.3246 

LC of Day 34

time [Mjd]
53798.896 53798.9 53798.904 53798.908 53798.912

-1

-0.5

0

0.5

1

LC of Day 35  / ndf 2χ  3.98e-36 / 0
p0        0.8695± -0.01453 

 / ndf 2χ  3.98e-36 / 0
p0        0.8695± -0.01453 

LC of Day 35

Figure A.3: Intranight light curves of LS I +61◦303 in OC I with ∆t = 30 min binning
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time [Mjd]
53993.12 53993.14 53993.16 53993.18 53993.2 53993.22 53993.24

-0.5

0

0.5

1

1.5

 / ndf 2χ  0.9037 / 4
p0        0.284± 0.6155 

 / ndf 2χ  0.9037 / 4
p0        0.284± 0.6155 

LC of Day 0

time [Mjd]
53994.12 53994.14 53994.16 53994.18 53994.2 53994.22

-0.5

0

0.5

1

1.5

 / ndf 2χ  1.485 / 3
p0        0.3259± 0.3611 

 / ndf 2χ  1.485 / 3
p0        0.3259± 0.3611 

LC of Day 1

time [Mjd]
53995.1 53995.14 53995.18 53995.22

-2

-1.5

-1

-0.5

0

0.5

1

1.5

2

 / ndf 2χ  8.003 / 5
p0        0.3059± -0.1711 

 / ndf 2χ  8.003 / 5
p0        0.3059± -0.1711 

LC of Day 2

time [Mjd]
53997.05 53997.1 53997.15 53997.2 53997.25

-1.5

-1

-0.5

0

0.5

1

1.5

 / ndf 2χ  2.639 / 7
p0        0.2471± -0.07477 

 / ndf 2χ  2.639 / 7
p0        0.2471± -0.07477 

LC of Day 3

time [Mjd]
53998.06 53998.1 53998.14 53998.18 53998.22

-2

-1.5

-1

-0.5

0

0.5

1

1.5

2

2.5

 / ndf 2χ   5.72 / 7
p0        0.2789± 0.248 

 / ndf 2χ   5.72 / 7
p0        0.2789± 0.248 

LC of Day 4

time [Mjd]
53999.06 53999.08 53999.1 53999.12 53999.14 53999.16

-1

-0.5

0

0.5

1

1.5

2

2.5

3

 / ndf 2χ  4.282 / 4
p0        0.3189± 0.4783 

 / ndf 2χ  4.282 / 4
p0        0.3189± 0.4783 

LC of Day 5

time [Mjd]
54001.07 54001.09 54001.11 54001.13 54001.15-3

-2

-1

0

1

2

 / ndf 2χ   3.37 / 3
p0        0.507± -0.4241 

 / ndf 2χ   3.37 / 3
p0        0.507± -0.4241 

LC of Day 6

time [Mjd]
54002.02 54002.06 54002.1 54002.14 54002.18

-1.5

-1

-0.5

0

0.5

1

1.5

 / ndf 2χ  1.885 / 6
p0        0.3138± 0.07556 

 / ndf 2χ  1.885 / 6
p0        0.3138± 0.07556 

LC of Day 7

time [Mjd]
54003.02 54003.04 54003.06 54003.08 54003.1 54003.12 54003.14

-1.5

-1

-0.5

0

0.5

1

1.5

2

2.5

LC of Day 8  / ndf 2χ  3.605 / 5
p0        0.385± 0.4649 

 / ndf 2χ  3.605 / 5
p0        0.385± 0.4649 

LC of Day 8

time [Mjd]
54004 54004.04 54004.08 54004.12

-1.5

-1

-0.5

0

0.5

1

1.5

2

 / ndf 2χ  2.001 / 5
p0        0.3724± 0.1028 

 / ndf 2χ  2.001 / 5
p0        0.3724± 0.1028 

LC of Day 9

time [Mjd]
54005 54005.04 54005.08 54005.12-2

-1

0

1

2

3

4

5

 / ndf 2χ  12.47 / 5
p0        0.3519± 0.1994 

 / ndf 2χ  12.47 / 5
p0        0.3519± 0.1994 

LC of Day 10

time [Mjd]
54006 54006.04 54006.08 54006.12

-2

-1.5

-1

-0.5

0

0.5

1

1.5

2

 / ndf 2χ  3.721 / 5
p0        0.3686± 0.5723 

 / ndf 2χ  3.721 / 5
p0        0.3686± 0.5723 

LC of Day 11

time [Mjd]
54007.02 54007.04 54007.06 54007.08 54007.1 54007.12 54007.14

-2

-1

0

1

2

3

 / ndf 2χ  7.191 / 4
p0        0.4101± 0.9974 

 / ndf 2χ  7.191 / 4
p0        0.4101± 0.9974 

LC of Day 12

time [Mjd]
54008 54008.04 54008.08 54008.12

-2

-1

0

1

2

3

 / ndf 2χ  4.022 / 5
p0        0.4318± 1.476 

 / ndf 2χ  4.022 / 5
p0        0.4318± 1.476 

LC of Day 13

time [Mjd]
54009.02 54009.04 54009.06 54009.08 54009.1 54009.12 54009.14

-1.5

-1

-0.5

0

0.5

1

1.5

2

2.5

3

 / ndf 2χ  4.369 / 4
p0        0.3622± 0.7187 

 / ndf 2χ  4.369 / 4
p0        0.3622± 0.7187 

LC of Day 14

time [Mjd]
54013.237 54013.238 54013.239 54013.24 54013.241 54013.242

-1.5

-1

-0.5

0

0.5

1

1.5

 / ndf 2χ  2.02e-35 / 0
p0        1.544± -0.05846 

 / ndf 2χ  2.02e-35 / 0
p0        1.544± -0.05846 

LC of Day 15

time [Mjd]
54022 54022.05 54022.1 54022.15 54022.2 54022.25

-2

-1.5

-1

-0.5

0

0.5

1

1.5

2

 / ndf 2χ  3.023 / 7
p0        0.2436± 0.3413 

 / ndf 2χ  3.023 / 7
p0        0.2436± 0.3413 

LC of Day 16

time [Mjd]
54022.95 54023 54023.05 54023.1 54023.15 54023.2 54023.25

-3

-2

-1

0

1

2

LC of Day 17  / ndf 2χ  20.63 / 9
p0        0.2122± -0.463 

 / ndf 2χ  20.63 / 9
p0        0.2122± -0.463 

LC of Day 17

Figure A.4: Intranight light curves of LS I +61◦303 in OC II with ∆t = 30 min binning
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time [Mjd]
54024.074 54024.078 54024.082 54024.086 54024.09

-2.5

-2

-1.5

-1

-0.5

 / ndf 2χ      0 / 0
p0        0.9985± -1.509 

 / ndf 2χ      0 / 0
p0        0.9985± -1.509 

LC of Day 18

time [Mjd]
54028.98 54029 54029.02 54029.04 54029.06 54029.08

-1.5

-1

-0.5

0

0.5

1

 / ndf 2χ  1.463 / 4
p0        0.3277± 0.07852 

 / ndf 2χ  1.463 / 4
p0        0.3277± 0.07852 

LC of Day 19

time [Mjd]
54029.94 54029.98 54030.02 54030.06

-4

-3

-2

-1

0

1

2

3

 / ndf 2χ  11.43 / 5
p0        0.3042± 0.002647 

 / ndf 2χ  11.43 / 5
p0        0.3042± 0.002647 

LC of Day 20

time [Mjd]
54030.94 54030.98 54031.02 54031.06

-0.5

0

0.5

1

1.5

2

2.5

3

3.5

 / ndf 2χ  4.192 / 5
p0        0.3602± 0.9744 

 / ndf 2χ  4.192 / 5
p0        0.3602± 0.9744 

LC of Day 21

time [Mjd]
54031.96 54031.98 54032 54032.02 54032.04 54032.06

-1

-0.5

0

0.5

1

1.5

2

 / ndf 2χ  1.155 / 4
p0        0.4056± 0.7298 

 / ndf 2χ  1.155 / 4
p0        0.4056± 0.7298 

LC of Day 22

time [Mjd]
54035.04 54035.08 54035.12 54035.16 54035.2-1

0

1

2

3

4

5

6

7

 / ndf 2χ  9.445 / 5
p0        0.3737± 1.431 

 / ndf 2χ  9.445 / 5
p0        0.3737± 1.431 

LC of Day 23

time [Mjd]
54039.04 54039.06 54039.08 54039.1 54039.12

-0.5

-0.4

-0.3

-0.2

-0.1

0

0.1

0.2

0.3

 / ndf 2χ    nan / 2
p0            0±   nan 

 / ndf 2χ    nan / 2
p0            0±   nan 

LC of Day 24

time [Mjd]
54055.9 54055.94 54055.98 54056.02

-1

-0.5

0

0.5

1

1.5

2

2.5

3

 / ndf 2χ  4.986 / 6
p0        0.3114± 0.5137 

 / ndf 2χ  4.986 / 6
p0        0.3114± 0.5137 

LC of Day 25

time [Mjd]
54056.86 54056.9 54056.94 54056.98 54057.02

-2

-1

0

1

2

3

LC of Day 26  / ndf 2χ  6.989 / 7
p0        0.2928± 0.1113 

 / ndf 2χ  6.989 / 7
p0        0.2928± 0.1113 

LC of Day 26

time [Mjd]
54057.88 54057.89 54057.9 54057.91 54057.92 54057.93

-1

0

1

2

3

 / ndf 2χ  3.156 / 2
p0        0.5134± 0.4727 

 / ndf 2χ  3.156 / 2
p0        0.5134± 0.4727 

LC of Day 27

time [Mjd]
54058.875 54058.885 54058.895 54058.905 54058.915

-1

-0.5

0

0.5

1

1.5

2

 / ndf 2χ  2.975 / 1
p0        0.4397± 0.1592 

 / ndf 2χ  2.975 / 1
p0        0.4397± 0.1592 

LC of Day 28

time [Mjd]
54059.99 54059.994 54059.998 54060.002

1.2

1.4

1.6

1.8

2

2.2

2.4

2.6

2.8

3

 / ndf 2χ      0 / 0
p0        0.9035± 2.103 

 / ndf 2χ      0 / 0
p0        0.9035± 2.103 

LC of Day 29

time [Mjd]
54061.86 54061.9 54061.94 54061.98 54062.02 54062.06

-1

0

1

2

3

 / ndf 2χ  8.939 / 7
p0        0.3079± 0.5194 

 / ndf 2χ  8.939 / 7
p0        0.3079± 0.5194 

LC of Day 30

time [Mjd]
54062.86 54062.9 54062.94 54062.98 54063.02 54063.06

-2

-1

0

1

2

3

 / ndf 2χ  8.887 / 7
p0        0.3086± 0.6042 

 / ndf 2χ  8.887 / 7
p0        0.3086± 0.6042 

LC of Day 31

time [Mjd]
54063.91 54063.93 54063.95 54063.97

-1

0

1

2

3

4

5

6

7

8

 / ndf 2χ  2.839 / 2
p0        0.5669± 0.7028 

 / ndf 2χ  2.839 / 2
p0        0.5669± 0.7028 

LC of Day 32

time [Mjd]
54064.9 54064.95 54065 54065.05 54065.1

-2

-1.5

-1

-0.5

0

0.5

1

1.5

2

 / ndf 2χ  1.433 / 2
p0        0.5244± 0.4495 

 / ndf 2χ  1.433 / 2
p0        0.5244± 0.4495 

LC of Day 33

time [Mjd]
54065.94 54065.98 54066.02 54066.06 54066.1

-2

-1.5

-1

-0.5

0

0.5

1

1.5

2

 / ndf 2χ  5.777 / 6
p0        0.3408± 0.08909 

 / ndf 2χ  5.777 / 6
p0        0.3408± 0.08909 

LC of Day 34

time [Mjd]
54066.96 54067 54067.04 54067.08

-1.5

-1

-0.5

0

0.5

1

1.5

2

LC of Day 35  / ndf 2χ  3.135 / 6
p0        0.3106± 0.1302 

 / ndf 2χ  3.135 / 6
p0        0.3106± 0.1302 

LC of Day 35

Figure A.5: Intranight light curves of LS I +61◦303 in OC II with ∆t = 30 min binning
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time [Mjd]
54068.03 54068.05 54068.07 54068.09 54068.11

-3

-2

-1

0

1

 / ndf 2χ  0.6277 / 3
p0        0.4874± -0.2925 

 / ndf 2χ  0.6277 / 3
p0        0.4874± -0.2925 

LC of Day 36

time [Mjd]
54081.884 54081.888 54081.892 54081.896

-1

-0.8

-0.6

-0.4

-0.2

0

0.2

0.4

0.6

 / ndf 2χ  1.488e-33 / 0
p0        0.7196± -0.203 

 / ndf 2χ  1.488e-33 / 0
p0        0.7196± -0.203 

LC of Day 37

time [Mjd]
54082.82 54082.84 54082.86 54082.88

-1.5

-1

-0.5

0

0.5

1

1.5

2

 / ndf 2χ  1.671 / 2
p0        0.497± 0.279 

 / ndf 2χ  1.671 / 2
p0        0.497± 0.279 

LC of Day 38

time [Mjd]
54083.86 54083.87 54083.88 54083.89 54083.9

-1.5

-1

-0.5

0

0.5

1

 / ndf 2χ  0.04468 / 1
p0        0.651± -0.06888 

 / ndf 2χ  0.04468 / 1
p0        0.651± -0.06888 

LC of Day 39

time [Mjd]
54084.83 54084.84 54084.85 54084.86 54084.87

-2

-1.5

-1

-0.5

0

0.5

1

1.5

2

 / ndf 2χ  3.663 / 1
p0        0.6009± 0.2706 

 / ndf 2χ  3.663 / 1
p0        0.6009± 0.2706 

LC of Day 40

time [Mjd]
54085.85 54085.9 54085.95 54086 54086.05

-0.6

-0.4

-0.2

0

0.2

0.4

0.6

0.8

1

 / ndf 2χ    nan / 4
p0            0±   nan 

 / ndf 2χ    nan / 4
p0            0±   nan 

LC of Day 41

time [Mjd]
54086.85 54086.9 54086.95 54087 54087.05

-1

0

1

2

3

4

5

 / ndf 2χ  13.54 / 10
p0        0.2378± 1.174 

 / ndf 2χ  13.54 / 10
p0        0.2378± 1.174 

LC of Day 42

time [Mjd]
54087.9854087.99 54088 54088.01 54088.0254088.03 54088.04

-0.5

0

0.5

1

1.5

2

2.5

3

 / ndf 2χ  1.455 / 2
p0        0.507± 1.597 

 / ndf 2χ  1.455 / 2
p0        0.507± 1.597 

LC of Day 43

time [Mjd]
54088.8 54088.85 54088.9 54088.95 54089

-0.5

0

0.5

1

1.5

2

LC of Day 44  / ndf 2χ  0.313 / 3
p0        0.3566± 0.3926 

 / ndf 2χ  0.313 / 3
p0        0.3566± 0.3926 

LC of Day 44

time [Mjd]
54089.875 54089.88 54089.885 54089.89 54089.895 54089.9

-0.4

-0.2

0

0.2

0.4

0.6

 / ndf 2χ      0 / 0
p0        0.4523± 0.105 

 / ndf 2χ      0 / 0
p0        0.4523± 0.105 

LC of Day 45

time [Mjd]
54090.82 54090.86 54090.9 54090.94

-1

0

1

2

3

 / ndf 2χ  7.129 / 5
p0        0.3039± 0.3412 

 / ndf 2χ  7.129 / 5
p0        0.3039± 0.3412 

LC of Day 46

time [Mjd]
54091.84 54091.86 54091.88 54091.9 54091.92 54091.94

-2.5

-2

-1.5

-1

-0.5

0

0.5

1

1.5

2

 / ndf 2χ  3.889 / 4
p0        0.3769± 0.05102 

 / ndf 2χ  3.889 / 4
p0        0.3769± 0.05102 

LC of Day 47

time [Mjd]
54092.89 54092.91 54092.93 54092.950

0.5

1

1.5

2

2.5

3

3.5

 / ndf 2χ  1.832 / 2
p0        0.4859± 1.741 

 / ndf 2χ  1.832 / 2
p0        0.4859± 1.741 

LC of Day 48

time [Mjd]
54093.93 54093.95 54093.97 54093.99 54094.01

-0.5

0

0.5

1

1.5

2

2.5

3

 / ndf 2χ  2.322 / 2
p0        0.4879± 0.9481 

 / ndf 2χ  2.322 / 2
p0        0.4879± 0.9481 

LC of Day 49

time [Mjd]
54094.98 54094.99 54095 54095.01 54095.02

-0.2

-0.1

0

0.1

0.2

0.3

0.4

0.5

0.6

 / ndf 2χ  0.5209 / 1
p0        0.1727± 0.2012 

 / ndf 2χ  0.5209 / 1
p0        0.1727± 0.2012 

LC of Day 50

time [Mjd]
54095.99 54096 54096.01 54096.02 54096.03-2

-1.5

-1

-0.5

0

0.5

1

1.5

2

LC of Day 51  / ndf 2χ  1.931 / 1
p0        0.6219± 0.5087 

 / ndf 2χ  1.931 / 1
p0        0.6219± 0.5087 

LC of Day 51

Figure A.6: Intranight light curves of LS I +61◦303 in OC II with ∆t = 30 min binning
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time [Mjd]
54348.08 54348.12 54348.16 54348.2 54348.24

-0.6

-0.4

-0.2

0

0.2

0.4

0.6

0.8

1

 / ndf 2χ  7.832 / 6
p0        0.1072± -0.01089 

 / ndf 2χ  7.832 / 6
p0        0.1072± -0.01089 

LC of Day 0

time [Mjd]
54349.08 54349.12 54349.16 54349.2 54349.24

-1

-0.5

0

0.5

1

 / ndf 2χ  10.48 / 7
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Figure A.7: Intranight light curves of LS I +61◦303 in OC III with ∆t = 30 min binning
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Figure A.8: Intranight light curves of LS I +61◦303 in OC III with ∆t = 30 min binning

A.3 LS I +61◦303 spectra
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Figure A.9: The spectral energy distribution obtained from LS I +61◦303 of OC III, fit-
ted with a power law with variable spectral index. The Bertero method (red), Tikonove
(green) and the Schmelling method (blue) agree very well within the errors. The spectral
energy distribution is much better described by this shape compared to a simple power law
(see A.10).
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Figure A.10: The upper panel shows the three different unfolding procedures for the spectral
energy distribution of OC III in the phase range φ ∈ [0.6, 0.7]. The Betero method (red),
Tikonove (green) and the Schmelling method (blue) agree very well within the errors. The
lower panel displays the same for the phase range φ ∈ [0.8, 1.0]. While in the upper panel
the power law describes the spectral energy distribution well, the spectra in the lower panel
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A.4 Estimation of the significance of the X-ray/TeV

correlation in LS I +61◦303

To estimate the significance of the linear correlation coefficient of r = 0.89+0.06
−0.13 as obtained

in chapter 7.10.2, two simulations are performed. In the first simulation two independent

variables are randomly drawn from flat distributions. Ten such uncorrelated pairs are drawn

(the same number as the correlated points in case of the LS I +61◦303 measurements) and the

correlation coefficient is calculated. This is repeated 107 times and the obtained correlation

coefficient distribution is used to calculate the probability that r > 0.89 is obtained. The

obtained probability is ∼ 6× 10−4 and the corresponding histogram of r shown in Fig. A.11.

The second type of simulation shuffles the measured distribution of X-ray and TeV flux

measurements. Each value is used only once and in total (10!) different combinations are

possible. I computed 106 random shuffles and calculated in the same way as for the flat distri-

bution simulation the probability of obtaining an r > 0.89. The probability is ∼ 6.5× 10−4.

The corresponding r-distribution is shown in Fig. A.12. Notice, that the r-distribution ob-

tained due to shuffling is not symmetric, indicating that the flux points are not symmetrically

distributed around the mean value. In principle, a bias due to our measurements is possible

and thus, the shuffling method might be in some cases not a good approximation of the

real distribution of the flux values. The main problem is that only very view measurements

(10) are taken and that there is no guarantee that these form a representative sample of

the real distribution of flux values. For this reason the flat distribution simulation is per-

formed, which leads to a similar false alarm probability. Consequently the linear correlation

coefficient gives a 3.4σ evidence for a correlation between both flux distributions.
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Figure A.11: The obtained linear correlation coefficient distribution after 107 simulations
of ten pairs of two independent flat distributed variables is shown in the upper panel. The
lower panel shows the probability to obtain a higher linear correlation coefficient than r.
The red line displays the correlation coefficient obtained from the X-ra/TeV correlation in
LS I +61◦303.
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